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1. INTRODUCTION

This meeting, which deals with turbulence in stars, opens with a review on ther-
mal convection. There is no better way to state from the start that among all insta-
bilities that are likely to arise in stars, it is thermal convection which is the
most firmly established as a cause for the turbulence that we observe on their surface.
Our confidence in this comes mainly from the theoretical prediction that convective
instability sets in whenever the density stratification becomes superadiabatic, as is
e€xpected in late type stars whose outer: layers are very opaque, due to the ionization
of the two most abundant elements, hydrogen and helium. And, in these stars at least,
thermal convection occurs close enough to the photosphere to influence, be it indi-
Tectly, the profile of spectral lines.

A whole TAU colloquium has been devoted three years ago in Nice to the topic of
Stellar convection, and one finds in its proceedings an extensive account of what
¥was the state of the problem. Some progress has been accomplished since then, and
naturally I will spend most of my time describing recent work, and even work in progess
that I an aware of. But on the assumption that some of you are not too familiar with

the subject, let me first recall some generalities.

2. A HIGHLY NONLINEAR PROBLEM

Thermal convection is described by a set of well-known equations, which state the
Conservation of mass
3
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that of momentum
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and that of heat (or entropy)

T (2 4 ws) = YD 4 g (3)

One can combine these equations to establish the conservation of total energy
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1 use here the classical notations for the gravity vector ( g_) and the velocity
field ( V ); the pressure ( P ), the entropy ( § ), the enthalpy ( B ) and the ther—
mal conductivity ( K ) are all known functions of therdensity ( p ) and the temperatu-
re ( T ). The viscous force ( iv ), the viscous dissipation ( dv )} and the so-called
viscous flux ( EV ) need not to be explicited for this purpose. The assumption has
been made that the medium is optically thick, so that the radiative flux is propor-
tional to the temperature gradient; H pV is the convective flux, and 1/2 p v2 V the
mechanical energy £lux.

Even a layman realizes that the differential system formed by the first three
equations is highly nonlinear, and he may guess that most difficulties in treating
the problem are due to this nonlinearity. To stress that point, it suffices perhaps
to recall that the most simple version of this system ohtained by neglecting the buoy-
ancy and assuming that the demsity is constant, and thus retaining only the two first
equations (which the fluid dynamicists refer to as the Navier-Stokes equations), has
no general solution that would be valid over a large range of parameters.

The nonlinearities of the problem have a double role. First they prevent the
motions, once the instability has set in, from growing for ever exponentially. Second,
they generate a whole set of scales in the velocity field, and they interconmnect them.
The term responsible for this is the advection term (V V) V, and no wonder that this
term, plus a similar one in the heat equation, mamely V VS8, are the most difficult to
deal with when attempting to solve the problem numerically.

In fact, the various approaches to the problem that have been deviaed so far differ
mainly in how they treat these advection terms. The most ambitious approach would be
of course to consider all scales, and to calculate explicitly those nonlinear terms.
However in all cases of astrophysical interest, this is out of question since the
scales involved span several orders of magnitude (typically eight or more), and even
if the velocity field were homogeneous in space, which it is not, describing all these
scales would be well beyond the capabilities of the present computers. Therefore one
has always, at one stade or another, to make some simplifying assumption. An impressi-
ve portion of the fluid dynamical literature has been devoted to the subject of how
to best model convective transport, that is the advection, by prescribed motions, of

a scalar or of a vector field. Let us briefly recall how this is done most commonly.



3. APPROXIMATING THE CONVECTIVE TRANSPORT

The simplest situation one can imagine is that of the advection of a passive
scalar, ignoring molecular diffusion. The conservation equation for this scalar (which
may be a dye in water, a pollutant in the atmosphere or entropy in thermal convection)

takes the simple form

3s
g8 . = 0
5t + VeVs (5)

§ being the concentration.

Experiments and observations show that in many instances, in particular when the
motions are turbulent, the scalar just diffuses away. Thus in that case some local
average of s, which we will designate by s without further defining it, obeys a diffu-

sion law

3s 3 =

Y Vel xp Vs ) 0 (6)
The turbulent diffusivity X7 is given by

Xp = lu

U being the mean turbulent velocity and 7 the miming length. The latter has been intro-
duced by Prandtl (1925), and can be viewed as the distance a turbulent element travels

before it dissolves in the medium and dumps there the scalar quantity that it has car-

tied to that point.

For this diffusion approximation to be valid, a necessary condition is obviously
that the mixing lemgth be smaller than the scale characterizing the spatial variation
of §. Unfortunately, this is not a sufficient condition, as it has been recognized in
many cases.

The most recent work on this subject is that by Knobloch (1978), who begins to

éstablish a formal expression for the time derivative of s
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The J(; are differential operators which can in principle be determined for a given

Velocity field. If this field is isotropic and varies slowly enough in space and time,

the o 2Te given by

K, = n’; v+ n’Z v L+ ni,vm' (8)
(where m', an even number, is either m or m~1). The coefficients n? are integrals in-
Volving the velocity distribution and its successive moments.
For m = 2, one recovers the above mentioned diffusion approximation, with n§
being the turbulent diffusivity. For higher m, the coefficient in front of the Lapla-
cian operator becomes

2 3 4
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and thus the diffusivity is modified, even when the higher order operators play a



negligible role. The important fact to notice therefore is that at each step of appro-
ximation, as.m increases, the coefficient multiplying each differential operator is
renormalized.

Moreover, the series is known only to converge if the following dimensionless
number is smaller tham unity: wur/)A < 1, where 1 and X are respectively the correlation
time and the correlation length characterizing the velocity field (see Knobloch's paper
for more details). In most cases however that requirement is not met, and this restricts
seriously the applicability of the diffusion approximation. Needless to say that the
problem becomes even more intricate if it is a vector field that is being advected, if
it feeds back on the velocity field, if the latter i mo longer isotropic, etc.

At this point we realize that the only reason the diffusion approximation is so
widely used is that one has not yet found by what to replace it. And we come to under-
stand that the degree of refinement (I hesitate to say reliability) of a given treat-
ment of thermal convection can be measured by the level at which the diffusion appro-

ximation is introduced, as we will see next.

4. THE MIXING LENGTH APPROACH

In the current mixing length approach, which has been applied to stellar convec-—
tion (in the core of a star) by Biermann (1933), the diffusion approximation is used
right from the beginning to model the heat transport. Thus the advection term in

Eq. 3, T V.y5, is replaced by

~V-(xToTVS) = - V-(EC) (10)

the quantity in parenthesis being the convective flux, whose magnitude is more common-

ly stated as

Fo = 06T (u I/H) Vg~ 12 an

Here CP is the specific heat at constant pressure and H the pressure scale height,
Yiq and ¥V are respectively the adiabatic and the true logarithmic temperature gra-
dient, with respect to the pressure. The turbulent diffusivity has been replaced by
u 7, where usually the mixing length [ is taken proportionaly to the pressure scale
height and the velocity u estimated from the conservation of mechanical energy:

Tov? o go' a2

The density difference p' between a convective element and its surroundings is evalu~

ated in turn through

p' Jo 0~ (V. -V) L/H (13)

ad
All quantities are then defined at any given depth, and the temperature gradiemt, for

instance, depends only on those local values.



Many improvements have been brought to this original form of the mixing length
treatment, for instance by 6pik (1950). Vitense (1953) took into account the heat ex-
changes between the convective elements and the surrounding medium, which enabled her
to model a convection zone up to the surface of a star, thus linking its atmosphere
with the interior. More recently Shaviv and Salpeter (1973), followed by Maeder (1975),
endeavoured to transform the local mixing length treatment into a non-local one, which
would be capable of also describing penetrative convection. Another line of action has
been to refine the evaluation of the diffusion coefficient K by introducing the effect
of rotation and magnetic field; I will mention here only the most recent contributions
from Gough (1978) and from Durney and Spruit (1979), since P. Gilman will cover this
Subject in more detail in his review.

All these improvements however cannot hide the main weakness of the mixing length
dpproach, namely that it evluates the heat transport through the diffusion approxima-
tion. Some progress should therefore be expected when abandoning this approximation,

as it is donme in the so-called hydrodynamical treatments.

5.  HYDRODYNAMICAL APPROACHES

In such approaches, a great effort is made to solve the original fluid dynamical
equations, at least for those scales of the velocity field that transport most of the
¢tonvective flux. The diffusion approximation cannot be avoided entirely, but it will
be used only to evaluate the momentum transport by the smaller scales. This is possible
in principle if only the larger scales are driven by buoyancy, the smaller scales being
generated through the nonlinear interactionms that have been mentioned earlier.

By large, we mean here the scales that in the laboratory are of the order of the
thickness of the unstable layer. In a star, several of such scales seem to be present,
as indicated by the solar observations: those of granulation and supergranulation are
well established, but others may also exist, as we will learn from J. Beckers later in
this meeting. These scales are certainly related to the vertical structure of the con-
Vection zone, although we do not know yet precisely how, especially when the hydrogen
and helium ionization regions are merged in the same unstable zone.

The numerical techniques available to solve the nonlinear system (Eq. 1-3) fall
into three categories. First, you may choose to stay in the physical space; you divide
it in a mesh as fine as your computer allows it, you transform the differential equa-
tions in finite differences equations, and you solve those by an appropriate scheme.
Its transparency makes this method very appealing, but it remains restricted to rather
mild convection, which does not require too high spatial resolution. Alternatively,
since you are not interested in each detail of the various fields, but merely in their
Statistical properties, you might prefer to work in the Fourier space. This is domne

indeed by most people who study developed turbulence, but the method is only well suited



for homogeneous fields.

Most calculations of stellar convection are based on a third method, which com-
bines the main advantages of the other two. Postulating, as it seems very natural, that
the various fields are homogeneous on horizontal surfaces in some statistical sense, yot
take a Fourier expansion (or something similar) in the horizontal directions, but you
stay in the physical space for the vertical dimension, in which you are certain to en-
counter much more structure. This procedure is known as that of modal empansion; let

us sketeh it below when applied to a scalar field, say the temperature:
T (6y,z,t) = T (z,0) + 2L £.06y) 0.(z,0) (14)
i

The temperature is split into its heorizontal average T , which depends only on the
vertical coordinate z and time t, and the fluctuation around this mean, which is
expanded into a series of horizontal planforms fi{x,y), the modal amplitudes ei
being again functions of only =z and t.

The horizontal planforms used most commonly, mainly for simplicity, are those
which separate the variables in the linear limit of the problem; they obey the harmo-

nic equation

d 82
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where a; is the wavenumber that characterizes the horizontal structure of this mode.
Fourier modes of the same wavenumber can be assembled to describe cells of various
shapes: horizontal rolls, prisms of rectangular base, of hexagonal base, etc., which
may differ stronlgy in their nonlinear properties.

Many other possible choices exist for these planform functions; one has recently
been explored by Depassier and Spiegel (1979), which needs only one single mode to

render the high contrast that is often observed between rising and falling motioms.

6. RECENT DEVELOPMENTS

The modal expansion procedure has first been applied to the Boussinesqg approxima-
tion, which is the form the fluid dynamics equations take when the thickness of the
considered laver is very small compared to the density scale height, as it is the case
in laboratory comvection. In this approximation, the only nonlinear terms are — not
surprisingly - the advection terms (¥V)V and V»*VS, and much can be learned by study-
ing this simplest example of thermal convection. The parameters defining a given ex-—
periment reduce then to only two: the Rayleigh number, which measures the strength of
the instability, and the Prandtl number, which is the ratio of the viscosity to the
thermal diffusivity. It is therefore relatively simple, in principle, to explore the
behavior of convection, both experimentally and theoretically, in the two-dimensional
space of these parameters.

For a thorough discussion of Boussinesq convection we refer to the review paper



by Spiegel (1971). The most extensive calc¢ulations, with the modal expansion procedure,
have been performed by Toomre et al. (1977); their results are in satisfactory agree-
ment with the laboratory experiments. One difficulty with the modal method is the
selection of the planforms that are used in the expansion, especially when the availa-
ble facilities 1imit the number of modes to one or two only. Numerical experimentation
°f the kind just quoted then offers an indispensable guidance on how to make such

Choi(‘:es,

a. Strong density stratification

The Boussinesq approximation is of course not well adapted to describe stellar
tonvection, which takes place in general over several density scale heights. Therefore
Some of the recent works have dealt with more realistic situations and have focussed
on the effects due to a strong density stratification. Another approximation is then
used very often, namely the anelastic approwimation. It comsist mainly in filtering
Out the acoustic waves, which probably contribute very little to the emergy transport.
To be applied, it requires that the convective velocities be small compared to the
Speed of sound (see Gough 1969}, which is generally the case.

The simplest example toc comsider is that of a thick layer of perfect gas, in which
the dynamical viscosity and the thermal conductivity are both constant. In the absence
of motion, the stratification is that of a polytrope, with In p =n ln T + constant.
As is well known, the stratification is convectively unstable when =n, the polytropic
index, is less then 1.5 (for either a monoatomic or a fully ionized gas).

The linear stability problem has been investigated by Spiegel (1965) and by Gough
et al, (1976); steady nonlinear solutions have been constructed by Massaguer and Zahn
(1979). The main result of those studies is that the pressure forces play a very impor-
tant role, in contrast with Boussinesq convection, and the reasons for this can be
easily understood.

In the anelastic approximation, the equation of momentum conservation can be
Written

‘(§-X-+VV)V)=—VP'+ "+ f (16)
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where P' and p' are the fluctuating values of the pressure and the density, with
Tespect to their horizontal mean (of which only that of the demsity, 0, enters expli-
¢itly in this equation). As before in Eq. 1, £, is the viscous force. One sees that
the presgure force, on the right hand side, has been split in the contribution of the
fluctuating pressure, ~VP', and that of the mean pressure, gp', which is usually
referred to as the buoyancy force.

In Boussinesq convection, the buoyancy force is always acting upwards on a rising
fluid clement in the unstable region. A first consequence of the density stratification

is that the buoyaney changes sign in the upper part of the unstable domain. To under-
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stand this, let us consider Figure la where we have sketched a cross—section through
a convective layer. It makes no difference here whether the cells are rolls or take
another shape: since it is the fluctuating pressure which is responsible for turning
a vertical flow into a horizontal one, it must have a maximum in each horizomtal plane
where the flow diverges, and a2 minimum where it converges. This obliges the vertical
gradient of the fluctuating pressure to be predominantly in the direction of the ver-
tical flow, as depicted in Figure lc. The temperature fluctuations, on the other hand,
are positively correlated with the vertical velocities, since they originate from the
advection of heat in a superadiabatic temperature gradient (in the language of the
mixing length theory: a rising fluid element is hotter than its surroundings).

Now in Boussinesq convection the pressure fluctuations are vanishingly small
compared to the temperature fluctuations: the equation of state therefore imposes that

the density fluctuations then just be the mirror images of these temperature fluctua-



tions, as shown in Figure 1b. But in stratified convection, where the fluctuations of
the pressure may be of the same order as those of the temperature (depending on the
thickness of the convective layer as compared to the density. scale height), the buoy-
ancy force reflects the horizontal variations of both the temperature and the pressure,
as indicated in Figure lc. This is again imposed by the equation of state, which in
the anelastic approximation takes the simple linear form
PP = p'fo + TYT an

with our assumption of a perfect gas. The profiles sketched in Figure 1 are valid for
non penetrating convection, with the temperature fluctuations vanishing at top and
bottom, but the results can easily be extended to other cases.

Another consequence of strong demsity stratification is the modification of the
energetics of thermal convection. The work done by the fluctuating pressure force,

Per unit time and over the whole considered domain, is

B, = - [[[vRlevav (18)
which can be transformed into
E, = = [ ve@W) ds + [f[Pvayav . (19)

With the usual boundary conditions on V, the surface integral is zero and only remains
the volume integral, which alsc vanishes in the Boussinesq limit since there V.V = 0,
But one sees that in a stratified medium, where the conservation of mass imposes that
VeV # 0, the fluctuating pressure too contributes to the work done on the fluid. There
are many cases, 4s shown by Massaguer and Zahn (1979), where this pressure integral is
larger thap that representing the work done by the buoyancy force; there are instances
where the latter work becomes even negative, due to the reversal of the buoyancy that
has been discussed above.

We should perhaps remind ourselves at this point that in the mixing length ap~
proach the pressure fluctuations are generally ignored and that the convective velo-
cities are estimated from the work done solely by the buoyancy. The application of
this procedure should therefore be restricted to the Boussinesq limit, where the pres-—
sure fluctuations are indeed negligible and only the buoyancy force produces net work,
But the mixing length approach is widely used to describe very thick convection zones,
where these conditions are no longer realized, and this is another reason for not
taking its predictions too seriously.

The properties of nom Boussinesq convection that have been presented above in the
case of a polytropic atmosphere are entirely confirmed by more realistic calculations,
such as those performed by Latour, Toomre and Zahn with application to the envelope
of an A type star; a first report on this has been given in Toomre et al. (1977).

The medium is treated as a real gas, the variations of the thermal conductivity and of
the turbulent viscosity are taken in account. The computational domain goes from above

the photosphere to a depth of 28,000 km, thus encompassing both convection zones (that
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due to the ionization of hydrogen and the first ionization of helium, and that due to
the second ionization of helium); the density varies by a factor of 60 between top and
bottom. The star has an effective temperature of 8000 K and a gravity of 1.15 10 cm s -
A typical solution is displayed in Figure 2 for one choice of the horizomtal plan-
form of the single mode that has been retained in this calculation: it corresponds to
cells of hexagonal base with the flow directed mainly upwards along their centerline.
The horizontal size of the cell is comparable to the thickness of the lower convection
zone. Notice that the pressure fluctuations are of the same order as those of the
temperature; as in the simple polytrope, the buoyancy force is controlled by the pres-
sure fluctuations in the upper part of the domain, whereas the temperature fluctuatioms
dominate in the lower part. Ome verifies also that the flucfuations of these thermo-
dynamical variables do not exceed 8%, which justifies a posterior? the use of the ane-

lastic approximation, in which only linear terms in these variables are retained.

Figure 2

Fluctuations of the thermodynamical variables in the envelope of an
A type star

The relative fluctuations of the pressure (P'/F), the temperature
(T'/T) and the demnsity (p'/p) are shown versus the mean pressure,
taken as measure of the depth., The location of the unstable zones
is indicated in heavy lines on the pressure scale. The results
refer to a single mode solution, and the fluctuations which are
displayed are the modal amplitudes. The horizontal planform is he-
xagonal and the vertical velocity is predominantly upwards in the
centerline of the convective cells, whose horizontal dimension is
of the order of the thickness of the lower convection zone.



b.  Penetration

But the most striking result of this calculation is that the convective motions,
which are driven in the lower convection gone, penetrate through the stable region
above and the upper convection zonme up to the surface of the star. This appears clear-
ly in Figure 3, where the two components of the velocity are shown for the same single
mode solution as above. The strong horizontal flows which develop in the atmosphere
are organized in cells whose dimensions are large compared to the local density or
pPressure scale heights; one is therefore tempted to identify this with some kind of
supergranulation., In an earlier work by Toomre et aZ. (1976), there was already an in-
dication for such an extended penetration, which has the consequence of connecting

the two convection zones} according to the current mixing length theory, these zones
should be well separated.
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Figure 3

Convective velocities in the envelope of an A type star

The modal amplitudes of the vertical and horizontal velocities, de-
signated respectively by V_ and V,, as functions of the mean pres-
sure. This single mode solu¥ion is ghe same as that of Figure 2.
Over most of the domain, the vertical velocity has a negative sign,
implying that it is directed upwards in the centerline of the con-
vective cells. Notice the ample penetration from the lower convec—
tion zone all the way up to the surface of .the star, and also the
large horizontal velocities which occur there.
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Convection in smaller scales has not been investigated in this calculation, be-—
cause the radiative transfer has been treated for simplicity in the diffusive appro-
ximation, which is not applicable in the optically thin limit. Nelson and Musman (1977)
and Nelson (1978a) have tackled this problem, with application to the sclar granula-
tion. They treat the transfer in the Eddington approximation, whose validity has been
established by Unno and Spiegel (1966) (at least when the mean radiation field is uni-
form). The mean stratification is imposed, and the amplitude of the convective motions
is limited through a nonlinear process which is similar to a turbulent viscosity. Only
the upper part of the solar convection zone is considered, above optical depth T = 25;
although the boundary conditions on the fluctuating variables appear somewhat arbitra-
ry, their influence on the solutions seems moderate. The free parameters are chosen
to match the observations.

The main results of these calculations concern the temperature fluctuations, which
are shown to be controlled mainly by the transfer of radiative energy. They change sign
around 110 km above optical depth T = 1, as the result of penetrative convection, which
has an e—-folding distance of about 160 km. The center to limb variation of the intensi-
ty fluctuations are in satisfactory agreement with the observatioms.

The same method has also been applied by Nelson (1978b) to an F type star, which
has two separate convection zones. His conclusions are similar to those of Latour,
Toomre and Zahn mentioned above for an A type star; he too finds that the two convection

zones are linked through penetrative motions.

7. WORK IN PROGRESS

Most of the recent results come from calculations that are based on the modal
expansion procedure. It should not be forgotten, however, that in all cases the modal
expansion was limited to only two, if not ome, modes. The consequences of such a
drastic truncation are not fully understood yet, and therefore these results should
be used with some caution. It is true that most of these calculations have dealt with
rather mild convection, involving convective fluxes of only a few percent. The feed-
back on the mean stratification is therefore very slight, and it is reasonable to as-—
sume that a multi-mode solution would not differ much from the superposition of an
ensemble of single-mode solutions.

To check this point, it would be very worthwhile to undertake calculations with
many more modes. This is now under its way thanks to the efforts of Nordlung, who
will present some recent results in this colloquium, and to Marcus (1979). Marcus
applies the modal expansions to a spherical'geometry, and he just completed a first
investigation of Boussinesq convection with as many as 15 modes. This enables him to
calculate explicitly the motions on scales that are in the so-called inertial sub-

range, and which are fed ounly through the nonlinear interactions discussed earlier.
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For this reason, his results should be much less sensitive to the approximation used
to close the system.

A less ambitious calculation, involving only three modes in its final form, is
undertaken by Latour, Toomre and Zahn to describe the solar convection zone. Inspired
by the observed scales separation, the modes are intended to represent respectively
the granulation, the supergranulation, and the large cells which seem necessary to
render the whole zone nearly adiabatic, even though they are not observed yet with
certitude.

The same are also exmaining the penmetration of convective motions into an adja-
cent stable layer, in the Boussinesq limit. Preliminary results have been reported
by Zahn (1977): modal calculations with one or two hexagonal planforms predict a
Penetration which is of the order of the thickness of the unstable layer. Laboratory
experiments with water around 0°C lead to the same conclusion.

An important effort is also spent to refime the treatment of radiative transfer
in the presence of motions, in the optically thin limit. Legait and Gough (1979) com-
pare various approximations with the exact solutions of the transfer equatiom, in
the case of an anisotropic radiation field; their main goal is to test the validity

of the Eddington approximation which is commonly used.

This list is certainly incomplete, but it has the merit to demonstrate that the
subject of stellar convection is alive. There is good hope, therefore, that new and
perhaps decisive progress will be reported when we meet the next time to discuss

turbulence in stellar atmospheres.
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INSTABILITIES IN A POLYTROPIC ATMOSPHERE

H.M. Antia and $.M. Chitre
Tata Institute of Fundamental Research
Bombay, India

Abstract

The density in the outer layers of stars varies by several orders of magnitude
and it is desirable to include the full effects of compressibility in any study of
instabilities arising in stellar convection zones. In an unstable compressible fluid-
layer that is thermally conducting both the oscillatory and non-oscillatory motions
can simultaneously arise. The conditions under which the oscillatory acoustic modes
©an be overstabilized in a polytropic atmosphere are examined. It is argued that the
linearized perturbation theory breaks down when applied to an inviscid complete poly-~
trope which has vanishing density and temperature at the top for both optically-thin
and optically-thick approximations. However, the linearized theory is demonstrated
to be self-consistent when viscosity and thermal conductivity are included in the

study of complete polytropes.

ON THE DYNAMICS OF THE SOLAR CONVECTION ZONE

Bernard R. Durney and Hendwik C, Spruit
National Center for Atmospheric Research

Boulder, CO B0303 U.8.A.

Abstract

We derive expressions for the turbulent viscosity and turbulent conductivity ap-
Plicable to convection zones of rotating stars. We assume that the dimensions of the
convective cells are known and derive a simple distribution function for the turbulent
convective velocities under the influence of rotation. From this distribution func-
tion (which includes, in particular, the stabilizing effect of rotation on convection)

We calculate in the mixing-length approximation: i) the turbulent Reynclds stress
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tensor and 1ii) the expression for the heat flux in terms of the superadiabatic grad-
ient. The contributions of the turbulent convective motions to the mean momentum and
energy equation are treated consistently, and assumptions about the turbulent viscos-
ity and heat transport are replaced by assumptions about the turbulent flow itself.

The free parameters in our formalism are the relative cell sizes and their dependence

on depth and latitude.

THERMAL AND CONTINUUM DRIVEN CONVECTION IN B-STARS

George Driver Nelson
CODE CB, Johnson Space Center
Houston, Texas, 77058

Abstract

Two regions of convective instability are present in the photosphere of a typical
B-star (Teff = 30,000 K Log g = 4.0). One is the usual thermal instability caused by
the helium ionigzation. The other is driven by the continuum radiation pressure in a
thermally stable layer. Mixing length and anelastic modal representations of these
unstable regions show that the rapid radiative cooling of temperature fluctuations
limits the velocities to an amplitude of a few meters per second, much too small to

account for the observed line broadening and asymmetries.
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THE HEIGHT DEPENDENCE OF GRANULAR MOTION

Anastasios Nesis
Kiepenheuer Institut £#i Sonnenphysik

¥reiburg i.Br., W. Germany

Abstract

Spectrograms of Mg I-absorptions lines have been registrated at different posi-
tions of the damping wings. The corresponding heights within the atmosphere have
been approximated by the Eddington-Barbier approximation. We calculated the coher-
ence between the intensity fluctuations in the continuum and those of the higher lay-
ers. We found a rather flat gradient up to a height of 100 km and above this a steep
decrease of coherence. From this result we can conclude that above a height of 100
km any fluctuations of intensity are not due to ordinary convective processes. How—
ever, up to a height of 400 km we found a coherence between the velocity of granula-

tion and its intensity fluctuations.

NUMERICAL SIMULATIONS OF THE SOLAR GRANULATION

fxe Nordlund
NORDITA, Blegdamsvej 17
Dk~-2100, Xgbenhavn @, Denmark

Abstract

Numerical simulations of the convective granular motions in the solar photosphere
are presented. Realistic background physics allows a detailed comparison with observed
characteristics of the solar granulation. The numerical methods are based on a bi-
variate Fourier representation in the horizontal plane, combined with a cubic spline
representation in the vertical direction. Using a numerical grid with 16x16x16 grid
points, which cover a unit cell of dimension = 3600x3600x1500 km, granular motions
have been followed over several turnover times. The simulated motion shows the char-
acteristics of granular motion. The evolution of large granules into bright rings
("Exploding granules") is a consequence of the accumulating excess pressure at the

granule center, necessary to support the horizontal velocities required by the contin-



17

THE HEIGHT DEPENDENCE OF GRANULAR MOTION

Anastasios Nesis
Kiepenheuer Institut £#i Sonnenphysik

¥reiburg i.Br., W. Germany

Abstract

Spectrograms of Mg I-absorptions lines have been registrated at different posi-
tions of the damping wings. The corresponding heights within the atmosphere have
been approximated by the Eddington-Barbier approximation. We calculated the coher-
ence between the intensity fluctuations in the continuum and those of the higher lay-
ers. We found a rather flat gradient up to a height of 100 km and above this a steep
decrease of coherence. From this result we can conclude that above a height of 100
km any fluctuations of intensity are not due to ordinary convective processes. How—
ever, up to a height of 400 km we found a coherence between the velocity of granula-

tion and its intensity fluctuations.

NUMERICAL SIMULATIONS OF THE SOLAR GRANULATION

fxe Nordlund
NORDITA, Blegdamsvej 17
Dk~-2100, Xgbenhavn @, Denmark

Abstract

Numerical simulations of the convective granular motions in the solar photosphere
are presented. Realistic background physics allows a detailed comparison with observed
characteristics of the solar granulation. The numerical methods are based on a bi-
variate Fourier representation in the horizontal plane, combined with a cubic spline
representation in the vertical direction. Using a numerical grid with 16x16x16 grid
points, which cover a unit cell of dimension = 3600x3600x1500 km, granular motions
have been followed over several turnover times. The simulated motion shows the char-
acteristics of granular motion. The evolution of large granules into bright rings
("Exploding granules") is a consequence of the accumulating excess pressure at the

granule center, necessary to support the horizontal velocities required by the contin-



18

uity equation. The increasing pressure evenutally inhibits further upward motion
at the granule center, which cools radiatively and shows up as a dark center in the

expanding granule.



DIFFERENTIAL ROTATION IN STARS WITH CONVECTION ZQONES

Peter A. Gilman
High Altitude Observatory
National Center for Atmospheric Research
Boulder, Colorado 80307/USA

L._ Introduction

The topic I was originally assiqgned for this colloguium was "Generation of Non
Thermal, Non Oscillatory Motions". Being basically a fluid dynamicist, at first I
thought this meant I was supposed to talk about the origin of motions which are not
thermally driven, i.e., I should not talk about convection. But then I realized all
that was meant was that I was to talk about bulk fluid motions, rather than the
molecular "thermal” motion of stellar gas that defines its temperature. Obviously the
original question was posed by a stellar spectroscopist! Having surmounted that small
semantic hurdle, I began to think about all the ways circulatory motions might be
generated in a star. All manner of fluid dynamical instabilities come to mind--not
only convective instability, but aiso barotropic or inertial, baroclinic, Kelvin-
Helmholz, Rayleigh-Taylor, Goldreich-Shubert, Solberg-Hoiland, etc. The list is
large, overlapping, I am sure confusing to an observer {and to many a theoretician).
Then there are Eddington-Sweet currents, and several additional motions arising from
the presence of magnetic fields--fields which give rise to magnetic buoyancy of flux
tubes, and large collection of magnetohydrodynamic instabilities.

I could try to review all of these effects in this talk--but that has been done
in several other places, for example in the recent book Rotating Stars by Tassoul, and
@ soon to be published book on astrophysical magnetohydrodynamics by Parker. The
audience is better advised to look there. In addition, I am not convinced that an
Observer can gain much guidance on how to interpret his stellar spectra from extra-
Polations that predict the nonlinear consequences of these instabilities (with the
exception of convection). With the Timited time that I have, I would instead like to
address a single question: "What differential rotation should we expect to find in a
star that rotates and has a convection zone?"

Why this particular question? Aside from convection itself, differential rota-
tion is probably the largest amplitude motion to be found in a typical stellar photo-
Sphere. The star's average rotation is most likely larger still {(and easier to mea-
sure} but solid rotation in and of itself is fluid dynamically trivial; how it affects
Other motions to produce differential rotation is, I hope to convince you, very
interesting.

Why consider only stars which have convection zones? I personally feel on safer
ground for this case, but also I think more definite things can be said. Convection
influenced by rotation can come to some sort of statistical equilibrium with the
differential ratation it drives, and therefore the differential rotation can be ex-
bected to be present over a large fraction of the star's lifetime. By contrast, many
of the other instabiTities I mention may produce transients in the star, not seen
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again for a long time because the energy source for the instability is not replenished
as fast as for convection (and maybe never). Yhat we are after, then, are statements
about differential rotation forced by_convection, that might be applicable to a wide
variety of stars. A1l stars rotate, and all stars that convect will have differential
rotation. The real question is how much and what kind.

Some further statements are perhaps in order. Differential rotation is from a
fluid dynamical point of view a very important quantity to know about a star. It is
probably the key to guessing its overall global dynamics. It may tell us what kind of
dynamo action the star is experiencing--whether it should be undergoing cycles in its
magnetic field. For example, it would be extremely useful to'know the rotation and
differential rotation of stars for which 0lin Wilson sees calcium emission cycles.

Let me acknowledge before I qet any further that I know measurements of dif-
ferential rotation in stars are extremely difficult to achieve, and probably impos-
sible for several classes of stars by present technigques. Measuring rotation itself is
bad enough. In the end, it may turn out that we have to be content with predictions
of differential rotation for many stars, guided by other information such as rotation,
spectral type, abundance, etc.

IT1. Approach to the Problem

Let me first list some of the physical parameters and processes we might expect
to be important in determining the differential rotation at the surface of a convect-
ing star. Then I will review some of the models that have been develaped to explain
differential rotation in the sun, including some of the problems as well as successes.
I have worked on models of this type myself, and ! will summarize some of my own results
which I think are relevant to the question I have posed. From these results I will then
extrapolate to some qualitative statements about ather stars--main sequence stars
mostly, but red giants will also be considered.

ITI. Important Parameters and Processes

A, Convection Zone Parameters

Probably the most important single parameter determining what kind of differ-
ential rotation to be expected in a stellar convection zone is the ratic of turnover
time for the convection, to rotation time for the star. This determines how much
rotation affects convection, introducing preference for certain convection patterns,
as well as correlations between different velocity components implying nonlinear
Reynolds stresses. The larger is this ratio, the more influence rotation has, be-
cause as the fluid element moves, coriolis forces have more time to act on it. We
will ignore systems with rotation so rapid that the departures from spherical geo-
metry become of order unity.

In addition, certain other parameters are important, for example, convection
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Zone depth, as a fraction of the radius. It is reasonable to expect that stars with
shallow convection zones will have different patterns of differential vrotation than
stars with deep zones. The scale of the dominant convective modes will certainly be
Targer for deeper zones, and in general, the rotational influence will be stronger,
because the turnover time is longer. The particular form the stratification of the
Z0ne takes will also be important--how may scale heights it contains as well as how
Superadiabatic the temperature gradient is. These guantities clearly relate back to
the turnover time estimates, as does the total heat flux being carried through the
Convection zone.

B. Physical Processes Affecting Anqular Momentum Distribution

Any process that can redistribute angular momentum in a convection zone is po-
tentially important for determining the differential rotation profile. Since angu-
Yar momentum can be convected by the fluid itself, any circulation that has a com-
Ponent in either the radial or latitudinal direction, can change the rotation pro-
file in the meridian plane. Conventionally, these circulations are broken into two
types, axisymmetric meridional circulation, and global departures therafrom, usually
Called eddies. The eddies produce net momentum transport when the east-west velocity
in them is correlated with either the north-south flow, the radial flow, or both.
This correlation is induced by the presence of the Coriolis force and is called a
Reynolds stress. Molecular and small scale turbulent diffusion is swamped by the
turbulence. The distinction between small scale turbulent diffusion and global eddy
transport is an arbitrary one, the former usually representing transport of momentum
by those motion scales not resolved in the particular model, the latter being expli-
Citly calculated. Other azimuthal torques, such as produced by electromagnetic body
forces, may also be present, but their effect has not generally been taken into
account. Buoyancy forces, since they act in the radial direction, do not directly
Contribute azimuthal torques that can change the differentia) rotation, but of course
they drive motions which transport momentum. Similarly, azimuthal pressure torques
average out when integrated around a complete latitude circle.

Figure 1 illustrates angular momentum transport by different circulations. At
the too, two schematic meridional circulations are shown, of opposite sense. If
either pattern started up in a fluid originally in solid rotation and no other trans-
Port processes were acting, high Tatitudes and deeper layers would tend to speed up,
relative to Tow latitudes and shallow layers, because the circulation would conserve
angular momentum. The fluid would move toward a state of constant angular momentum.
But now if sufficient diffusion is also present to link different layers and keep
the angular velocity more nearly constant, the circulation on the left may produce
equatorial acceleration, because fluid moving toward the equator on the outer branch,
for example, crossing the dashed Tine, would contain more angular momentum than
fluid moving toward the pole underneath, where the moment arm is shorter.
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Competing Mechanisms of Angular Momentum Transport
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Figure 1. Angular momentum transport by circulation.
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On the other hand, Reynolds stresses will transport momentum toward the egquator to
drive an equatorial acceleration if the convection patterns adopt a horizontal flow
pattern as seen in the left middle schematic. Fluid particles moving eastward in
the direction of rotation have a component toward the equator; particles moving
west are also moving poleward. If we average along the dashed 1ine, we get a net
momentum flux toward the equator, even if there is no net mass flux. In the right
middle schematic, we see a pattern of circulation in longitude and radius which
leads to a net flux of momentum inwards. The two patterns I have shown are in fact
the most common ones seen in actual model calculations,

IV. Models Used in Solar Case

Which angular momentum transport process dominates in producing differential
rotation can only be determined by actual nonlinear model calculation. A number of
such calculations have been carried out, mostly to explain solar equatorial acceler-
ation.

One group of these models has been axisymmetric, in which all effects of convec-
tion are condensed into a few ad hoc parameters. In one such model, an anisotropic
turbulent viscosity is assumed, which results in a meridian circulation qualitatively
like that at the top left in Figure 1. 4ith suitable choice of the sign and degree
of anisotropy, the observed equatorial acceleration can be reproduced. This approach
originated with Biermann (1951) and was exploited by Kippenhahn (1963), Cocke (1967)
and in greater detail by Kohler (1970). The problem with it is that there is no real
way to choose the siqn and magnitude of anisotropy, without resort to fitting the
correct differential rotation. Also, no account is taken of the influence of rota-
tion upon the parameterization of the convection. Another approach which has been
carried further is to assume the convective heat flux is weakly perturbed by rota-
tion, such that it becomes a function of latitude. This was done by Durney and Rox-
burah (1971) and later developed further by Belvedere and Paterno (1976, 1977, 1978).
Aqain the meridian circulation and convective parameterization are fitted to the
observed differential rotation. The calculations are heavily dependent on the assump-
tion of weak influence of rotation upon convection, which is not Tikely ta be valid
in the deep part of the solar convection zone. Also, there is no independent evi-
dence that the heat flux parameterization is valid even under the assumptions made.

As you probably have already guessed, I do not believe these models are the
correct ones for the sun, mostly because I suspect the parameterizations upon which
they depend are grossly inaccurate. [ prefer models in which the dynamics respon-
sible for giving the correct differential rotation are explicitly calculated, with
parameterizations of unresolved motions relegated to a less critical role, so their
detailed form is less important. Such models have been developed, so far for physics

considerably simpler than the real sun, but nevertheless instructive. In particular,
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models have been developed for nonaxisymmetric convection of a stratified liquid in
a rotating soherical shell. Early, mostly linear analyses by Busse {1970, 1973},
Durney (1970, 1971) Kato and Yoshimura (1971) and Gilman (1972, 1975) demonstrated
the preference for convective modes which transport momentum toward the equator, via
the Reynolds stress mechanism described above. More recent, nonlinear calculations
by myself (Gilman, 1976, 1977, 1978, 1979) have exploited this fact to determine in
detail when equatorial acceleration occurs and with what amplitude relative to the
convection which drives it and the basic rotation rate.

I will summarize some results obtained from those calculations. I will give
only the most basic, qualitative effects, since the model ig'incompressible, and many
details will change in the compressible case--which we are currently coding. There
are other weaknesses of the model, such as larger than observed differentials in heat
flux, which I cannot describe in detail, but which we expect to be improved in the
compressible case.

Y. Summary of Relevant Results from Calculations of Convection

in a Rotating Spherical Shell

A. Finite amplitude equatorial acceleration is produced only when the influence
of rotation upon convection is strong, i.e., the rotation time is less than the
turnover time for convection. Under these circumstances, the angular velocity also
decreases inward with depth; when the rotational constraint is very strong, the
angular velocity predicted is nearly constant on cylinders concentric with the axis
of rotation. If the rotation time is a few orders of magnitude shorter than the
turnover time, then the latitudinal profile of differential rotation may be more
complicated, but this is an unlikely case for stellar application.

B. Yhen the convection zone is deep, say 1/3 of the radius or more, the equa-
torial acceleration profile with latitude is broad, with essentially monotanic de-
crease in angular velocity to the poles.

C. Mhen the convection zone is shallow, say 20 percent or less, and the.rota-
tional influence is strong, the angular velocity reaches a minimum in mid latitudes,
and then increases again toward the poles. The width of the equatorial acceleration
is determined by the depth of the layer.

D. For both deep and shallow convection zones, with weaker rotational influence
{increased convective velocities) the profile switches from equatorial acceleration
to deceleration. Angular velocity now increases with depth. There is an interme-
diate stage in which the angular velocity is highest in mid latitudes and Tower near
the equator and near the poie, while still decreasing with depth.

E. The maximum differential rotation sustainable by the convection is about 40
nercent of the average rotation. For larger values, the feedback from the shear on
the convection is strong-enough to change the dominant patterns and consequently the
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differential rotation profile, resulting in a new equilibrium with Tower amplitude
differential rotation.

F. The maximum differential rotation maintainable by the convection has about
the same kinetic energy in it as the convection itself. Larger differential rotation
may be possible locally in the compressible case.

G. Amplitudes of individual convective modes may change radically with time
while the differential rotation amplitude changes hardly at all,

The above statements concerning the profile of differential rotation for deep
and shallow convection zones are summarized schematically in Figures 2 and 3 respec-
tively. The extra bumps in the profiles for the shallow layer are intended to indi-
cate that for a shallow layer, the convection, being smaller in horizontal scale
itself, should produce more fine structure in the differential rotation profile.

In addition, we can say that first results from linear calculations of compres-
sible convection in a rotating spherical shell indicate that moderate stratification
{say a factor of 20 drop in density across the convection zone) will not change any
of these results significantly. lLarger density variations will produce larger changes,
but the qualitative statements we have made with respect to differential rotation
with Tatitude we do not expect to change a great deal. But clearly such conclusions
must be tested with a compressible model,

VI. Extrapolation to the Convection Zone of a Star

How do we extrapolate the above results to the convection zone of a star, which,
after all, is generally a Tong ways from being a Boussinesg Tiquid? In the case of
the sun, the theory is generally thought to apply to the deepest layers of the con-
vection zone, which are more nearly Boussinesq, for which the natural scale for con-
vection is nearly global. As Ailman and Foukal (1979) have argued, the small scale
but targe amplitude granules and super granules are most likely not responsible for
the Tatitude gradient of rotation at all, but perhaps the radial gradients in the
shallowest layers. In addition, these small scale motions appear to cbscure the global
convection or "fgiant cells" (Simon % Weiss, 1968) as they are sometimes called.

A similar situation probably occurs in convection zones of other stars, as sum-
marized in Figure 4. The little cells at the top are weakly influenced by rotation,
and by themselves would produce a weak equatorial deceleration. But they sit on top
of slower, larqer scale convection below, which is much more strongly influenced by
rotation, where the latitude gradient is really produced. This gradient of deep
origin is then transmitted to the surface by the small cells.

One conclusion that can be drawn from this argument is that using surface tur-
bulent velocities, to estimate the turnover time for the convection zone would lead to
a gross under-estimate, therefore too small a rotational influence and the wrong
differential rotation. A better procedure, still very approximate, would be to esti-
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mate the turnover time from a mixing lenqgth model applied to the whole convection
zone. This brinags us to a prescrintion for estimating the differential rotation to be
exnected in certain main-sequence stars.

What we have done is to estimate convection zone depths and turnover times near
the bottom of the zone, using a stellar envelope code, and then compare these with
observed or estimated rotation times calculated from the well known summary of stellar
rotation, by Kraft (1967). Part of this procedure is similar to one employed by
Durney and Latour (1973) for another purnose, which calculation I discovered as I was
beninning these calculatijons. In fact, I used Latour's envelope code, which in turn
is similar to an earlier one apolied to estimate convection zone depths by Baker
{unnublished). I chose essentially Baker's values for a sequence of stars from A to
early K, the luminosity, radius, and effective temperature for which are shown in
Fiaure 5. “e then used these values, tonether with a composition of X = .70, Y = .27,
Z = .03 in Latour's code to estimate convection zone depth for these stars, shown in
Finure 6, niven as a function of o, the ratio of assumed mixing length to pressure
scale height. The results are quite similar to those of Baker, though not identical.
As expected, convection zone depth shrinks as a fraction of stellar radius as the mass
and luminosity increase. Depending on the o choser., the convection zone effectively
shrinks to zero somewhere between early F and late A. Larger o implies deeper con-
vection zone. l

Then, following Ourney and Latour (1973) we find a convective velocity in meters/
second one pressure scale heiqght up from the bottom, shown in Fiqure 7, which- we use
to compute a turnover time = scale height/velocity, shown in Figure 8. ilote that it
noes from 1-2 x 106 sec. for 7 and late F stars, down quickly to 104 sec. and less by
FO.

But early stars generally rotate much faster too, so the rotation time drops
ranidly with increased mass, as seen in Figure 9, derived from Kraft (1967). (Here,
for stars later than the sun, we assume an upver limit of the same angular velocity as
the sun.) So how does the ratio change? This is plotted in Figure 10. e see that
for o = 1.0, the sun is already in the steep part of the curve, with convection in
slightly later stars much more stronqly influenced by rotation, convection in slightly
earlier stars much less so. For larger «, earlier stars out to FO-F2 are as strongly
influenced, or more so, by rotation than the sun is. "hich o is most reasonable (if
any)? For the sun, o = 1 yields by my earlier arguments too shallow a convection zone
(< 20%) to sustain an equatorial acceleration with angular velocity decreasing all the
way to the nole, so I favor a larger o (at least 2). Suppose we take o = 2. Then
from all our results we should expect broad equatorial acceleration on stars Tater
than the sun, (unless they have much lower rotation rates than the sun) and also for
sTiahtly earlier stars, with an increasinqly narrow equatorial acceleration out to lag
M/M0 v 120 Maximum amnTitude in this equatorial acceleration would be about 40% of
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the average rotation rate. Beyond that, there would be a rapid transition to equa-
torial deceleration, with a Jot of structure in the profile, due to the dominance
of small scale modes in the shallow zones there. The conclusion for a = 3 would be
similar.

It would seem that rather analogous arguments could be made for red giants.
Those with deep convection zones should have either broad eguatorial accelerations or
decelerations, depending on their rotation rate. Perhaps the calculations from which
these inferences are made apply better here than for main sequence stars, since in
most red giants the scale height is a large fraction of the corvection zone depth so
the convection is more nearly like that in a stratified Tiquid.

In closing, let me remark again that if one knows the rotation rate of the star,
and a few other basic properties, one may be able to estimate its differential rota-
tion even if one cannot observe it. For stars with surface emission features, from
which an independent estimate of rotation rate, and perhaps even differential rota-
tion, can be made, we may be able to test our conclusions in detail.

I close with a question for the observers: Can you tell the difference by spec-
tral measurements between a star in solid rotation, and one with nearly the same
surface average angular velocity that in fact is rotating differentially?
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envelope code, and my student, Gary Glatzmaier, for running a number of calculations
with this code for me. DNimitri Mihalas was kind enough to read the manuscript for me.
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GENERATION OF OSCILLATORY MOTIONS

IN THE STELLAR ATMOSPHERE

Yoji Osaki
Department of Astronomy,
University of Tokyo,
Tokyo, Japan

Abstract

Thermal overstability of non-radial eigenmodes of stars is discussed as
one of possible causes for generating non-thermal motions in the stellar
atmosphere., The nature of oscillatory motions in stars is first consid-
ered both in the local and the global stand points. Then, the excitation
of eigen~oscillations is discussed and results of numerical studies so
far made are reviewed for the vibrational stability of various stellar
models against non-radial oscillations. It is found that many of non-
radial p-modes of high tesseral harmonics are likely excited in various
stars of the HR diagram and that they possibly manifest themselves as
non-thermal velocity fields in the stellar atmosphere.

1. Introduction

Two kinds of phenomena are known to indicate the existence of non-thermal
motions in stellar atmospheres. One of them is the spectral line broaden-—
ing, asymmetry, and shift indicating the existence of velocity fields,

and the other is the mechanical source of energy that is required to heat
the stellar chromosphere and corona. One of the most important guestions
to be addressed in this colloguium will be, what kinds of motions are
involved in these phenomena? What mechanisms {or instabilities) can
generate them? It is generally thought that thermal convection is one

of the most likely sources for generating these motions in stellar atmos-
pheres. However, it will be evident that all of non~thermal motions are
not necessarily generated by thermal convection because various activities
such as evidenced by micro- and macro-turbulences and by X-ray emissions
due  to the hot corona are observed also in early-type stars where any
appreciable surface convection zones are not expected. Thus, some other
instabilities that can generate motions in the stellar atmosphere have

to be investigated as well. 1In this paper, I will discuss the thermal
overstability of trapped waves in stars as one of possible mechanisms.
This mechanism can generate wave motions of some finite amplitude from
perturbations of infinitesimally small thermal fluctuation.

The thermal overstability is the basic mechanism for generating pulsation
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motions in variable stars such as Cepheid and RR Lyrae. However, modes
of oscillations with which we are concerned here are different from ordi-
hary radial pulsation, but they are those of non-radial type. The exist-
ence of non-radial oscillations as stellar eigenmodes have been known
theoretically for a long while, but their importance in relation with
observational phenomena in stars seems to have been recognized only re-
cently. The five minute oscillation in the solar atmopshere is now under-
stood as global non-radial p-modes of the sun {Deubner 1975, 1977). Al-
though velocity fields due to thermal convection, which is manifested

as the granulation in the solar atmosphere, are dominant at the photo-
spheric level, the five minute oscillation as the velocity fields becomes
increasingly important with height, and the latter dominates in the upper
photosphere and the chromosphere., Non-radial oscillations have been in-
ferred as the possible modes of observed motions in stars such as line-
vrofile variable stars (Smith 1977) and early type supergiants (Lucy
1976a, b). TILuecy (1976) has shown that the semiregular variability in
radial velocity observed in the A-type supergiant star o Cygni may be

due to the simultaneous excitation of many discrete pulsation modes of
non-radial type and the "macroturbulence" required for large line-broaden-
ing in this star may be explained by the superposition of these oscilla-
tion modes.

One might think that two pictures of "turbulence" and "eigenmodes" are
seemingly contradicting since turbulence is essentially a stochastic
phenomenon with energy cascading from larger eddies to small eddies while
eigenmodes are discrete in fregquency and wavenumber and are coherent in
time and space. However, they do not necessarily contradict each other
since "turbulence" used in stellar spectroscopy is not turbulence as
understood in aerodynamics and it simply means non-thermal motions re-
sponsible for spectral line broadening. On the other hand, non-radial
eigenmodes are rich in physical properties and have a very dense spectrum
although they are still discrete. Thus, if extremely large numbers of
eigenmodes are excited in a star and are superposed, they show up spectro-
scopically as unresolved velocity fields. One may visualize the relation
between turbulent convection and eigenmodes of the star in the power spec-
trum of velocity fields against the wavenumber k. The turbulent convec-
tion occupies a high wavenumber domain with k>1/H , while the non-radial
eigenmode oscillation occupies a low wavenumber domain with 1/HEkS1/R ,
where H and R denote the scale height of the atmosphere and the star's
radius, respectively. Thus, observationally, turbulent convection is
more related to "microturbulence" due to its small scale and eigenmode

oscillations are to "macroturbulence".
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In this paper, I will argue that the non-radial p-mode oscillations of
high tesseral harmonics are very likely to be excited in various stars
in the HR diagram and they might possibly be responsible for the non=-
thermal motions in some of these stars. As far as I am aware, Christy
(1962) was the first to propose in 1962 that non-spherical pulsation-
type motions are present in late-type stars and they are important for
the hydrodynamics in the atmospheres of these stars. However, this sug-
gestion seems not to have been taken seriously for a long while, and it
is only in recent years that numerical stability agalyses for non-radial
oscillations have been carried out in a number of stars. We shall dis-
cuss the nature of oscillations in stars from the local and the global
points of view in sections 2 and 3. Excitation mechanisms of oscillations

and results of numerical calculations will be reviewed in section 4.

2. Waves in the Stellar Atmosphere

In this section, we discuss wave motions in the stellar atmosphere from
the local point of view, Wave motions in gravitationally stratified
fluids have extensively been studied in geophysics (see, e.g., Eckart
1960). It is well known that two kinds of forces act on fluid elements:
pressure force due to compressibility and buoyancy force due to gravita-
tional stratification. If the medium is stably stratified (i.e., con=-
vectively stable), both of them are restoring forces and they give rise
to oscillation of a fluid element if it is displaced from static state.
Corresponding to this, two kinds of waves, i.e., acoustic waves and
gravity waves, occur in the stellar atmosphere,

We now consider the wave propagation in a plane-parallel isothermal at-
mosphere under a constant gravitational field, in which the pressure pa
and density po of static state are known to vary with height 2z as

Pos po = exp (-z/H) (1)

where H=py/(pog)=RTy/(ug)=const is the scale height, and g the gravi-
tational acceleration, T, the temperature, p the mean molecular weight,
R the gas constant. In this case, the linearized system of eguations

in hydrodynamics for adiabatic perturbation allows a simple solution of
plane waves for velocity v, the pressure variation p', and the density
variation p' of the form

1)
Ve 5ot o7 exp(gzﬁ-) exp[i(-wt+kxx+kyy+kzz)] . (2)

Here the exponentially growing factor with height z in eguation (2)
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arises so as to conserve wave enerqgy pov? in the vertical direction
since the density pp, in the atmosphere decreases exponentially with
height.

Substitution of these expressions into equations of hydrodynamics yields
a dispersion relation between frequency w and wavenumber k , which is
written as

2 -
kz = £ (w, kh)
2
o SR CHEEIN NS SL N (. s DR (3)

where kh=\/kxz+ky2 is the horizontal wave number., Here quantities w_,

and N, having a dimension of frequency, are called the acoustic cut-off

frequency and the Brunt-Viisil3d frequency, respectively, and they are

given by
- C _
T il (4)
and
n=2 =T , (5)

where ¢ is the sound velocity, and y is the ratio of the specific heats

of gas.

If w and kh are given, equation (3) determine kz2 . If kzz>0 , waves
can propagate vertically. On the other hand, if k22<0, no waves can
propagate, and the energy density of perturbations decreases exponentially
with height (evanescent waves), if perturbations are coming from below.
This situation is most conveniently shown in the diagnostic (kh, w)-dia-
gram, which is illustrated schematically in Figure 1.

The diagnostic diagram is divided
into three regions: (1) region

A with kzz>0 where modified
acoustic waves can propagate,
which is given approximately by
the conditions W, and m>khc.
(2) region G with kzz>0 where
the modified gravity waves can
propagate, which is approximately

given by w<N and w<khc . (3

1/2H kh region E with kzz<0 where waves

are evanescent.
Figure 1. Diagnostic diagram
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Oscillations of our interest are trapped waves, but the isothermal atmos-
phere has not such resonance property. Thus, in order to have a proper
waveguide character of the stellar atmosphere and envelope, we have to
take into account the variation in temperature with height, and this will
be considered in the next section. For global eigenmodes of the star,
the atmosphere act as an outer reflecting boundary. Waves are evanescent
in the atmosphere for such oscillations. It is important to note here
that the velocity amplitude of evanescent waves does not necessarily de-
crease with height, but rather it usually increas;s slightly within the
atmosphere. This is because the energy density of perturbations decreases
with height less rapidly than the density pp itself and thus the factor
of exp(z/2H) in equation (2) plays an essential role.

3. FEigenmodes of Stars

So far we have considered wave motions in the stellar atmosphere from
the local stand point. We now turn to discuss stellar oscillations from
the global point of view. Any persistent oscillations of a star may be
considered as a superposition of normal modes of the star. There are
two kinds of normal modes in stars: the radial oscillations and the non-
radial oscillations. However, radial oscillations may be regarded as
one of special cases of non-radial oscillations with the spherical har-
monic index 2=0. If we assume that the unperturbed state of the star
is in spherically~symmetric time-independent equilibrium, the eigenfunc-
tion of a non-radial mode for perturbations of physical variables (e.g.,
density pergurbation p') can be expressed in the spherical polar co-
ordinates (r, 6, ¢) by

R O (6)
where ng(s, ¢) is the spherical harmonics. The quantity w is the
eigenfrequency of the nonradial oscillation which is specified by three
integrals (k, %, m). For a given &, the guantum number m takes integer
values from -2 to %, and eigenfrequencies of these (28+1l)-modes are de-
generate in a spherically symmetric (non=-rotating, non-magnetic) star.

The existence of two extra indices (&4, m), describing the horizontal de-
pendence of eigenfunctions, makes non-radial oscillations a complicating
appearance and it also gives them an extra richness in the eigenvalue
spectrum. Besides that, as noted in the previous section, two different
kinds of restoring forces (i.e., the pressure force and the buoyancy
force) operate in non-radial oscillations, and there exist therefore two

different kinds of modes: pressure (acoustic) modes and gravity modes.
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The pressure modes (p-modes) form a segquence of increasing eigenfrequency
with the order of modes specified by the number of nodes, i.e.,

while the gravity modes (g-modes) form a sequence of decreasing freguency,

i.e.,
g1 g2 gs

A system of equations, which describes the linear adiabatic non-radial
oscillations, forms a boundary-value problem of fourth-order ordinary
differential eqguations in the radial coordinates r, and for a given
stellar equilibrium model eigenvalues and eigenfunctions are to be cal-
culated numerically. . Although these equations look complicated, they
can be reduced under a certain assumption to a form analogous to the
Schrédinger equation of quantum mechanics. We can then make some guali-
tative discussion with the help of the so-called propagation diagram
(see, Unno et al. 1979). Under a given stellar model and for a fixed
spherical harmonic index &, we exhibit in the propagation diagram the
spatial variations of the Brunt-Vaisdld frequency, N, and the Lamb
frequency, L, , as functions of the radial coordinates r in the stellar
interior. Here two frequencies N and I% are defined by

N2 =g (& &inp _dlno,
T, dr dxr
and

L2 = L{+1)c?
2 r2 '

and they represent the local buoyancy frequency and the freguency (the
reciprocal time) of horizontal acoustic propagation with a given horizon-
tal wavenumber 2.

— mr:;\ Figure 2 illustrates a schemat-
2 Ly \ P2

® . . .
~ P, W/ ical propagation diagram for a

star near the main-sequence with
a low order %. In this diagram,

the acoustic waves can propagate

N\ locally in the region with w?>N?
/ 93 \ and w?>L,? (P-zone) and the
/ N\ ' : ,
L gravity waves can propagate in

¢ 0.5 r/R 1

Figure 2. Propagation diagram

the region with w?<N? and
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w2<L£2 (G~zone} and waves cannot propagate {i.e., evanescent) in other
regions with L£2<m2<N2 or N24w2<L£2(E—zone). This diagram shows there-
fore in what part of the stellar interior a wave with a given frequency
has locally a propagating or non-propagating character. The propagation
diagram may be comparable to the potential energy function of the one-~
dimensional Schrédinger equation of guantum mechanics in such a way that
a propagation zone corresponds to a potential well and an evanescent zone
to a potential wall. Since eigenmodes are standing waves, they occur

in a region of a potential well that is enclosedrby potential walls at
both ends. The most important difference between the problem of non-
radial oscillations and that of guantum mechanics lies in the fact that
in the case of non-radial oscillations there are two different kinds of
potential wells: one is that opened upward (p-wave zone) and the other

is that opened downward (g-wave zone). The main characteristics of a
star as an oscillator can be essentially represented by the propagation
diagram., The complicated behavior of non-radial oscillations in evolved
stars are mainly caused by complicated spatial variations in the Brunt-
Vais8ld frequency as a function of the position in the stellar interior.

Generally speaking, non-radial p-modes are oscillations trapped near the
surface and g-modes are those trapped in the deep interior. Since we
are interested in those oscillations that may produce observable motions
in the stellar atmosphere, the most important modes are those of non-
radial p-mode oscillations. Furthermore, oscillations of non-radial p-
modes are more strongly concentrated near the surface as the spherical
harmonic index & is increased. This can be seen in the propagation
diagram as the Lamb frequency L, moves upward with the increase of L.
The horizontal wavenumber of oscillations in the stellar surface becomes
almost continuous for high value of 4 and it is given by kh=/§TT¢TT/R
v4/R . In the diagnostic (kh' w) ~diagram, non-radial p-modes then appear
as several discrete ridges corresponding to each radial-order mode (i.e.,
pk-mode), which has been observed beautifully in the case of the solar
five minute oscillations (Deubner 1977, Deubner et al. 1979).

4, 'Overstability of Eigenmodes

Since the ordinary dissipation gives damping of oscillations, some special
mechanisms of excitation must operate inside the star in order for an
eigenmode to be excited and to be observed. To study this, we must ex-
plicitly consider non-adiabatic effects of oscillations, i.e., the energy
exchange of fluid elements with the surroundings during a cycle of oscil-
lation. The thermodynamic excitation of oscillations have extensively
been studied in connection with the driving of pulsation in Cepheid and
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RR Lyrae stars. Two kinds of excitation mechanisms are known which may
operate in the outer layers of stars., The first one is the «-mechanism
(opacity-mechanism) of the hydrogen and helium ionization zones in the
stellar envelope, and this is the mechanism that drives pulsations in
Cepheids. The second one is the so-called Cowling-Spiegel mechanism
which operates in the zone with the super-adiabatic temperature strat-
ification. The latter mechanism operates only for non-radial oscilla-

tions and not for radial oscillations.

To get some idea how these mechanisms work, we describe briefly the oper-—
ation of the k~mechanism below. The opacity k of partial ionization
zones of the hydrogen and the helium increases at the phase of compres-
sion in a cycle of oscillation and the radiative flux flowing from the
center to the surface is blocked there at that phase. The heat thus ac~
cumulated will give stronger repulsion at the next phase of expansion,
and the amplitude of oscillation will tend to grow with time if the ef-
fect of excitation of this k-mechanism is stronger than that of damping
in other regions. BAs for the Cowling-Spiegel mechanism in a super-adia-
batic temperature stratification, if some other restoring forces such as
the stabilizing chemical composition gradiént, magnetic fields and rota-
tion, exist, this mechanism is known to be effective to give overstability
of some non-~radial modes (Moore and Spiegel 1966). However, if there
exists no other restoring force, it is then not c¢lear whether this mech-
anism acting as a sole agent of excitation can destabilize oscillatory
modes. In this respect, Unno (1977) has pointed out that the Cowling-
Spiegel mechanism associated with the variation of convective flux is
more important than that of radiative flux. Then the variation of con-
vective flux has to be taken into account in order for the problem to

be settled. ‘

Stars have been thought in the past to be less gusceptible to non-radial
oscillations than to radial oscillations because of the increased dis-
sipation of the oscillations by the lateral radiative heat exchange.
However, recent investigations show that much variety in the geometrical
and physical properties of non-radial oscillations should give some of
non-radial modes a better chance to get excited. In fact, those stars
which are unstable against radial pulsations are likely to be unstable
against some of non-radial modes as well, PFurthermore, stars which are
unstable against some of non-radial modes will probably occupy a wider
range in the HR diagram than radially pulsating stars. The most important
reason why some of non-radial modes are easy to get excited is that they
can be "trapped” locally in the place where some excitation mechanism

works effectively so that the dissipation of oscillation in other regions
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of the star is kept minimal. If one of non-radial modes is unstable in
a star, several of other modes are very likely to be excited because
their physical characters are very similar. Thus, if non-radial oscilla-
tions are ever excited in a star, it is most probable that many of non-

radial modes are excited simultaneously.

The question of overstability of an eigenmode is a problem of delicate
balance between excitation and damping and it can only be answered ade-
quately by the numerical analysis of stability using a realistic stellar
model, Thus, the full equations of linear non-adiabatic non-radial oscil-
iations have to be solved numerically. The radiative heat exchange both
in the sub-photospheric layers and in the atmosphere is important in the
case of our interest, and, exactly speaking, the problem of time-dependent
three dimensional radiative transfer has to be treated. It looks so much
difficult that it is the usual practice at present to treat this by using
the Eddington approximation developed by Unno and Spiegel (1966). The
basic equations are then reduced to the fourth order linear differential
equations with complex coefficients (under the Cowling approximation in
which the Eulerian perturbation of the gravitational potential is neg-
lected), and they form together with adequate boundary conditions an
eigenvalue problem with a complex eigenvalue and complex eigenfunctions.
The real part wg of the complex sigenfreguency (m=mR+iwI) gives the

frequency of oscillation and its imaginary part o, determines the growth

I
{(or damping) rate of oscillations., This system of equations for linear
non-adiabatic oscillations have been solved in a few cases of our interest

and they will briefly be reviewed below.

(1) The solar non-radial p-modes.

Ando and Osaki (1975) performed extensive calculations of eigenfrequencies
of non-radial p-modes of the sun in relation to the solar five minute
oscillation. They solved equations of linear non-adiabatic non-radial
oscillations for a realistic solar envelope model and obtained complex
eigenfrequencies of non-radial p-modes covering a wide range in the spher-
ical harmonics ¢ (ranging from £=10 to 1500) and in several overtones of
the radial order. It was found that many of non-radial p-modes were
overstable and that most unstable modes occupy a region in the diagnostic

(kh, w)-diagram centered with a period of 300 sec and with a wide range
of horizontal wavenumber,

It has been seen from eigenfunctions that the vertical velocity of oscil-
lations has an increasing amplitude with height in the atmosphere, even
though the kinetic energy of oscillations per unit volume plg]z is de-
creasing within the atmosphere. Many of non-radial p-modes are found to
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be unstable and they are excited by the k-mechanism of at the hydrogen
ionization zone. The Cowling-Spiegel mechanism seems to work at the
convective-radiative transition zone, but quantitatively the x-mechanism
iz found much more effective than the latter. The radiative dissipation
in the atmosphere (1<1l) contributes appreciably to the damping of oscil-
lations and its importance increases with the increase in frequency of
modes, and higher p-modes become stabilized ultimately.

'The biggest uncertainty in this analysis is the problem of the interaction
between convection and oscillation, which has been neglected in the work
of Ando and Osaki (1975) because of lack of the definitive theory. The
damping due to turbulent vwiscosity of convection is thought to have a
stabilizing tendency for otherwise unstable p~modes. Goldréich and Keeley
(1977) have made a rough estimate of its effect and found that it is as
important as the thermodynamic excitation of oscillations. However, they
have failed to reach the definitive conclusion about .the overstability

of p-modes of the sun because of uncertainty in convection theory.

(2) Cepheids.

Cepheids are pulsationally unstable against radial modes due to the «k-
mechanism in the hydrogen- and helium-ionization zones. Since this mecha-
nism works also for non-radial p-modes, it will be natural to ask whether
or not Cepheids are vibrationally unstable against non-radial modes,

There is, however, an important difference between radial pulsations and
non-radial p-mode oscillations. Dziembowski (1971) first noticed that,
in the case of non-radial oscillations of giant stars, even high-frequency
envelope p-modes behave as internal gravity waves of extremely short
wavelength in the deep interior, and he once concluded that the excita~
tion of non-radial oscillations would be prevented by strong radiative
dissipation in the core of these evolved stars. However, there exists
another important character of non-radial oscillations, that is the wave-
trapping phenomenon, and this effect was not taken into account in
Dziembowski's (1971) discussion. Shibahashi and Osaki (1976) have shown
that non-radial modes with high-order spherical harmonics can be very
clearly divided into two types in evolved stars, one type being a gravity
mode trapped in the core and the other a mode trapped in the envelope.
There exist, therefore, envelope p-modes with high & that are almost
completely free from the influence of the core.

By taking into account both the effect of dissipation in the core and
the non-adiabatic effect in the envelope, Osaki (1977) has examined vibra-
tional stability against non-radial modes in a Cepheid model. It is found

that non-radial modes with lower-order spherical harmonics (i.e., 2%5)
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are stable because of ‘heavy leakage of wave energy from the envelope to
the core, but that those of higher & {i.e., %]6) are trapped well within
the envelope and some of them (i,e., £- and pi-modes) are unstable due
to the negative dissipation in the hydrogen- and helium-ionization zones.
The growth rates of unstable non-radial modes are found to be of the
same order as those of radial modes. A similar result was obtained in-
dependently by Dziembowski (1977) who found that the overstability of
non~radial modes with very high~order spherical harmonics extends far
beyond the boundary of the classical Cepheid instability strip.

(3) Other stars.

The vibrational stability of non-radial p-mode oscillations has been
investigated for various stellar envelope models in the wide range-of
the HR diagram by Ando (1976) and by Dziembowski (1977).

Ando (1976) examined the stability of stellar envelopes in late-type
dwarfs, giants, and super-giants against non-radial p-modes with high-
order % which are well trapped near the surface., He found many of non-
radial p-modes are overstable due to the k-mechanism of the hydrogen
ionization zone in stars that lie to the right of the Cepheid instability
strip in the HR diagram. He then suggested that these overstable acoustic
modes might be responsible for the formation of the chromosphere and the
corona and for the Wilson-Bappu effect in late type stars. However, the
biggest uncertainty of this result is again the problem of coupling bhe-
tween convection and oscillation, whose effect has been ignored in this
investigation,

Dziembowski (1977) made a similar study for stars lying within and to

the left of the Cepheid instability strip. He found that &§ Scuti stars
are unstable both for radial and for low ¢ non-radial modes, but that the
maximum of instability occurs for non-radial modes with very high % (i.e.,
22500}, He also studied two models of an early type supergiant corre-
sponding to o Cyg (A2Ib) and of a medium type supergiant (Tgn5000°K).

The overstability was found in the case of the early-type supergiant only
for non-radial f-modes with very high f-values (i,e., £=32v63). On the
other hand, the overstability of low-order non-radial modes (4=3-5) was
found in the case of the medium~type supergiant.

5. Summary and Discussion

We have considered the_néture of oscillations in stars from the local
and the global standpoints., Overstability of non-radial oscillations
has then been discussed. Results of numerical analysis show that many
of non-radial p-modes are very likely unstable in various stars of the
HR diagram. Observationally, non-radial oscillations of high tesseral
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harmonics (i.e., excepting the low-£% modes) do not give rise to neither
the stellar light variability nor the stellar radial velocity variability,
but they show up as unresolved velocity fields responsible to spectral
line broadening and the mechanical source of energy to heat the upper
atmosphere (i.e., the non-thermal velocity fields in the stellar atmos-

pheres) .

We have so far discussed the linear stability of non-radial modes, but
we have not mentioned non-linear effects which are thought to be respon-
sible for limiting amplitudes of overstable oscillations. WNon-linear
effects that are important in limiting amplitudes in pulsating variables
are;

1. The saturation of the excitation mechanism.

The saturation of the k-mechanism in the second helium ionization zone
is thought to be the most important in determining the final amplitude
of Cepheids and RR Lyrae stars.

2. The enhancement of dissipation by shock waves.

When the amplitude of oscillations becomes sufficiently large, shock
waves are generated in the atmosphere, which greatly enhances the dissi-
pation., Besides these,

3, Non-linear mode coupling, will be important, in the case of non-radial
oscillations. This will redistribute kinetic energy of oscillations be-

tween various non-radial modes.

Fwven in the linear stability analysis, there remain several unresolved
problems. The problem of coupling between convection and oscillation

was mentioned previously. We have not yet succeeded in finding the in-
stability mechanism of pulsations in B Cephei stars (early-type pulsating
variables). This means that our stability analysis is not still accurate
enough. Possible insufficiencies in our knowledge are suspected to exist
with respect to the opacity and the effect of radiation pressure. Much

theoretical investigation is thus needed.
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THE EVOLUTION OF AN AVERAGE SOLAR GRANULE

R.C. Altxrock
Air Force Geophysics Laboratory
Sunspot NM, U.S8.A.

Abstract

High-resolution photogravhic spectra of the center of the solar disk have been
obtained with the Vacuum Tower Telescope at Sacramento Peak Observatory. Two weak
iron lines and the neighboring continuum were recorded with 40 sec time resolutions
and better than 1" spatial resolution over a period of 40 min. Intensity and velo-
city fluctuations were obtained in the two lines and continuum as a function of time
and space, and 300 sec oscillations were filtered out. The resulting fluctuations,
due solely to granulation, were assembled into an ensemble average of the center of
a granule and the center of an intergranular lane, as a function of time. The
intensity-fluctuation data have been analyzed through calculation of model line pro-
files to vield temperature fluctuations in a granule as functions of time and height.
We find that the line parameters are distinctly out of phase with continuum bright-
ness, so that, for example, maximum brightness at line center occurs approximately -
100 sec prior to maximum continuum brightness. A series of one-dimensional model at-

mospheres representing the granule at various stages of its lifetime is presented.

OBSERVED SOLAR SPECTRAL LINE ASYMMETRIES AND WAVELENGTH SHIFTS DUE TO CONVECTION

Dainis Dravins
Lund Observatory
§~222 24 Lund, Sweden

Abstract

Convective motions are manifest in the solar spectrum as slight spectral line
asymmetries and wavelength shifts. These have been studied for 311 Fe I lines. Most

lines are blueshifted because the larger contribution of blueshifted photons from
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bright and rising granules statistically dominates ovexr the contribution from dark
and sinking intergranular lanes., Fainter lines (formed deeper) show larger blueshifts
than strong lines; high-excitation lines usually are more blueshifted (preferentially
formed in the hotter granules) and short-wavelength lines are more blueshifted because
of increased granulation contrast there. Detailed studies of line bisector behavior
as function of line parameters permit the construction of model atmospheres incorpor-
ating convective hydrodynamics. The method does not require spatially resolved ob-

servations and can be extended to studies of stellar convection.

DIFFERENTIAL LINE SHIFTS IN LATE TYPE STARS

A. Stawikowski
N. Copernicus Astronomical Center, Astrophysics Laboratory

Torun, Poland

Abstract

The differential line shifts method for studying convective type motions has been
described in the review of Glebocki and Stawikowski at this colloguium. Here the re-
sults of differential line shifts for twenty late type stars are presented. Line
shifts were determined either from published wavelength measurements (o CMi, B Pegq,

o Boo, o Ser, o UMa, a Per, o Sco, Y Cyg, o Car and HD 19445) or from my own wave-
length measurements on 8.1 &/mm dispersion spectra (56 Ori, n Peg, n Psc, 61 Cyg A,
e Exi, é Exi, o Tau, € Cyg, o Agr and 1 Ari). Because of low accuracy of the wave-
length determinations, mean shifts (VR) were calculated for narrow ranges of lower
excitation potentials (LEP). These shifts were plotted against excitation potential
and VR-LEP relations were obtained for all analysed stars. Because of the scatter
of points in these diagrams linear approximation was assumed and the slopes (denoted
A and expressed in Km/s/eV) of the VR-LEP relations were calculated. The stellar
parameters and the derived slopes for the whole sample of investigated stars were an-
alysed, and correlations with microturbulence, luminosity and gravity were found.
These correlations demonstrate that the slope of VR-LEP relation describes some com-
ponent of velocity field in late type stars.

The detailed description of the procedure and results will be published in Acta

Astronomica.
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TEMPORAL AND SPATIAL FLUCTUATIONS IN WIDTHS OF SOLAR EUV LINES

R.G. Athay and O.R. White
High Altitude CObservatory
Boulder, CO 80302, U.S5.A.

Abstract

Analyses of some 300 hours of time sequences of solar EUV line profiles obtained
with 0S0-8 show large fluctuations in line widths. At a given location on the sun,
line widths fluctuate temporally on time scales ranging from less than a minute to
over an hour. At any given time, line widths fluctuate spatially on a variety of
scales ranging from active region size to arc second size. Temporal and spatial fluc-
tuations are of approximately the same amplitude. Thus, the sun can be characterized
by an aggregate of small cells in each of which line widths are fluctuating in time
and which have random phases with respect to each other.

Spatial fluctuations in line width are correlated with large scale spatial fluc-
tuations in brightness for some lines but not for others. Temporal fluctuations in
width are sometimes correlated with either Doppler shifts or intensity fluctuations,
but more often such correlations are absent.

For a given line, the line width varies through an extreme range of about a fac-
tor of two. Nonthermal components of line width vary from approximately the local

sound speed to a small fraction of the sound speed.

FORMATION OF THE PROFILES OF ABSORPTION LINES IN THE INHOMOGENEOQOUS MEDIUM

R.I. Kostik
Main Astronomical Observatory of the Ukrainian Academy of Sciences

Kiev-127, U.S.S.R.

Abstract

The shapes of weak fraunhofer lines, including their asymmetry, are explained by

the influence of acoustic waves and granular motions. The following pattern of granula
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is adopted: the ascending {(granular) and descending {(intergranular) velocities vz

and VZ as well as the relevant temperatures TI and T2 are maximum (minimum) at the
center of granula (intergranula) and decrease {increase) sinusocidally outwards. There
is also tangential outflow of the matter from the center of granula with the velocity
Vs = const. and temperature T3 equal to the temperature of the photospheric model TO.
The areas pccupied by ascending, descending, and tangential motions are SI, Sz, 53
respectively.

The inhomogeneities caused by granulation are perturbed by the acoustic waves
with the velocity amplitude V = 0.4 km/s and with the period T = 300 sec. The for-
mula for the absorption line goefficient was derivedf and the center-to-limb profiles
of 11 weak fraunhofer lines were calculated. The comparison of calculated and ob-
served line profiles have resulted in determiring "best fit" values of Vl, Vz' Va'
S,S,S and AT =T - T . Tangential motions occupy the larger part of the solar
sérfaze Sz = 0.7, Va ; 2.72km/s, Vv = 1.0 km/s, AT ranges between 270° - 400°.



THE DETERMINATION OF SUELLAR TURBULENCE
BY LOW RESOLUTION TECHNIQUES

R. G¥g¢bocki
Institute of Physics, Gdadsk University, 80-952 Gdansk, Poland

A. Stawlkowski

¥. Copernicus Astronomical Center, Astrophysics Laboratory,
87-100 Torui, Poland

INTRODUCTION

In this review the problem of measuring velocity field in stellar
atmospheres from the observer's point of view is presented. Our pur-~
pose here is to discuss observational methods in which detailed ansa-
lysis of line profiles is not necessary, i.e. methods based on mea-
surements of total absorption of lines (curve of growth and narrow-
band photometry ), methods based on measurements of widths of lines
{Goldberg-Unno method and curve of line width correlation) and mea-
surements of differential line shifts. Therefore, our review will be
limited to the discussion of basic assumptions of each méthod, to the
analysis of their advantages and disadvantages, to a specification of
a quantity which can be derived from a given method and finally to a
brief presentation of the results. Usually, the low resolution methods
provide an information about & particular component of the stellar
velocity field. But the problem is more complicated as we do not know
if particular components can be isolated from the stellar velocity
field, thus, we do not know the real physical meaning of the measura-
ble parameters, In this paper we shall adopt classical concept of mi-
ero- and macro-turbulence and convective type velocity. This simpli-
fied picture was criticized since 15 years on every colloquium devo-
ted to hydrodynamic phenomena in the stellar atmospheres, bubt until
now the theoreticians have not succeded in developing a theory which
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would satisfactorily interpret the observations.

Theoreticians would be satisfied if an observational method could
be found allowing to distinguish between different types of oscilla-
tions and distributions of the sizes and veloclities of turbulence.
The reality is however more pedestrian, because the observables are
averages over the angles and depth in whole stellar atmosphere. The-
refore, even the most sophisticated theory of velocity fleld in stars
can not be verified with obsgervations unless it predicts some average
parameters suitable for observations in the integrated light of stars.
Even for the Sun, where observations of hiéh resolution in space and
time are available, the microturbulence derived from integrated light
is not uniquely attributed to any local event, although, the theory
of some local phenomena is quite gatisfactory.

As already mentioned, our review paper is devoted to classical me-
thods of observations. It does not mean that there is no progress in
observational techniques (see the review of Gray), but it merely re-
flects the fact that the huge observational material accumulated over
a half of a century is still open to theoretical interpretation.

THE CURVE OF GROWTH METHOD

The method of determination of the microturbulent velocity from
the curve of growth is the most commonly used, though subjected to
serious uncertainties. This method has been applied for determination
of the % - parameter for about 700 stars in a wide range of Te and.Mv.

The microturbulence is determined by comparison of the observed COG
(i.e. log(W/A) versus log(gfA) - X@exc ) with the theoretical one
{(i.e. log(W/AXc/v) versus log A). The displacement of the empirical
COG vertically and horizontally to fit the theoretical curve establishes
c/v and R. Various types ¢of theoretical curves of growth are available
depending on the definition of log A: Wrubel's COG based on 5-8 and M-E
approximations, Unsold's COG based on Minnaert's empirical line-profile
formula, weighting function method and precise calculation of theore-
tical COG for a gilven stellar atmosphere model. It should be noticed
however that the choice of the theoretical curve has a minor influence
on the % determination. The last of the mentioned above methods is
similar to the fine analysis with a one, but important difference. In
the fine analysis theoretical and observational profiles are compared,
while in the COG method the equivalent widths are calculated from the
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theoretical profiles snd compared with the observational values of W,
Profiles of weak and medium-gtrong lines can be determined only from
high resclution spectrograms. They are subjected to instrumental and
rotational broadening, both being unimportant for equivalent width
determination., Thus, the most important advantage of the COG method
lies in its applicability to fainter stars, for which high resclution
spectrograms are not available.

The COG method assumes that the geometrical scale of turbulent ele-
ments is so small that the non~thermal velocity distribution can be
convoluted with the thermal velocity distribution. The vertical shift
of the observed COG relative to the theoretical one yields ¢/v, where
v = (vih + §2)ﬂ/2. The assumption of Gaussian distribution of velo-
city of turbulent elements is of course a simplification which may
not be fully Jjustified.

In most investigations the microturbulence was derived as a by~pro-
duct of the abundance analysis. Only few studies have been entirely
devobted to the determination of the % , usually for narrow ranges of
T, and M, (Chaffee, 1970; Andersen, 1973; GY¢bocki, 1972; Foy, 1976).
These investigations are of great importance because of the homoge~
nuity of the observational material. But a comparison of f derived
for the same star by different authors usually displays a considerable
discrepancies.

Statistical analysis of the behaviour of % on the HR diagram based
on the published data has been made by different authors (for refe-
rences see Gray, 1978). The results of these studies are very impor-
tant for our understanding of the physics of velocity fields in ste-
llar atmospheres. Unfortunately, these results should be regarded with
caution. During the last twenty years not only the method of the COG
evolved, as mentioned above, but what is more important the numerous
new determinations of the oscillator strengths with increased accuracy,
allow for investigation of second order effects in the COG method.
Thege second order effects can noticeably change the derived values
of microturbulence. There is even a believe that many uncertainties
in the COG method preclude a coherent discussion of the distribution
of microturbulence on the HR diagram when based on the data published
by different authors. These uncertainties are well known and can be
listed in the following order: errors in equivalent widths, errors in
oscillator strength values, lack of data and/or correct formula for
damping constant, magrnetic intensification, hyperfine structure, non-
LTE, errors in temperature and pressure gradients, non-gaussian dis-
tribution of turbulent velocity. The first two factors are the most
responsible for the disagreement in the % determinations for the same
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gtar by different authors.

Errors in eguivalent widths. The stellar curves of growth are based

on spectrograms with dispersion from about 1.5 i/mn to 20 £/mm. The
observers know that the accuracy of W determination in mk is of the
order of the dispersion of spectrogram given in }/mm. But, it should
be kept in mind, that systematic errors in W are more essentiasl than
the internal accuracy of measurements. Wright (1966) and Smith (1973)
compared several W scales. The accuracy ofJN determination is of the
order of 5% for lines stronger than 100 nk, but may be as low as 50%
for weak lines (25 mi ). The tendency of equivalent widths to increase
with decreasing resolution is a well known effect though its origin is
not quite well understood. E.g. a comparison of W from 8.5 $/mm and
2.7 A/mm spectrograms showed that lower dispersion equivalent width
scale is 30% larger than the higher, and is roughly independent of
equivalent width (Smith, 1973 ). The equivalent widths determined from
spectrograms of 16 A/mm differ by a factor of two when compared to the
data taken from 2 f/mm spectrograms. A factor of two in equivalent
width scale would mimic increase of microturbulence by about 3 km/s
for Y Bqu (Smith, 1973). The only way of reducing the errors in E
due to systematic differences in W scale is to compare the equivalent
widths of the program stars with those of the standard star, for which
the W scale has beern well established. Unfortunately only few obser-
vers take the spectra of their program stars together with a standard
star in order to compare their W scale with that derived trom the high
dispersion spectrogrems. Besides, there is still a lack of commonly
accepted standard stars for equivalent widths calibration. Thus, it

is often impossible evaluate the error of the individual % determina-
tion caused by uncertainty in W.

Uncertainties in ogeillator strengths, In tnhe last years the improve-
ment in the determiuatior of tne oscillator strengtns, especially for
iron, has been sigrificant. The number of neutral iron lines with very
accurate gf values (0.1 dex, e.g. Blackwell and Shallis, 1979 ) has
considerably increased. The situation is worse for other slements and
especially for ions. The new scale or gf values differs from the old
one not only by a constant factor but, what is essential by a factor
including upper-level excitation potential. The new scale may change
considerably the determination of microturbulence and explain the spu-
rious dependence of % on excitation potential and height in the ste-
llar atmosphere found by e.g. Bell (1951), Wright {1951), Warrer (1964),
Zeinalov (1970), Osmer (1972). For example the X - dependent turbulent
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Fig. 1. Variation of the turbulent velocities with LEP derived by
Zeinalov (1970 ) - full line, and constant velocity derived from re-
vision by Hasegawa (1978) - dashed line,

velocity derived by Zeinalov (1970) for ¥ Cyg is caused by systematic
errors in gf and W. Zeinalov used Corliss and Warner (1964) gt values,
Hasegawa's reanalysis of that star demonstrated that adopting the new
scale of gf X- independent value of ‘¢ is derived as shown in fig. 1
(Hasegawa, 1978). The investigation of Andersen (1973) demonstrated
that ‘Q is reduced by about 30% for main sequence stars when using
gf values of Garz and Kock (1969) instead that of Corliss and Warner
(1964 ), For other stars this reduction of microturbulence may be even
larger (Elste and Yonson, 1971). We think, that the well known dis-
crepancies in % for the same stars analysed by different authors

are in great extent due to differences in gf values. Almost every set
of new gf determinations is applied to the solar curve of growth ylel-
ding a revised value of 2 « There is however a general laeck »f revi-
sion of microturbulence determination for standard stars (eVir, «Per,
o CMi), what in principle unables the use of older § determinations

for statistical investigation.

Uncertainties in the damping constant. The now available high accuracy
of gf values especially for iron a.lows to investigate the influence
of the second order effects (e.g. splitting of the COG due to colli-
sioral damping) which previously has been completely lost in the sca-
tter of points in the COG. Some authors claim that value of damping
constant is connected with the parity of multiplets. This effect has
not been fully confirmed, but Foy (1972) found a splitting of the flat
part of the solsr C0G. This splitting when translated into microtur-
bulence is equivalent to 0.5 km/s. The approximations .in' the theore-
tical formulae for damping constant as well as poor experimental data
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make 8 detailed discussions of damping constant problem suspicious.

The theoretical values of |” are usually smaller than the observed
ones. Many authors use an artificial enhancement factor in order to

fit theoretical and observed profiles. The calculation by Smith (1973)
showed that a change of " by & factor of 7.5 would mimic a change of
% by 1.25 km/s, Similar results were obtained by Evans and Elste(1971)
who showed that for the flat part of the COG the effect of an increased
damping by a factor of 2 could be compensated by a decrease of micro-
turbulence by an amount of 0.5 km/s. The influence of an error in [
becomes negligible for lines near to the turn off point in the COG.

Magnetic intensification of lines. Spectral lines having rich Zeeman
structure may increase their equivalent widths in the presence of
strong magnetic field. The magnetic intensification is pronounced for
medium-strong lines for which every W end ¢ component is saturated.
For very strong lines collisional damping acts more effectively than
Zeenan broadening. Zeeman intensification will rise the flat part of
the COG analogously to the increase of microturbulence. Evans claims
that 1 kGauss field mimics an increase of microturbulence of 1 kn/s,
ard that this effect roughly scales (Smith, 1973), what is confirmed
by the investigation of Hensberge and De Loore (1974). This conclusion
is important when microturbulence of Ap stars is derived from hori-
zontal part of the COG. The calculations of Havnes and Moe (1975) show
that the Zeeman intensification is negligibly small (10% for 5000 Gauss)
for equivalent widths near to the turn off point in the COG.

Hyperfine structure, Lines of some elements, like Co, Cu, Mn, Bu, are
sensitive to thelr hyperfine structure. Curves of growth including

HFS were calculated by Bely (1966) and Landi Degl'Innocentl (1975).

Van Paradijs (1973) found that the intensification of Mn and Cu lines
due to HFS mimics the value of microturbulence of 3.5 km/s in compa-
rision to the adopted value of 1.2 km/s. Iron lines are insensitive

to HFS intensification, The lines of Cu, Mn and some rare earths should
be avoided in determination of“g, egpecially in Ap and Am stars, where
a joint effect of magnetic and HFS intensification may significantly
change the derived value of microturbulence (Landi Degl!'Innocenti,1975).

Non-LTE and uncertainties in models of stellar atmosphere, Non-LTE may
be important for strong resonance lines in the early type stars. The
profiles of these lines can be significantly changed when non-LTE pro-
cedure is applied, what translated to microturbulence can introduce
corrections as high as % km/s (Mihalas, 1973). But for most faint and
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Fig, 2. Solar curves of growth with non-LTE - dashed line, and LTE -
full line. Adopted from Dumont et al. (1975).

medium~strong lines used in the COG method the influence of non-LTE
is negligible. Dumont et al, (1975) calculated the influence of non-LTE
for a hypothetical 4~5 level atom plus continuum., Fig. 2 shows that
the non-LTE calculations does not significantly change the COG. Appli-
cation of non-LTE calculations for iron lines in Arcturus by Smith
(1974) shows that the effect is on a level of detectability. Ignorance
of non-LTE leads to an overestimate in % of 12%, i.e. 0.2 km/s.
Models of stellar atmospheres are still uncertain in that sense
that they do not include the effects of stellar velocity fields. The
heating by mechanical flux and blanketing effect can considerably
change the temperature gradient in the uppermost layers of the atmo-
sphere. The influence of a change in 4T/dh on the slope of the COG was
snalysed by several authors. This influence can not be significant be-~
cause weak and medium~strong lines used in the COG analysis originste
in deeper photospheric layers, The results of BShm~-Vitense (1972) and
Bonnell and Branch (1979) confirm the negligible effect of changes in
4T/dh on the '? determination from the CO0G, but it should be included
in the abundance analysis. This conclusion is even more valid when mi~
croburbulence is determined from the lines near the turn off point in

the COG.

The determination of ‘¢ by the COG method is a valuasble extension
of the study of velocity field in the stellar atmospheres., No matter
what is the real physical meaning of ‘¢ we all agree that its quanti-
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tative change on HR diagram is important for our understanding of phy-
sical processes underlying the origin of turbulence and its connection
with rotation, the depth of convective zone, mass losses and stellar
winds. In this aspect the statistical investigations of the behaviour
of ? on HR diagram are essential, The COG method supplies most of the
data for that kind of analysis. Unfortunately, as it follows from our
review, the COG method is subjected to many uncertainties. Moreover,
ﬁ is often derived as a by-product or fitting parameter, thus less me-
thodological attention is paid to its determination. The following
conclusions can be drawn from our discussioen.
- Neutral iron lines should be used to the determination of ? by the
COG method. Iron lines are the most numerous in a wide range of effec-
tive temperatures. Thelr oscillator strengths hawge the greatest accura-
¢y of 0.1 dex, also for faint lines.
- Spectrophotometric standard stars should be chosen in the whole range
of Te and Mv' These standards should have a very good determination of
equivalent widths based on the highest resolution spectrograms and a
carefully determined parameters of stellar atmospheres and velocity
field, This would allow for a careful reanalysis of ? for a huge num-
ber of stars.
- The microturbulence should be determined from the turn off point ra-
ther than from the flat part of the COG in order to avoid the influ-
ence of errors in damping constants, magnetic and HFS intensifications.
These second order effects act effectively on strong and medium-strong
iines rising the horizontal part of the COG. The high accuracy of gf
values for faint lines permits now for a more precise evaluation of the
turn off point with a partial elimination of personal factor which is
also a source of discrepancies in the‘% determination by the COG
method.
- Qur experience shows that some discrepancies ixn ’g determinations
for the same star by different authors can be removed if careful re-
analysis 1s applied. The situation is worse for early type stars. The
precision of oscillator strength for ions (Fe II, Cr II, Ti II) is
8till unsatisfactory for reliable determination of microturbulence.
Fast computer facilities supersede recently the COG method. Quasi-
fine analysis like WIDTH program, where '% is a fitting parameter are
often used when analysing high dispersion spectrograms. However the
above mentioned conclusions remain valid for this modification of the
COG method.
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NARROW-BAND PHOTOMETRY

The effect of line saturation in the COG can be utilized for detec-
tion of microturbulence by narrow-band photometry. Spectral regions
with a bulk of lines from different parts of the COG can be found in
stellar spectra. In the region where lines from the flat part are do=-
minating blanketing effect is mainly a function of microturbulence,
while in the region crowed with weak lines blanketing effect is sen-
sitive to the metal abundance. In the standard narrow-band photometry
systems colour indices are influenced by both factors, The sensitivity
of colour indices on different atmospheric parsmeters was discussed by
Gustafsson and Bell (1979) in their analysis of synthetic spectra, It
turned out that some of the commonly used narrow-band indices like L
Cqs Uppsala systems, DDO systems are mildly dependent on E value, For
illustration see figures in Gustafsson and Bell (1979). Analysis of
the blanketing effect lead these authors to the suggestion that it is
possible to invent a narrow-band photometric system suitable for the
evaluation of miecroturbulence. For this purpose the following regions
in the stellar spectra siould be found: one with many weak lines and
another with numerous medium~strong lines plus two reference regions
free of any lines. The reference regions should not be too distant
from their line regions. Index CI defined as

flux of line region

CI = 2.5 log
filux of reference region

would measure either metal abundance or microturbulence. Nigsen and
Gustafsson (1978) have proposed such a system based on measurements

at the bands near to 4800 & and 4980 & for F type dwarfs. They observed
52 stars with 5600°CT,< 7200"and 3.9< log g< 4.4 and found that in this
region of HR diagram, § is only weakly dependent on Ty changing from
1.2 km/s for T, ~5800"to 1.9 km/s for T ~ 7200% Their result is in
qualitative accordance with determinations by the COG method (G¥g¢bocki,
19%3), see fig. 3. Systematic difference is caused by the adopted va-
lues of ¥ for the Sun (Nissen and Gustafsson - 0.8 km/s, Gigbocki -
1.2 ¥km/s). Another narrow-band determination of % with the use of a
very similar photometric system made by Gustafsson et al. (1974) for
G8-K3 type giants. They observed 48 stars and concluded that micro-
turbulence was constant for varying gravity and metal content., The

mean value for this sample is equal to 1.7 * Q.4 km/s., Their results
confirm the conclusion of G¥gbocki (1973) based on analysis of the COG
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i !
6000 7000 T

Fig. 3. Variation of microturbulence with T _for F type dwarfs. Dashed
line -~ narrow-band photometry data (Nissen gnd Gustafsson, 1978), full
line -~ COG data (Grebocki, 1973).

data that the microturbulence is determined by the position of the
star or HR diagram (see however Foy (1978) analysis indicating an age
dependence of turbulence ),

The narrow-band photometry method of g determination is based on
the same unclear physical assumptions about the stellar turbulence as
the COG method although it is methodologically quite different. It has
an advantage of differential analysis avoiding errors in atomic data
and errors in abundance of a particular element because of averaging
the fluxes over the whole spectral region containing lines of different
elements and different excitatbion potentials. Besides, photoelectric
measurenents of colour indices are more economical and accurate than
the spectrophotometric determinations of absorptions of numerous lines.
Troubles with establishing continuum in line crowded areas typical for
spectrophotometric analysis are unessential in the narrow-band method.
Besides, photoelectric measurements are much less time consuming espe-
cially in the elaboration of -observations and they are more favourable
in reaching fainter stars in compariscn to high dispersion spectropho-
tometry.

There are however important drawbacks of the narrow-band photometry
method. Its fundamental weakness lies in the calibration of the zero
points. Even, when using sophisticated models of Bell and Gustafsson
{1978 ) uncertainty in the calibration of zero point with real stars
can be as large as about 1 km/s caused by errors in damping constant
(* 0.8 ¥m/s), errors in the assumed value of % for the Sun (0.3 km/s),
errors in log g (% 0.3 km/s) and because of non-LTE effects (0.4 km/s)
(Nissen and Gustafsson, 1978). These errors can change by an approxi-
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mately constant value all the results for a given photometric system.
Internal consistency of measurements is much better and a typical error
does not exceed ¥ 0,15 km/s.

There are two obstacles which prevent a widespread use of narrow-
band photometry for the determination of microturbulence in whole range
of T, and M,. The most suitable photometric system for ¥ determination
consists of narrow spectral bands centered on regions with medium-
strong lines, weak lines and reference regions free of lines. These
regions can be established for stars in rather narrow ranges of tem-
temperature and luminosity. For stars with considerably different Te
and Mv medium-strong lines can change into strong or weak lines and
vice versa, and spectral regions free of lines may become overcrowded
with lines. Therefore, the best narrow-band system should be esta~
blished for rather narrow boxes on HR diagram. But in that case, for
each box and each system good spectrophotometric standards with well
known microturbulence parameter are necessary in order to establish
the zero point of the E scale. It should be stressed once more that
such standards are necessary for narrow-band photometry method, for
COG method and for other methods as well.

A comparison of photoelectric narrow-band determinations of € with
those from the COG method is shown in fig. 4. In this diagram the data
are taken from different sources and because of the lack of standards

i 1 i }

i
10 20 30
Elcos)
Fig. 4. Correlation between narrow-band and COG determinations of micro-

turbulence. Circles denote stars with single COG determinations, points
denote mean values from several determinations for the same star.
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they are not reduced to one system. In spite of the large scatter of
points caused by errors in both methods the results are in rather sa-
tisfactory agreement. But, this figure explicitely reveals that any
differences in microturbulence of the order of 0.5 km/s when found
from inhomogeneous data car not be taken seriously.

GOLDBERG -~ UNNO METHOD

The method suggested by Goldberg (1958) and extensively applied to
the solar lines by Unno (1959 a, b) rests on the comparison of two
line profiles from the same multiplet to determine the Doppler width
and hence g .

The basic assumptions are as follows:

&) the source functions of the two lines of the same multiplet are

equal at the sam2 geometrical depth;

b) the source functions do not depend on wavelength;

¢) the profile is Gaussian, ¢ QA ) ~ exp w(Al/AAD )2 ;

d) the Doppler width, A)LD, is constant in the region of line core

formation;

e) the continuous opacity is egual for the both lines.

When this assumptions are fulfilled line absorption cosfficients are
equal for the Iwo lines at points of egual emergent intensity. This
leads to a simple formula for the Doppler width

AN, -

where AAA and A)\B are widths of A and B lines at the same emergent
intensity. In order to avoid errors connected with the pressure broade-
ning, only the lines with Voigt parameter a {0.01 should be used and
measurements must be limited to AAKL A?\D. Source functions of the both
lines should be the same with the tolerance of only about 2%. In spite
of these severe limitations it is not difficult to find at least few
pairs of lines useful for the Goldberg-Unno method. The best results
are obtained when the two lines are of comparable (but not equal) in-
tensity, their lower excitation potentials are the same and they are
not very distant (£ 50 %) in the wavelength scale. The influence of
errors in determination of the AA is reduced when the measurements
are made at the level of intensity equal to the center of the weaker

0.4343 (81,2 - BA;%)
log (gf), - log (&fly
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lire (AAA=O>’ Unfortunately, because of the discussed above assumptions
and restrictions the Goldberg-Unno method can be used only if the spec-
trograms with dispersion better than about 5 f/mm are available.

Up to date nine stars were studied with the use of this method « CMi
and o Boo (Sikorski, 1976) 4 Boo, £Dra, §Dra, £Cys, nCep, YCep and 7Cep
(Stenholm, 1977) and T Uma (Zaremba, 1979). The resulting average 1
values for these stars are in good agreement with those derived fron
the COG method. An important advantage of the Goldberg-Unno method is
the possibility of evaluating the changes of % with height in the ste-
llar atmosphere. Using pairs of lines of different central depths, %
values can be found for different emergent intensities, i.e. for di-
fferent layers in the stellar atmosphere. The most serious problem is
the estimation of a layer of formation of a given point in the line
profile, How troublesome and misleading could be such a determinastion
has been demonstrated by Athay (1972). The problem is even more com-
plicated when the calculated contribution function differs considerably
from the response function. Besides, the layer of formation of a given
point in the profile extends sometimes up to 3/4 of the thickness of
the photosphere. Therefore, the attribution of the g- value to a given
depth in the atmosphere is subjected to serious errors. With all the
caution given to these uncertainties, results for the Sun and the stars
suggest an increasse of microturbulence in the upper photospheric layers
(10315;S~3) and in some cases a slight increase in deep layers
(log{5)<-1). The depth dependence of turbulence was studied in three
K2 giants snd the Sun using widths of weak lines formed in the wings
of the H and K lines. Ayers (1977) found that non-thermal velocity com-
ponent in the Sun is constant at 1.6 km/s between 1og‘£5=o and -3,
while Stencel (1977) found that the velocities increase outward in K2
giants and the higher the luminosity, the steeper the gradient.

It should be remembered that the Goldberg-Unno method can not be
applied when broadening by conveéction, macroturbulence and rotation
is not negligible. But for late type stars the results based on weak
and medium-strong lines are undoubtedly reliable, In spite of the dig-
cussed above limitations the Goldberg-Unno method should be recommenw
ded mainly because of its simplicity in practical application.

THE CURVE OF LINE-WIDTH CORRELATION METHCD

In order to utilize measurements of the line shapes for the studies
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of stellar turbulence a method called curve of line~-width correlation
(COLWC ) was proposed by Huang and Struve a quarter of century ago. It
is well known that microturbulence causes only broadening of line wi-
thout changing its total absorption. If the velocity field in the ste-
llar atmosphere is assumed to be depth-independent and can be repre-
sented by one value of microturbulence and one value of macroturbulence,
then & unique relation log W versus log D1/2 should exist, where 31/2
is the half width. This relation is called curve of line-width corre-
lation. Theoretical COLWC has been calculated by different authors for
given model of gtellar atmosphere with parameter b defined as the ra-
tio of macro- to micro-turbulent velocity, b”vmacro/g . In order to
establish % and Vnacro for a given star the theoretical curves are
slid both vertically and horizontally until a curve for a particular
b gives the best possible fit to the observations, Because of the
difficulties with the unique fit usually, the microturbulent velocity
is independently derived from the C0G method, while the obtained value
of b permits to derive the macroturbulent velocity.

The COLWC method though simple in principle is burdened with se-
rious drawbacks. The scatter of observational points is usually too
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Pig. 5. Theoretical curves of line-width correlation for different
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69

large for a unique determination of the b parameter. Some improvement
of the procedure is possible when mean values rather than individual
observational points are plotted on diagram {Bell and Rodgers, 1964,
1965). But even then the observations can not be usually fitted by a
single curve, That is why the COLWC method has not been widely applied.
The macroturbulence has been derived by this method only for « Cyg,

§ CMa and the Sun (van den Heuvely, 1963), pDor (Bell and Rodgers,
1964), §CMa (Bell and Rodgers, 1965) and «CMi (Evans et al., 1975).
Some modifications were introduced to the COLWC method by Evans et al.
(1975). They measured widths of lines at 1/2 and 3/4 of central line
depth and constructed plots of log W versus log(D5/4/D1/2)' This modi-
fication did not however removed the disadvantages of the classical
COIWNC. The modified COLWC was tried unsuccessfully in an analysis of
early type stars by Slettebak (1956).

From the practical point of view the developments of this method
seem to be purposeless. Only high resolution spectrograms could reduce
errors in the measurements of line-widths and diminish the scatter of
points on the COLWC diagrams. But for high dispersion spectra fine
and/or Fourier analysis provide much more reliable evaluation of the
parameters describing the velocity fields in the stellar atmospheres.

DIFFERENTIAL LINE SHIFTS METHOD

Differential shifts of stellar lines can occur when the convective
type velocity field in a stellar atmosphere is coupled with the diffe-
rences in the depth of line formation. If the stellar disc is covered
by small convective type cells, similar to solar granulation, then a
relation between differential shifts of lines, 2r"alab‘ and their low
excitation potentials, X, should be expected. High-excitation spec-
tral lines are preferentially formed in the hot, rising and thus blue-
shifted elements, while low-excitation lines are preferentially formed
in the cooler sinking and redshifted elements. In the solar atmosphere
a correlation between continuum brightness and upward velocity is most
pronounced for weak lines formed in the deeper layers and decreases for
lines in the higher layers (Canfield and Mehltretter, 1973), Thus a
correlation between differential line shifts and the strength of lines
should be expected. This effect known as Burn's effect has been obser-
vationally confirmed by GYg¢bocki and Stawikowski (1969, 1971) and Be-
ckers and Nelson (1978). The relation between line shifts and low exci-
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tation potential (VR-LEP) have been found by Lambert and Mallia {(1968)
and GYebocki and Stawikowski (1969, 1971).

The measurements of differential line shifts require very high dis-
persion spectrograms. It is possible to measure stellar line positions
in high quality spectrograms with an accuracy of 2 microns what for a
dispersion of 2 §/mm corresponds to 0.1 km/s. Because of uncertainties
in laboratory wavelengths, measurements of stellar line shifts should
be made either relative to very accurate low-pressure laboratory wave-
lengths or relative to the Sun, whose wavelengths are known with an
accuracy of 1 ml or better. Otherwise pressure shifts or errors in la-
boratory 4 scales may introduce spurious effects (Grebocki and Stawi-
kowski, 1971 ). The differential line shifts are expressed in velocity
units, VR = (AA/A)¢. The solar line shifts chenge their sign at the
limb. This might be important when differential shifts are analysed in
stars, where integrated light is observed. The contribution of the limb
to the integrated light is however small, especially when limb darken-
ing is taken into account.

The results of the differential line shifts measurements are usually
presented by the gradient in the VR-LEP relation A= AVR/AX. Fig. ©
shows the VR-LEP relation for o Boo obtained by Dravins (1974). The
points represent individual shifts for neutral metal lines derived from
Griffin's spectrograms of 1.5 f/mm (Griffin and Griffin, 1973). The
gradient A amounts -0.45 km/s/eV. Stawikowski (1976) obtained the A

km/s J J ! ! '
of -

| ] 1 1 |
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Pig., 6., VR-LEP relation for o Boo according to Dravins (1974 ). Symbols
represent measurements of individual line shifts.
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Fig. 7. VR-LEP relations according to Stawikowski (1976). Each point
represents mean value of line shifts for several dozens of Fe I lines.
Gradients (full lines) has been fitted to the points by the least squa-

re method.
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values for 20 F, G and K type stars. His results were based on inho-
mogeneous obsgervational material with the dispersion of 2 to 8 X/mm.
Examples of VR-LEP relation are shown in fig. 7. Each point on these
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diagrams represents an arithmetic mean of several doznes VR measure-
ments for lines with a given value of X. A correlation between the A
values and microturbulence is shown in fig. 8.

The VR~LEP method suffers from two serious shortcomings. First, it
requires very high dispersion spectrograms; second and the essential,
the results of line shifts when presented as a gradient A can not be
explicitely converted to the convective type velocity in the stellar
atmosphere. Even when a simple two-column model of atmosphere is adop-
ted with a very crude mathematical treatment, the observed slope in
the VR-LEP relation depends not only on convective velocity, but on
the mean excitation temperature, on the temperature difference AT =
= Thot - Tcold and on the percentage of disc area covered by the hot
columrs, S. Even for the Sun these quantities are poorly known. For
stars AT and S have to be treated as free parameters in a function
relating the observed gradient A with the convective velocity.

Schatzmar and Magnan (1975) presented a slightly different inter-
pretatior of the observed VR-LEP relation. They assumed that the ve-
locity of the ascending and descending convective bubbles can be re~
presented by a Gaussian distribution., Additionally, they made an assump-
tion that a unique relation exists between the temperature of the bu-
bble ard its velocity. Owing to the differences in lower level popula-
tions between hot and cold bubbles coupled with the upward and down-
ward velocities a theoretical relation between differential shifts and
lower excibation potential and the line strength has been derived.
However, the number of free parameters in this approach has not been
reduced in comparison with the column model. The authors stressed that
the principal weakness of their interpretation lies in the ignorance
of the correlation length of the turbulence. They have considered only
the microturbulent situation, i.e. the mean free path of the photon
being smaller than the size of convective element. The opposite situ-
ation corresponds to the theory of column model.

In spite of the difficulties with the interpretation of VR-LEP re-
lation this method is a valuable complement of the stellar velocity
field studies. It presents the interesting possibility of separating
stellar turbulence into its physical components by comparing diffe-
rential line shift results with other measurements of turbulence in
the same star.
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ANALYSIS OF HIGH RESOLUTION STELLAR LINE PROFILES

David F. Gray
Department of Astronomy
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Iondon, Ontaric, Canada

1. Introduction

High resolution implies that we obtain some information on spectral line shapes.
In late-type stars, we need to measure velocities of a few km/sec to accomplish this.
Increasing the spectral resolution and the signal to noise ratio allows us to progress
step by step toward deeper vhysical understanding. The steps we take often lead to
good debate and "stimulate" our lives. I am sometimes amused at the urgency we feel to
press on to the next step. We rarely seem to pause and enjoy the completion of previ-
ous steps. Perhaps this is because we always see shortcomings in completed work. Quite
typically one will "discover" the importance of some physical phenomenon (It makes
little difference how many others already know sbout it.), and in his eyes everything
done previously becomes wrong because this phenomenon was not included. We used to
hear how Milne-Eddington or Schuster-Schwarzschild model atmospheres were inadeguate -
we had to use instead properly computed depth dependence. We used to hear how LTE mo-
dels were no good - we had to use more detailed physics. Now we talk about line analy-
ses being inadequate because it has not included velocity fields. The curious thing
is that we believe that including our pet phenomenon gives the correct models. We ig-
nore all those other phenomena as yet unseen! (Is this a mechanism for maintaining
sanity?) I think it really amounts to a statement of what we are able to measure,
compute, or understand.

Observationally, I view the situation in steps of "toughness", i.e. how difficult
it is to obtain certain types of information from spectral line shapes. Roughly these
can be grouped into

1) line widths - typically a half width is measured but we get no information
about what causes the broadening.

2} line broadening - where shapes as well as widths are measured and we begin to
discern the characteristics of broadening resulting from rotation or macro-
turbulence.

3) the details - we see line asymmetfies or other structure; we measure true
central line depths. Questions concerning the physical mechanisms for turbu-
lence can be tackled, T(t) derivations become possible, and non-LTE effects

can be disentangled.
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Generally, each degree of toughness involves higher spectral resolution and better
signal to noise. The detrimental effects of line blends also become more bothersome
as we progress to a tougher category.

I will concentrate on the second and third categories of toughness and largely
omit the first one. Part of line analysis is knowing how good the data is. We now

consider modern capabilities in stellar spectroscopy.

2. Observational Considerations

The number of stars available for high resolution studies is restricted in prac-
tice by photon rate limitations. Typically 20 mB/pixel is appropriate for work on late-
type stars for a resolution of ~50 mR (-3 km/sec). A 20 mf slice is pretty tiny when

it comes to building up good photon statistics. Everyone knows that signal to noise
1/2

goes as N but alsoc recall that the time required to collect a given number of pho-

tons wvaries as the cube of the resolution {or if multielement detectors are used and
the size of the field is not of interest, then as the square of the resocluticn). In
the resoclution regime I am considering here, even 3-4 magnitude stars begin to look

faint. Large telescopes are important for bright star work.
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I have recently compared line measurements made with four totally different sets
of equipment in order to see what errors exist with modern measurements. As you know,

past comparisons have shown errors of 10-20% to be common {e.g. Wright et al. 1964,
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Conti and Frost 1977). Fig. 1 shows Fe I 16253 in Arcturus as measured by M. Smith
using a Reticon on the McDonald 2.71 m telescope coude and by myself using a Digicon
on the U.W.0. 1.22 m telescope coude. After allowances for differences in scattered

light, the average deviation over 0.4 R is 0.7%. Fig. 2 shows a similar comparison
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Fig. 2. Measunements of Fe 1 A6065 for Fig. 3. Measurements of Fe 1 16065 for
Anctunus are compared. Anctunus are compared.

for Fe I AB065 in Arcturus. The measurements of Wynne-Jones were done using the 2.50 m
Herstmonceux telescope to feed a Michelson interferometer, The average deviation here
is 0.8%. Fig. 3 shows a comparison of photographic measurements made by Griffin with
mine. The average deviation is 1.0%. & more detailed discussion of this material is
being published in the P.A.S.P.

I conclude that line shapes can currently be measured with errors <1%. This is
still not as good as in solar work, but it is good enough to start doing some physics.

Caution though. We still have a range of up to 5% in zero-level (scattered 1light?)
differences. This is a crucial point for T(t) derivations because there we need line
center residual fluxes. Relatively large uncertainties in zero level is one reason why

I place the measurements of central line depths in toughness category 3.

3. Analysis in the Fourier Domain

a) Basic Concepts

The general discussion of line analysis in the Fourier domain is available in
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several places (e.g. Gray 1976, 1977, 1978; Smith and Gray 1976) and I will assume

that you are somewhat familiar with the process.

Pirst, I wish to show you fig. 4. It is
a reconstructed profile - or rather two ver-
sions of & reconstructed profile - with

slightly different PFourier noise filters.

The noise level in the original data is about

2% {(not bad by stellar standards). Both fil~
ters are reasonable and possible choices. I
think you will agree that differences in
these reconstructions are uncomfortably
large. In principle it is possible to get
"better" data, i.e. data with lower noise

and higher resolution. But that is costly in

observing time and may be impossible in prac-

tice. Rather, one can avoid the noise filter
problem by performing the analysis in the

Fourier domain.

A basic point of what happens is illus-

trated in fig. 5. Here several common trans-

forms are compared. Clearly, in order to
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Fig. 5. Transforms of several commonly

encountened functions ane compared. Dif-
denences become Largen toward high fre-
quencies.
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Fig. 4. Two neconstructions of the same
sef of data showing the effect of the
noise §ilten. The difference is plotted
below the progiles.,

distinguish between them, it is necessary
to measure high enough in frequency and
with low enough noise to resolve the dif-
ferences where they occur.

Pig. 6 emphasizes the signal/nocise
behavior. For a noise level nl, only the
top of the main lobe can be seen. As
higher photon counts are reached, the
high frequency, low amplitude structure
is revealed - the details we need to do
the science. Notice that the signal/noise
is a strong function of o and that the
signal is concentrated to limited ¢ bands,
e.g. the first sidelobe.

It was with these tools that I at-

tacked the classical problem of separating
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macroturbulence from rotation. If we think way back, we recall that most people used
to assume isotropic Gaussian macroturbulence, and it was repeatedly stated that one
could not distinguish macroturbulent from rotational broadening except in a statisti-
cal sense. Fig. 5 already showed why this was the case and what needed to be done to
solve the problem, At low spectral resolu~-
tion, the two broadeners loock the same. It

was necessary to push the observations to

T T l]i!‘l! H T v § T rtvy
the region where they are unique. That has

pHerA 26263 been done. Further, under certain assump-
o tions, it is possible to allocate a certain

fraction of the line's macrobroadening to

lllll'l
Lo taatl

macroturbulence and the remainder to rota-

tion. Obviocusly this process has meaning

00t

& iy only within the context of its basic assump-
k tions - no different than any other opera-
4

=TTy

FOURIER AMPLITUDE

% tion in science.
1 b} Convolutions and Disc Integrations

h —_—n. 4 Initially I used the convolution ap-
3

proximation to combine the effects of macro-

0001 % turbulence and rotation. This is a valid ap-

proximation for some types of macroturbu-

L4 110l bl i
o1 10 lence and the classical treatment of rota-—

o (sec/xm) tion. But as more involved models come into
Fig. 6. The noise Level can often ob- use, it was necessary to do integrations
scure the information contained in the over the dise (rather costly). The convolu-
h&ghen grequencies. tion approximation can be used if the func-
tions are independent of position on the

disc (0). Otherwise integration over the

disc cannot be avoided. Still, as a thinking tool, the convolution approximation can

be very useful.

Numerical experiments also show that in many applications the full convolution
approximation is good to a few per cent. If, for example, we replace the G{A)*MRT(A}
convolution, where G{A) is the rotation profile and MRT(X) is the radial-tangential
macroturbulence profile, with a disc integration, we gain the inclusion of limb dark-
ening and a more rigorous treatment of the macroturbulence broadening which is § de-
pendent, Assuming equal weighting of radial and tangential components, the disc inte-
grations turn out to give & to 8% larger values for CRE than does the convolution form~
ulation. This is almost exclusively a result of limb darkening reducing the broadening
of the tangential component.

In addition, we should include the center to limb variation in the Iv profile for

a complete and proper disc integration. For the solar case, where we can measure this



80

change, it is small enough so that neglecting it still gives reasonable results for
cRT and v sin i (Gray 1977). For other stars, we do not know the & dependence so we
cannot put it into the disc integrations even if we want to. We may, of course, pos-
tulate a model which gives the 8 dependence and then the complete integration can in-
deed be done. The postulated model will have to produce a substantial © dependence
to have much of an effect on the analysis.

Another basic uncertainty exists in the Iv(e) profile. That is the depth depend-
ence Of modeled broadening parameters, e.g. microturbulence dispersion, £. It is pos-
sible to postulate such large gradients in § that virtually any shape can be manufac-
tured for Iv(e} profiles. It guickly becomes a numerical exercise reminiscent of epi-
cycles. Fortunately in many cases the Iv(B) profile is significantly narrower than
the macrobroadening.

¢) Precision in Fourier Analysis
Now let me be somewhat more specific
in discussing the precision involved once

a model has been adopted. We expect guite

LA T generally that the greatest precision will

MODELS FOR A\6065 | be obtained for the dominant component of

broadening. If we apply the micro-macro-
01
turbulence plus rotation model to K giant

Lol

T T TTT]

analyses, then magroturbulence dominates,

b rotation comes next, and microturbulence is

1
=
>
L
1

smallest. In fact it is even surprising that

any information can be obtained on micro-

FOURIER AMPLITUDE
T

turbulence in the presence of the two larger

.\*‘\‘\~‘~ E broadeners. But we are fortunate in this
) 5 cagse because the first zero and the side-

001~ ,
t 10 12 14 E lobe structure of the transform are sensi-

- tive to the saturation of the line.

If classical depth independent micro-

turbulence of dispersion £ is introduced

F I B A A W | L
001 — o1 into the calculation, it is possible to fix

o {sec/km) £ to within 0.1 km/sec {fig. 7). Larger er-

rors appear in the observed position of the
Fig. 7. The position of the §inst zero . . . .
in the # form of a sat ted Line ik first zero making the errors in £ more typi-
very sensitive Zo the degree of satura-  cally 0.1 km/sec.
Lion. The insert g&apk shows £ {fm/sec) Systematic errors can also come in here
a8 a function of the position of the ¥

fiust zerno (o). because the derived value of £ depends on
1
{1} and non-LTE effects. In a recent com—
parison (Gray and Martin 1979) of SMR K giants

with normal X giants, where temperature differences of up to 180 °K occur near log
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Tsnoo = =3, the derived wvalues of £ change by 0.2 to 0.3 km/sec which is about 20%
of the value of. £.

The toughest part of the K giant line broadening analysis though is choosing the
ratio v sin i/gRT(fig. 8). Errors in this ratio lead to modest errors in gRT' typi~
cally 0.3 km/sec (about 7% of ;RT) but significantly greater errors in v sin i, typ~
ically +0.5 km/sec (220% of v sin i). The leverage is good for macroturbulence but
Poor for rotation. The leverage will be reversed in early type stars where rotational
broadening dominates.

Some idea of external consistency can

e gained by a comparison of results between

workers. For four stars measured by both M.

Al

Cer =10 Smith and by me, the average deviation from

1

10 BRI TR 5, T T T

the mean in CRT was 6%. Rotation values

i

were only consistent to ~35%.

[+X] d) Versatility of Transform Analysis

T

As you can see, the ideas of Fourier

transforms are very useful in conceptual-

Lodo gt

T
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4 izing data collection and analysis. Curi-

ously enough, I received a manuscript not

long ago from a competent theoretician in

T

N
001 Imiriusl e s By —— which he spoke of "overcoming” the most

o in sec /km serious "flaw" that exists in present
Fourier-analysis techniques. By this he ap-

Fig. §. The separation of macroturbu- parently meant that he preferred his own
Lence gfrom rotation depends on choosding

one of these curves from the ensemble on
the basis of its shape {gnom Gray 1977), point of view this is an asset not a flaw.

models over those usged in the past. From my

We can incorporate new modeling into the
Fourier analysis at will. The classical
micro-macroturbulence~rotation model is only one of several possibilities and the value
of the FPourier domain is in no way restricted to this model.
The Fourier analysis is particularly suited for discerning small systematic dif-
ferences in profile curvature where measurements over the whole profile can be brought
to bear. (This is exactly the case for macroturbulence vs. rotational broadening.) In

some other instances it will be more suitable to use the profile itself.

4, Analysis in the Wavelength Domain

It is pretty hard to see the central depth of a line in the Fourier domain. More
generally, if we seek source function information, we will want to use the profile it-
self. I am thinking of the Eddington-Barbier relations and their generalization in

terms of contribution functions. We are then forced to live with the uncertainty of
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the noise filter and the observations becéme tougher.

A typical wavelength domain analysis consists of synthesizing the theoretical
line profile and comparing it to the observations. If significant Fourier noise fil-
tering has been made on the data, then the same filter should be applied to the theor-
etical profile.

But rather than dissipate my remaining time discussing various innuendoes of pro-
file fitting, I will concentrate on one interesting case where profiles tell more than
their transforms, namely the measurement of line asymmetries in photospheric lines of
late-type stars. One might expect that the imaginary compcdhent of the Fourier trans-
form would be the appropriate tool since it is a measure of asymmetry in functions.
But it turns out that the imaginary component is too sensitive to small blends and
noise in the continuum. Furthermore, the asymmetries in these lines involve only a
fraction of the whole profile {unlike UV lines in early type stars) which effectively

removes one of the leverages of the Fourier analysis. Using the profile against its
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mrror image produces a result like the one in fig. 9. These are solar flux measure-
ments taken from the atlas of Beckers et al. (1976) . The process shows very well the
familiar ved shifted core but neglects the small red shift of the far wings which can
be seen only with difficulty.

The traditional measure of asymmetry is the line bisector. It has been used fre-
quently in solar work but is less appropriate in the stellar case. To use it, one
needs oversampling of the data and excellent signal to noise. The bisector allows us
to compare small sections of the profile with each other, The profile reflection scheme
Of fig. 9 reduces the subdivision of the profile to the point where we are comparing
the core to the wings. The amplitude and width of the difference curve is used to
Parameterize the asymmetry.

Another example is given in fig. 10 where we see the asymmetry in a profile of
Arcturus. Here the core is blue shifted,

Notice that the accuracy of the spectrophotometry must be Y2 times better than
the amplitude of the difference curve just to detect the effect. Difference curve amp-
litudes are 2-3%. (Details are being published in the Ap.J.) In addition, one has to
worry about spectrograph focus errors and aberrations which can make the instrumental
bProfile asymmetric. These are reasons for placing line asymmetry measurements in tough-

ness category 3.

5. Summary and Comments

High resolution observations (~3 km/sec) with photometric errors of $1% can be
made and are capable of giving physical information about stellar turbulence. There
is no one technique for analyzing such data. We can use the advantages of the wave-
length domain or the Fourier domain or other transformations yet to be invented ac-
cording to which of them proves to be the most suitable for the job at hand.

Details of Fourier analysis philosophy and application illustrate the versatil-
ity and power in separating line shapes. Uncertainties in modeling remain the biggest
obstacle to complete analysis. Adoption of the microturbulence-macroturbulence-rotation
model of the broadening allows precision of a few per cent in determining the size of
the largest broadener (macroturbulence for late-type stars).

Line asymmetries in late-type stars are more readily measured in the wavelength
domain than in the Fourier domain. Examples of asymmetries as seen in Arcturus and
the solar flux spectrum are given.

We are in a reasonable position for identifying physical mechanisms responsible
for stellar line broadening. It is important that theoretical calculations based on
various models be explicit in tagging features which are distinct for that model.
Then if these features can be observed, they will serve as discriminatns between the
physical mechanisms now lumped together under the name turbulence. I am optimistic

as I look toward future possibilities.
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EXAMPLES OF NON-THERMAL MOTIONS
AS SEEN ON THE SUN

Jacques M. Beckers*

Sacramento Peak Observatory'
Sunspot, NM 88349/USA

SUMMARY

On the sun we can identify many of the motions derived from stellar spectral
analysis, A summary is given of the observed solar velocity phenomena. Many of
these (e.g. meridional flow, giant cells, solar differential rotation, supergranula-
tion) are of great interest in astrophysics especially for interior structure and
chromospheric and coronal structuring but contribute virtually nothing to the veloci-
ties derived from a solar irradiance spectrum analysis., Others {granulation, very
small scale motions and to a lesser extent, oscillations) do contribute substantially
to the integrated sun velocity analysis. Some of the properties of these motion
fields are described.

1. INTRODUCTION

The word “turbulence" in astrophysics is used generally to decribe motions
which cause Tine broadening and changes in line saturation (curve of growth effects)
but which are otherwise intangible as a specific kind of motion because of the ab-
sence of additional observational information like spatial resolution, characteristic
line profiles, line shifts, etc. Turbulence in astrophysics may therefore have no-
thing or 1ittle to do with hydrodynamic turbulence except for the fact that statisti-
cal techniques are used also in astrophysics to define the magnitude of the asso-
ciated non-thermal motions because of the lack of sufficient observations. Astro-
physical “turbulence" can include convection, waves, stellar winds, large scale flow
patterns and even stellar rotation if the spectral resolution is insufficient to
identify the characteristics of any of these non-thermal motions. Even "microturbu-
lence," or the quasi-thermal mations derived from line saturation changes, can
result from e.g. systematic velocity gradients along the Tine of sight say in stellar
winds, in convection, or in acoustic waves propagating along the line of sight. Ob-
servations on the sun, where the abundance of precise observations allows the iden-
tification of many, although not all, of these "turbulent" motions, substantiate the

*Now at the Multiple Mirror Telescope Observatory (MMTO), University of Arizona,
Tucson, AZ 85721. The MMTQ is jointly operated by the University of Arizona and the
Smithsonian Astrophysical QObservatory.

?Operated by the Association of Universities for Research in Astronomy, Inc. under
contract AST 78-17292 with the National Science Foundation.
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above. Rather than talking about "turbulence" I therefore will use the term "non-
thermal motions" to refer to the kind of motions discussed in this colloquium and the
terms "micro-" and "macro-velocities" as introduced by Canfield and Beckers (1976)
for what is often referred to as "micro-" and "macroturbulence." As a statistical
measure of the non-thermal motions I will use rms velocities which are v2 x less
than the usual turbulent velocities in the case of a gaussian velocity distribution.

In this review I will first summarize the non-thermal motions derived from ob-
servations of the sun as a star. Then I will describe the resolvedand unresolved
solar velocity fields as known today and compare these with the sun as a star re-
sults. Solar observations thus serve to identify the astrophysical mechanisms re-
sponsible for the stellar non-thermal motion observations. I refer to other recent
reviews for a more detailed description (Beckers and Canfield, 1976; Canfield and
Beckers, 1976, Deubner, 1977; Zirker, 1979; Beckers, 1980).

2. RESULTS QF SOLAR IRRADIANCE SPECTROSCOPY

High resclution, good photometric precision spectra of the integrated sun radia-
tion obtained by Beckers et al. {1976} were analyzed by Gray (1977} and Stenholm
(1977). Figure 1 shows part of this spectrum atlas. Stenholm {1977} derives a total
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non~thermal rms velocity field of 1.0, 0.6 and 0.3 km/sec for continuum optical depths
of 10-1, 10-2 and 10~? respectively using Goldberg's {1958) multiplet method. These
values are impossibly small considering that the solar rotation alone should result

in rms velocities in excess of 1 km/sec.
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Figure 2. Analysis by Gray (1977) of the integrated sun A6252.6 profile in the
Fourier transform domain. o = frequency in spectral domain (in cyc]es/g); d(g) =
line profile; i{o) = instrument profile; g(u} = solar rotation; m{o} = macroveloci-
ties {from Gray, 1977).

Gray's (1977) analysis of solar line profiles in the Fourier transform domain
gives results which Took more reasonable. Figure 2 is from his publication and shows
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the separation (in the Fourier transform domain) of the Fe I A6252.6 solar profile,
after correction for instrumental smoothing (d{g)/i(c}), in solar rotation g{o),
macrovelocities m{c) and the inherent line profile {including microvelocities), f{o).
The solar rotation velocity derived from g equals 1.92 km/sec which compares well
with the solar synodic equatorial rotation rate of 1.80 km/sec. The rms micro-
velocity derived from the zero(s) in f(o) (0.35 km/sec + 0.1 km/sec) is somewhat
less than the 0.5 and 0.7 km/sec vertical and horizontal microvelocities determined
from "resolved" disk observations at t = 0.01 {Canfield and Beckers, 1976). The

rms macrovelocities range from 2.1 to 1.6 km/sec when derived from weak to medium
strong (=150 mﬁ) lines. These exceed the vertical (horizontal) macrovelocities
derived from “resolved" disk observations (insufficiently resolved however to re-
solve the macrovelocity cantributors) of 1.2 (1.6) km/sec and 0.7 (1.3) km/sec for
Tg = 0.1 and 0.01 respectively by almost a factor of two. An analysis of integrated
sun spectra by Smith {1978) leads to similarly high values for the solar macroveloc-
ities. The differences are probably the result of the different methods used in
analyzing line profiles. It would be of interest to analyze the same set of solar
spectral lines for macro- and microvelocities in both integrated sunlight and "re-
solved" disk spectra using the same analysis technique The result of such an analy-
sis should remove the integrated sun - "resolved" solar disk discrepancies thus
establishing a firmer link between solar and stellar velocity observations.

3. RESOLVED SOLAR MOTIONS

Figure 3 and Table 1 summarize the kinds of motions which have been resolved
in the solar atmosphere. The important contributors to the total non-thermal veloc-
ity field are the solar rotation, the.5-minute oscillations and the solar granula-
tion., The interesting solar motions associated with the supergranulation, non-
radial pulsations and meridional flows would entirely escape detection in line
profile analysis of the sun as a star but may show up in other ways. For example,
the reversals in the integrated sun cat H and K profiles result to a large extent
from the brightening in the chromospheric network which in turn originates in the
supergranulation. I will restrict myself here to a shart discussion of the three
main known contributors to the macrovelocity field.

3.1 SOLAR ROTATION

There are many different ways of measuring solar rotation using both spectro-
scopic techniques and the proper motions of tracers such as sunspots, coronal and
chromospheric structures, standing 5-minute acoustic waves, etc. Recent reviews
of methods and results are given by Howard (1978) and Paternd (1978). Of special
interest are:

a. A systematic difference between the rotation rates of the photospheric
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Figure 3. Location on the (kh,w) diagram of different types of solar velocity phe-
nomena.

plasma as determined from Doppler shifts and that of longer-lived magnetic
phenomena like sunspots, and other active region phenomena (Figure 4). The
latter rotate ~ 4% faster than the plasma or the short-lived magnetic phenomena.
This difference is generally interpreted as the result of an increase of
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Figure 4. Solar rotation as a function of heliographic latitude for magnetic phe-

nomena (sunspots) and photospheric plasma (Doppler) (from Wilcox and Howard, 1970).
rotation rates inwards into the sun in maybe the first ~ 25000 km, this in-
crease being reflected by deep-seated tracers 1ike sunspots. This view has
recently received additional support by the observation of the increase of
solar rotation rates with depth using the standard 5M period acoustic waves
(Deubner et al., 1979). For stellar observations this may mean that rotation
rates determined from line profiles and from e.g. periodic fluctuations of cat
H and K profiles need not be the same.

b. A major variation of the differential rotation with latitude depending on
the type of tracers used. Some, especially the long-lived coronal holes and
general quiet sun magnetic field patterns show almost no differential rotation.
This 1is believed to be due to a more rigid rotation of the solar interior prob-
ably in the deeper convection zone {(~ 100000 km?).

c. Temporal variations of the solar rotation of the order of a few percent.
Short term changes (1-1000 days) are probably due to the passage of large scale
velocity cells on the solar surface. Longer term changes like solar cycle-
related changes of v~ 3% (Howard, 1976; Livingston and Duvall, 1979) and secular
changes (v 100 years) of ~ 2% (Schriter and W8h1, 1978) cannot be due to solar
angular momentum changes on these time scales but must be the result of a re-
distribution of this momentum in the convection zone.
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Figure 5. Typical velocity curve for individual oscillation (averaged over 10 x 10
arc sec) (from White and Cha, 1973).

3.2 FIVE MINUTE OSCILLATIGNS

Figure 5 shows the time variation of the Doppler shift at one point on the
solar disk. The velocity oscillations with 5 minute periods increase in amplitude
with height. The rms velocity amplitude is given by Canfield (1976) as

VmS = (.35 exp(h/1100) km/sec @))]
where h equals the height above Tsg0p (= To) = 1 in km. The 5 minute oscillations
in the photosphere are evanescent waves but just below the solar surface they can be
identified with propagating acoustic waves (or p-mode waves) which propagate inward
into the sun to some depth at which they are reflected upward again to be reflected
again near the solar surface. The trapping of the waves results in an interference
pattern which shows up at the solar surface as a ridge structure in the (kh,m) dia-
gram as predicted by Ulrich {1970) and Ando and Osaki (1975} and as observed by
Deubner {1975, 1978} and Rhodes et al. {1977, see Figure 6). The 5 minute oscilla-~
tions are therefore an important tool for the study of the solar interior and have
so far led to somewhat improved models of the solar convection zone (Rhodes et al.,
1977), an estimate of the mixing length parameter &/H of 2-3 (Rhodes et al., 1977)
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Figure 6. (k,,w) diagram of solar 5" oscillation showing the resolved interference
patterns (froﬂ Deubner, 1978).

and a measure of the depth variation of the solar rotation rate {Deubner et al.,
1979).

3.3 SOLAR GRANULATION

The solar granulation is the result of the convective overshoot of the motions
in the superadiabatic convection zone below the visible solar surface into the sub-
adiabatic photosphere. Although in deeper layers convection carries most of the
energy flux, at the layers we observe the granulation, only a small percentage of
‘the energy is carried as convective energy flux. The solar granulation is close
enough in size to the resolution limits of solar telescopes and of the atmosphere
that corrections for finite resolution are major. This is especially true for
velocity observations where longer exposure times, and more complex instruments, are
needed. There is therefore disagreement among investigators as to the velocity
fluctuations associated with the granulation. The values used in Table 1 were taken
from Canfield (1976) who gives the rapidly decreasing (with height) vertical rms
velocity associated with the solar granulation as

Voms = 1-27 exp(-h/150) km/sec (2)
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a result which has been substantially confirmed by Keil (1979) by a better separation
of granular and oscillatory velocities.

Durrant et al. (1979) however strongly disagree with the Canfield and Keil re-
sults. They derive a much slower height variation of

Voms = 0.98 exp(-h/1700) km/sec (3}
which leads to much larger velocities at the heights where lines are observed. This
implies much more convective overshoot and lends some support to granule models by
Nordlund (1976, 1977, 1978, 1979). These models have much larger velocities than
those listed in Table 1, so large in fact that the almost entire macrovelocity field
is contained in solar granular motions.

The observations by Keil and Canfield {1978) are the basis for the theoretical
model of the solar granulation by Nelson (1979) shown in Figure 7. This model shows

LOG (TRU)
-4 -3 -2 -1
0.3 s L ! X 0, ‘q 3
"

0.2 A

0.1 A

0.0

-0, 14 ‘ ; : ‘ -1

2EJD 0 -‘200
HEIGHT  (KM)

Figure 7. Model for solar granulation AT/T and AP/P and the horizontal and vertical
velocities refer to amplitudes of sinusoidal variations {from Nelson, 1979).
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substantial horizontal motions and a temperature inversion at vy = 0.23 (as indeed
has been observed in the wings of the ca’ H and K 1ines). This model has a cell size
of 1060 km, somewhat below the observed value of 1500 km and it does not, of course,
include the wide distribution of convective cell sizes actually observed on the sun.

Solar granulation, although mostly constant acrass the solar disk, does show
some decrease in both contrast and size in active regions and perhaps at supergranule
boundaries.

4. UNRESOLVED SOLAR MOTIONS

Depending on whether one accepts the results and models by Canfield (1976),
Keil {1979) and Nelson {1979) or those by Durrant et al. (1979} and Nerdlund (1976,
1977, 1978, 1979) there is or there is not a significant amount of unresclved solar
motions (at scales < 500 km). This is an unresolved question but 1 tend towards
the Canfield and Keil results. That leaves most of the solar motion field at small
scales. There are some clues as to the nature of this small scale velocity field:

4.1 SHORT PERIOD OSCILLATIONS

Deubner {1976a, b} suggests that the remaining line broadening and the micro-
velocities are due to short period (< 1 minute) propagating acoustic waves with
spatial wavelengths along the line of sight comparable to or smaller than the
width of the velocity weighting function. He supports the suggestion by observations
of the temporal power spectrum of solar velocities which show small high frequency
peaks (periods 38—1005} which he contends are the result of the peculiarities of
spatial filtering along the line of sight by the velocity weighting function.
After a large correction for this filtering he derives ~ 1 km/sec rms velocities
at 1o~ 0.1 for these oscillations which comes close to explaining the entire
line broadening. Cram et al. (1979), on the basis of a full dynamic model for a
. 30-second period oscillation, find that these rms velocities could be as small as
0.1-0.2 km/sec which is insufficient to explain the line broadening but sufficient
for coronal heating,

4.2 UNRESOLVED CONVECTIVE MOTIONS FROM THE LIMB EFFECT

After correction for gravitational redshift solar lines show a blue shift
with respect to their laboratory wavelength standard. Because of its peculiar center
to 1imb variation this shift has been called the "limb effect.” Of the three most
1ikely causes for the limb effect, pressure shifts, wave shifts and convective shifts,
only the latter remains as a possible one after Beckers and DeVegvar (1978) and
Cram gt al. (1979) showed that the former two are much too small and perhaps of the
wrong sign. Convective wavelength shifts are caused by the correlation of intensity
and velocities seen e.g. in the solar granulation. The different weighting of the
out and in line-of-sight velocities by the intensities results in an apparent



97

outward motion (blue shift) of solar lines even when there is no net mass flux. The
origin of the limb effect as a convective line shift receives further support from

the properties of the 1imb effect: (i) the decrease of the line shift with increasing
line strength (e.g. Beckers and DeVegvar, 1978) as the consequence of the decrease

of the convective overshoot with height, (ii) the absence of the line shift in sun-
spots (Beckers, 1977} as the consequence of the suppression of convection in sunspots,
and {iii) the explanation of the center-to-limb variation as the consequence of the
effect of both vertical and horizontal motions in convective elements (Beckers and
Nelson, 1978).
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Figure 8, Calculation of the limb effect for a weak 2eV excitation potential line
using the Nelson (1979, see also Figure 7) model of solar granulation. Curve B
includes only vertical velocities in the granulation, curve A includes both vertical
and horizontal velocities. Full lines are for line center Doppler shifts, dots and
triangles are for line center of gravity displacements {from Beckers and Nelson,

1978).

Figure 8 shows the calculated center-to-limb variation for the Nelsen (1979)
model of solar granulation including both vertical and horizontal motions. The
calculated wavelength variation is indeed very similar in shape to the observed
1imb shift but it is a factor of 2 to 3 smaller. If indeed the convective shift
interpretation is correct, it implies that the Nelson model underestimates the
velocities and/or temperature fluctuations by a factor of ~ 2. This may be the
result of insufficient resolution of the spectra used to calibrate the model. The
Nordlund model, on the other hand, would give results quite consistent with the
observed 1imb effect. As the most likely state of affairs I will assume that the
Nelson model holds for convective cell sizes between 500 and 2000 km and I will
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postulate at 1y & 0.1 to 0.0 a smaller convective cell regime with sizes between
50 and 500 km and with velocities twice that of the granulation (see Table 1).
With the addition of the granular convective shift these cells produce a total
convective shift comparable to the observed shift.

TABLE 2
Contributions to the Total Non-Thermal Velocity Field

rms Velocity (m/s) rms Velocity (m/s)
Structure g = 0.1 {h = 138 km) 1 = 0.01  (h = 238 km)
Vertical Horizontal Vertical Horizontal
Supergranulation 307 150 307 150
5™ 0scillations 400 0 450 0
Resolved Granules 460 890 90 450
Unresolved Convection
from 1imb effect 920 1780 180 900
Short Period Oscillations 250 2007 280 2207
Total 1130 2000 570 1080
Total Macro- and Micro-
velocities from Line
Width* 1460 2060 910 1550
Residual 920 500 710 1110
Total Microvelocities® 1160 1770 730 1100

*From Canfield and Beckers {1976).

Table 2 completes Table 1 with this assumed motion and compares the total mo-
tion thus derived with the total non-thermal motions and the microvelocities as sum-
marized by Canfield and Beckers {1976). Figures 9 and 10 show the same data in the
form of the power contained in the different size regimes. The residual power at
horizental scales below 50 km is shown, rather arbitrarily, as a Kolmogoroffian
distribution. Also shown is the total velocity power above a given horizontal size
as well as the power contained in microvelocities {p}. Table 2 and Figures 3-10,
crude as they are, give a reasonable summary of our current understanding on the
size distribution and the physical nature of the solar photospheric velocities.

5. CONCLUSION

Much, and prabably most, of the solar non-thermal motions occur on scales
smaller than the resolution limits of present observations. Although the sun teaches
us something about the nature of velocity fields in stars of the solar type, it has
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The dashed Tine represents the total velocity power at scales above the scale in the
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not told us all. In this paper I have not discussed any of the numerous interesting
chromospheric and coronal motions which have been observed on the sun. Neither did
I discuss motions in strong magnetic field regions 1ike sunspots which are similar
in total magnitude to those on the quiet sun but totally different in nature. The
study of motions in the quiet photesphere by itself is however a most interesting
topic because of the interesting astrophysical processes involved which include

both small scale convection, large scale circulation, pressure waves, rotation, etc.
The sun allows us to make more detailed measurements of these motions and to compare

these with astrophysical predictions.

Comments by Drs. Cram, Keil and Zirker helped me in the preparation of this
paper.
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DIAGNOSTIC USE OF FE II H & K WING EMISSION LINES
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The Fe II A3969,4 line is one of the weak lines in the wings of Ca II H
and K that appear in emission near the solar limb, and in the flux spectra of cool
giants. In gpatially resolved solar spectrograms the line shows very pronounced small-
scale spatial intensity variation, which is strongly correlated to the line structure
of the local H-wing background, and not at all to the chromospheric structure seen in
the H & K cores. & 15-level atomic model computation for iron shows that this behav-
iour is due to pumping by photons in the wings of the strong Fe IT resonance lines
near 2600 &, in the deep photosphere. The 13969.4 line is therefore deeply controlled,
with large sensitivity to photospheric inhomogeneities, while its background is formed
much higher. This makes the line a useful diagnostic of stellar photospheric line
structure, in contrast to the adjacent H core for which emission indicates chromo-

spheric line structure.



TURBULENCE IN MAIN SEQUENCE STARS
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I. Introduction

It has for long been realized that the interpretation of stellar
spectral lines normally requires broadening velocities well in excess
of purely thermal motions. The origin and structure of such velocity
fields, which have usually been summarized as turbulence, still appear
to be a subject of controversy.

In the Sun, according to Worrall and wilson (1973), there is no
evidence for small scale velocity fields with amplitudes large enough
to account for the observed line broadening. Subsequently, Wilson and
Guidry (1974) tried to explain the center-to~limb variation of the
solar Na D lines by temperature fluctuations associated with a two-
stream model. More recently, Nelson and Musman (1%977) have constructed
a model of the solar granulation which predicts granular motions with
a scale height appreciably smaller than indicated by the unresolved
small scale velocities in the solar photosphere. As Deubner (1976) has
shown , further out in the solar chromosphere short period acoustic
waves may account for the observed line broadening velocities,

The acoustic flux generated in the convection zone of main se-
quence stars has been estimated by Hearn (1274) to be insufficient to
maintain microturbulence against viscous dissipation, if turbulence is
due to progressive sound waves. His suggestion that the broadening of
spectral lines results from convective overshoot into the photosphere
has been investigated in detail by Nordlund (1978) , who confirms that
even a laminar velocity field describing the up~ and downward motions
of penetrating convective eddies can reproduce line strengths as well
as their center-to-limb variation in the solar photosphere. The ampli-
tude of such a velocity field is chosen to have a maximum on granular
scales, and Nissen and Gustafsson (1978) suggest that parametrization
of small scale velocity fields derived from analysis of horizontally
homogeneous model atmospheres probably leads to an overestimate of the

true microturbulence.
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IT. Micro- and Macroturbulence

The two-component model atmosphere approach has not yet been sys-
tematically applied to the interpretation of spectral lines in main
sequence stars. Except for the Sun, our knowledge of stellar velocity
fields is restricted by the assumption of plane-parallel horizontally
homogeneous atmospheres in which the concept of random motions on two
different scales (micro- and macroturbulence) is used.

Small scale motions are wusually described by a gaussian velocity
distribution, where the microturbulence parameter*E represents the most
probable amplitude. Some authors have tried to derive its dependence
on continuum optical depth, E(t), from the application of the Goldberg
method. For Procyon (F5IV-V) Sikorski (1976) obtained a microturbulence
parameter smoothly increasing from 2.5 km/s at T = 0.3 to 3.5 km/s at
T = 0.001. A similar increase with height, derived for Arcturus, is in
accordance with the work of Mickle et al., (1975). Contradicting these
results, Stenholm (1977) has determined E(T) for the Sun and the sub-
giants qCep (KOIV) and yCep (K1IV) using Goldberg's method., His solar
microturbulence shows a distinct decrease from 1.5 km/s at © = 0.3 to
0.5 km/s at t = 0.001, and a similar behaviour of E(t) is found for 1y
and yCep.

It has been emphagized by Holweger et al. (1978) that the horizon-
tally homogeneous approach requires the existence of an anisotropic
small scale velocity field in the Sun, since the limb strengthening of
photospheric lines cannot be explained entirely by a depth-dependent
isotropic parameter. Moreover, a solar microturbulence, increasing with
height in the fashion derived for Procyon, is incompatible with the
observed width of faint lines originating in the upper photosphere at
T <0.01. These lines require very small velocity amplitudes, pifobably

" below 0.5 km/s (cf. Canfield and Beckers, 1976, for a review on unre-
solved solar motions). Thus, the most plausible depth variation seems
to be represented by a smooth decrease of photospheric small scale
velocities with height, followed by an increase in chromospheric
layers.

Large scale motions (macroturbulence) in the atmosphere of Procyon
have been estimated by Evans et al. (1975). From a line shape analysis
they rule out microturbulence velocities larger than 1 to 2 km/s, the
dominant line broadening process being large scale motions with most
probable velocities of about 2 km/s. This agrees roughly with the ratio
of micro/macro amplitudes in the Sun derived by Holweger et al. (1978)
as well as with that in giants (Reimers, 1976).
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I1II. Microturbulence and Basic Stellar Parameters

Further information on small scale velocity fields in stars along
the main sequence is constrained by the assumption of an isotropic
gaussian velocity distribution with a depth-independent microturbu-
lence parameter f. The determination of the microturbulence parameter

has been carried out according to one of the following methods:

(a) Narrow band photometry, calibrated with synthetic spectra from
model atmospheres (Gustafsson et al., 1974, Nissen and Gustafsson, 1978)

(b) Curve-of-growth analyses of different degrees of sophistication
as compiled by Glebocki (1973) and Morel et al. (1976)

(¢) Fourier transform analysis of line profiles (Gray, 1973)

Since microturbulence values taken from the catalogues of Glebocki and
Morel et al. are often contradictory, the principal sources of system-
atic errors must be elucidated.

Frequently the microturbulence is only a by-product of abundance
analyses, and some authors do not seem to have recognized that their
element abundances are severely degraded by an improper determination
of the turbulence parameter., It should be emphasized that the one-
layer curve-—of-growth analysis 1is particularly unsuited to derive
small scale velocities,; because the choice of the "best fit" theoreti-
cal curve is often biased by the large scatter in weak line strengths.
Curve-of-growth results may additionally be affected by unrecognized
blends and uncertainties in the determination of the continuum level.

Besides these general statements some sources of systematic errors
deserve a more detailed investigation (c¢f. Gray and Evans, 1973):

(1) Effective temperature and gravity of model atmospheres used to
compute saturation parameters or synthetic spectra are usually deter-
mined from observed colours by calibration relations. This procedure
often involves the Sun as a reference point, although the solar colours
are a subject of controversy. Frequently the result may have been a
significant underestimate of the temperatures of solar-type stars.

(2) The temperature distribution predicted by theoretical line-
blanketed model atmospheres of solar-type stars displays strong back-—
warming effects which cannot be reconciled with observations of the
solar continuum (Gehren, 1979, see also Fig.2 of Gustafsson and Bell,
1979). The model temperature gradients in the region of line formation
are too steep and, when applied to the interpretation of observed line
strengths, may simulate a low microturbulence.

(3) Many abundance analyses have been based on absolute oscillator
strengths. Because of systematic errors in these measurements prior to
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1970, most of the related microturbulence data are unreliable (Reimers,
1976) . A rediscussion by Andersen (1973) revealed a considerable change
of the earlier microturbulence determinations.

(4) The problem of absolute f-values may be overcome by analyses
using solar f-values. However, such a procedure requires the knowledge
of solar equivalent widths as well as the solar microturbulence para-
meter (the average small scale velocity amplitude in the solar photos—
phere). Differential curves-of-growth for long were based on the
Utrecht atlas which, as shown by analysis based on modern photoélectric
measurements (Gehren, 1978), may lead to a larger scatter of line
strengths around the curve-of-growth and to microturbulence values
systematically low. Furthermore, broadening velocities obtained for
stars depend critically on the solar value. Some stellar data (e.g.
Gustafsson et al., 1974 ) refer to g@ = 0.5 km/s , 'as derived by Foy
(1972) from a disc center solar curve-of-growthe. Recent determinations
group around 0.9 km/s for the disc center and 1.3 km/s for the inte-
grated disc (Blackwell et al., 1976, Holweger et al., 1978).

(5) Magnetic intensification and hyperfine structure may play a
role in special classes of stars or lines, respectively.

(6) Departures from LTE have been shown to be of minor importance
as far as line strengths are considered (Holweger, 1973). However, they
may affect Fourier transform analysis of line profiles. Smith and Gray
(1976) suggest to avoid these difficulties by analyzing lines of dif-
ferent strength. This approach has been challenged by Durrant (19279)
who finds that the microturbulence derived from the Fourier transform
analysis strongly depends on line strength.

(7) A final source of uncertainty is due to the damping constants
(Blackwell et al., 1976). Since the contributions of microturbulence
‘and damping can be separated in a line strength vs. abundance diagram
(cf. Garz et al., 1969, Fig. 1), however , correction factors for the
simple hydrogenic treatment of van der Waals interaction may be found.

From this discussion it is evident that, in order to study micro-
turbulence , we have to restrict ourselves to results presumably un-
affected by systematic errors. The data compiled by Glebockil (1973) and
Morel et al. (1976) have been disregarded on this account. The micro-
turbulence values displayed in Figs. 1 and 2 are from the following
sources: narrow band photometry of Nissen and Gustafsson (1978, o),
curve-of-growth analyses of Chaffee (1970, corrected by Andersen,
1973,+) and Clegg (1977,X), model atmosphere analyses of Gehren (1977,
A, 1978, 1979, %), and Fourier transform analysis (Gray, 1973,o). Small
symbols denote stars for which contradictory results have been found
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Microturbulence velocities as a function of
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represent least square power laws. See text
for an explanation of the symbols
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among the sources just mentioned and the compilations of Glebocki and
Morel et al. The corresponding microturbulence values have been given
lower weight.

In Fig. 1 is shown the degree of correlation between microturbu-
lence and the three basic stellar parameters, T .., 109 g, and [Fe/H],
where [Fe/H] is the logarithmic metal abundance relative to the Sun
and (Fe/H) = expiO[Fe/Hl « Since for some of the stars either gravity
or metal abundance is not given by the authors, these data have been
estimated from calibration relations of 6c1 andrém1 (cf. Nissen and

Gustafsson, 1978). Least square solutions assuming a power law depend-
ence yield

-6 1.386 +

E= 8.6 10 Tofr 0.352 km/s,
£- 18. g702%° * 0,345 kmss, and
£= 1.6 (Fes/)0 9% L 0,395 km/s,
while the multivariate solution
£ = 2.5 1073 79:945 5=0-175 (£ /;y©+023 £ 5,344 xm/s

eff

is only a marginal improvement.

The considerable scatter displayed in Fig.1l is due to a few stars
with comparatively high microturbulence , as Bvir, 9 Com, 37 UMa and
L Her A, Since for B Vir and 9 Com the error in the determination of §
is probably within % 0.3 km/s (Gehren, 1978, 1979), it 1is felt that
there are significant departures from the mean relation that deserve
special explanation. An independent determination with narrow band
photometry would Dbe also desirable in those cases. Excessively high
‘velocities for A-type stars as noted by Baschek and Reimers (1969) and
Smith (1971) are probably the result of using inaccurate absolute f-
values {(cf. Andersen, 1973). The same holds for the Hyades dwarfs of
Chaffee et al. (1971). The Hyades stars VB 14 and VB 47 included here
do not show a high microturbulence.

Whereas 1least square solutlions confined to the more homogeneous
data of Nissen and Gustafsson (1278) yield a considerable reduction of
the scatter , the functional dependence found above is not changed.
Thugs the least square solutions are not excessively weighted by the
few stars with high temperature or low gravity. From Fige. 1 it is seen
that the microturbulence velocity is not an independent stellar para-
meter, in agreement with the results of Nissen and Gustafsson.



108

IV, Discussion

The overall variation of the microturbulence parameter with Teff
and log g is remarkably similar to the one found by Reimers (1973) for
giants and supergilants covering a considerably larger interval in
gravity. Moreover, it closely follows the temperature and gravity
dependence of the Wilson-Bappu effect, which yields for the Ca II K
emission widths Wo ~ Té%?s 9-0‘22 . This seemingly uniform behaviour
of stellar velocity fields, extending over a large part of the Hertz-
sprung-Russell diagram, led BROhm-Vitense (1975) and Reimers (1976} to
suggest that microturbulence is correlated with the velocities in the
upper layers of stellar convection zones. Even within the restricted
range in temperature and gravity considered in Fig.1l, a correlation
between microturbulence and convective velocities does indeed exist.
This is shown in Fig. 2 where we have drawn microturbulence velocities
against maximum convective velocities computed by de Loore (1970),
since photospheric velocities due to penetrative convection are not
yet available for a grid of temperatures and gravities. Although the
maximum convective velocities depend critically on the mixing-length

parameter, their variation with T and log g appears to be reasonably

eff
well defined. The linear least squares solution shown in Fig.2 is

+
£ = 0.31 Voax 0.79 - 0,328 km/s .

3.0 At

XI (KM/§)

1 | . { 1 1 |
2.0 2.8 3.0 3.5 4.0 4.5 5.0

VMRX (KM/S)

Figure 2: Microturbulence vs. maximum convective velocities,
computed by de Loore (1970). The solid line denotes
the linear least squares solution
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Since photospheric velocity amplitudes due to convective overshoot may
be expected to vary smoothly with maximum convective velocities, it is
perhaps not surprising that this solution corresponds to

E ~ Vconv(T =1) ,

when {(t=1) and v are taken from Nordlund's two-component

Veonv max

models (Nordlund, 1976 , Nissen and Gustafsson, 1878 ) . Photospheric
velocities of this amplitude may be also derived from mixing-length
theory if allowance is made for a non-local computBtion of velocities
(Parsons, 1969, Nordlund, 1974).

Even though the convective origin of the observed broadening
velocities seems to be sufficiently well established, the nature of
the transport mechanism cannot yet be ascertained. Regular streaming
patterns on granular scales may resemble microturbulence as shown by
Nordlund (1978). His results are most convincing because they explain
the total velocity amplitudes (micro- and macroturbulence) as well as
the solar center-to-limb broadening of photospheric lines. There still
remains the possibility that a fraction of the convective energy is
redistributed to motions on smaller scales (< 100 km), which are un-
resolvable even in the Sun and would look more like the classical
microturbulence. Progressive sound waves generated in the convection
zone may be another transport mechanism (Edmunds, 1978). However, the
corresponding wave velocity amplitudes appear to be too small in the
photosphere of a main sequence star. Short period acoustic waves prop-
agating on top of stellar atmospheres are more likely to account for
chromospheric motions (Oster and Ulmschneider, 1973, Deubner, 1976).

The similar dependence upon temperature and gravity of both regu-
lar convective motions and progressive socund waves provides a simple
explanation for the correlation between small scale velocities observ-

ed in stellar photospheres and chromospheric Ca II K emission widths.

V. Concluding Remarks

In order to discriminate between different line broadening veloc—
ity fields, future work will have to concentrate on the Sun, where the
obtainable spatial and temporal resolution is orders of magnitude
higher than for any other star.

A crucial test of the relation outlined here between convective
and line broadening velocities may be supplied by a reexamination of
the microturbulence in A-type stars. If convection in main sequence
stars fades out beyond effective temperatures of 8500 K, the micro-
turbulence velocities should also diminish.
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The cool branch of the main sequence deserves further attention.
No reliable microturbulence values are available for stars later than
spectral type G5V.

The microturbulence parameter as a measure of random motions on
small scales thus will probably remain one of the main goals of spec-
trum analysis for years to come.
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OBSERVATIONAL ASPECTS OF MACROTURBULENCE IN EARLY TYPE STARS

Dennis Ebbets
McDonald Observatory
University of Texas at Austin

I. 1Introduction

The basic premise of this paper is that the atmospheres of supergiants of spectral
type O, B, and A are not homogeneous static and stable. Observations show effects in
the spectrum which seem to indicate velocity fields of many different scales, which
probably are variable with depth and are certainly variable with time. Some effects
can be understood in terms of global, steady, symmetric velocities, namely rotation
and expansion. Those effects which still cannot be accounted for are generally attri-

buted to turbulent velocities.

The concept of curve of growth microturbulence dates back to Struve and Elvey (1934},
but will not be discussed at length here. A wide ranging review was presented by
Wright (1955) and lengthy discussions of problems of interpretation are found in
Thomas (1960), and Mihalas (1979). The concept of spectroscopic macroturbulence may
also have originated with Struve (1952), and was developed and clarified by Huang and
Struve (1953). Theoretical arguments, based on the outward force of radiation pres-
sure, led Underhill (1949) to predict that supergiant atmospheres would be mechani-
cally unstable. In fact, irregular, semi-periodic radial velocity variations were
discovered in A type supergiants by Abt (1957). Indirect evidence for turbulent
velocities was discussed by Slettebak (1956), and Abt (1958). Reviews of these argu-
ments were presented by Underhill (1960) and Rosendhal (1970).

I will summarize the results of observational studies since then, which have been
carried out with new and higher quality data. ¥For the most part these programs incor—
porated more sophisticated statistical and analytical techniques, and often made
reference to modern model atmosphere calculations, I will discuss primarily OBA
supergiants, and say little about main sequence stars, Wolf-Rayet stars, or binary
systems. Theoretical and computational techniques are discussed in the volume by

Cayrel and Steinberg (1978), and in other papers in this colloguium.

II. Photometric Results

During the past decade photometric studies have provided a great deal of new informa-
tion about the magnitudes, colors, and polarization properties of the continua of
early type stars. Time resolved studies have detected and analyzed variability of
several -interesting and complicated types. The most extensive study of O type stars

was that by Morrison (1975), in which u-v-b-y-HB8 photometry of over one hundred stars
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was analyzed and compared to the predictions of the static non-LTE model atmospheres
of Mihalas (1972). Maeder and Rufener (1972) surveyed the photometric properties of
80 non-supergiant 0B stars, and 34 supergiants of type B2-G8, and described the varia-
bility of their color indices, Sterken (1977), Burki et al. (1978), and Feitzinger
{1978) reported the results of statistical studies of the variability of a smaller
number of extremely luminous galactic and large Megallanic Cloud supergiants. Schild
and Chaffee (1975) investigated the spectrophotometric properties of the Balmer dis-
continuity in O and B type supergiants, and Serkowski (1970) and Hayes (1975) have
studied the intrinsic linear polarization of the continua of B type stars., The

results of these and other similar reports can be summarized as follows:

The most luminous stars of all spectral types are variable in both light and color.

A rough lower limit to the luminosity at which variability is detected is at an abso-
lute visual magnitude of MV ~ -5, 1Included therefore are most of the 0 stars earlier
than about 06, all O supergiants and Of stars, and all Ia and Iab supergiants of spec-
tral types B, A, and F. Amplitudes of variation range from the limit of certain
detection (< .1 mag.} in color indices (U-B or v-y}. 'The amplitude correlates fairly
well with spectral type and luminosity class. For a given luminosity, the hottest
stars show the largest range of variation. Similarly, at a given spectral type, the

more luminous stars vary with a larger amplitude.

The variations have been observed with a wide range of timescales. Long term trends
are present in monthly and yearly mean magnitudes for all stars, but owing to a
paucity of observations, few stars have been studied in detail. At the other extreme,
only in the most luminous Ia supergiants, and those with the largest amplitudes, can
statistically significant variations within a single night be confirmed. On the
other hand, all of the supergiants vary significantly in several days. Unique periods
do not exist, but characteristic timescales, sometimes called "semi-periods™ can be
found in a well defined mamnmer. A harmonic analysis is performed in which a model
light curve is represented by the lowest order terms of a Fourier series. A number
of trial periods are tried, each time adjusting the amplitudes until the ¥? deviation
between the model and the observations is minimized. The correlation coefficient is
computed for each model and that with the highest correlation is taken to be the best
singly periodic representation of the observations, In general, these solutions are
good, but not perfect for B8 Ia - A2 Ia stars, with correlation coefficients of about
.95, and semiperiods of 20-30 days. Among the earlier types, BQ Ia -~ B2 Ia, a singly
periodic solution is a much less satisfactory model, with correlations of .5 to .6,
The semi-periods are shorter, with values of 5-10 days being typical, Among samples
of stars with similar luminosity, say -8.2 2 MV < =7.2, the semi-period expressed as
log P increases nearly linearly with spectral type, in the sense that the later type
stars have longer periods. Similarly, at a given spectral type, the more luminous

stars have longer periods — see Figure 1.
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Fig, 1 - The semi-periods of photometric variation compiled from Maeder and Rufener
(1972) A, Sterken (1977)Q., and Burki et al, (1978) 0, are plotted as a function of
temperature. The temperature calibration of Barlow and Cohen (1977) was used. The
dashed lines represent equation 4 with Q = .1 day.

It is thought that the observed variability is basically a pulsation phenomenon,
possibly the simultaneous excitation of two or more non-radial modes. Despite the
lack of strict periodicity the characteristic timescales and their correlation with
temperature ‘and luminosity are suggestive of pulsation, For gravitational oscilla-

tions, the period is related to the mean density as
= ~ls - M R
P =Q(p/py)™% , Log P =TLlog Q- .5 Log () + 1.5 Log () (1
[C] M@ R@

Taking the radius from the definition of effective temperature

R .2 T % L R T
— = () ) , Llog ) = 2Log () + 4 Log G (2)
Lo Re" To Lo Ro To

the mass from the supergiant mass-luminosity relation
Log (2—) % 2,5 Log (E—) + 1,38 (3
L@ M@

and the solar values M@ = 4,77 and T, = 5760 K, gives

3]

= - - 4

Log P = Log Q = .22 M ., - 3 Log T .. + 12.61. (4)

Even this simple expression demonstrates the observed correlations as can be seen in
Figure 1. The slopes of the relationships are approximately correct when a vlue of

Q ~ .1 day is adopted.
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11T, Radial Velocitiles

The measurement of precise absorption line positions, expressed as radial velocities,
provides the most direct evidence that large scale velocity fields are present in the
line forming regions of early type supergiants. The observations can be grouped into
two basic categories; those that indicate a radial velocity gradient through the atmos-—

phere (almost always an expansion velocity), and those that show velocity fluctuations.

The radial velocity study of O and Of stars by Conti, Leap, and Lorre (1977} showed
that expansion velocities of 20-30 km sec~! are present in the deepest visible layers
of Of stars. Bohannon and Garmany (1978) found a strong gradient present in the
Balmer line velocities of 25 O type stars, Ebbets (1979) measured strong gradients
in O type supergiants, but found no such effect in main-sequence stars (Figure 2).
The effect found in all of these studies was that the more opaque Hydrogen lines, Huo,
HBR, etc., have systematically more negative radial velocities than the higher Balmer
lines H10-H15, or the helium, silicon, and CNO lines. HB is typically 20-30 km sec~!

more negative, and Hu may be shifted by from 50 to 200 km se¢c™?! in the same sense.
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Fig. 2 ~ The Balmer lines in O supergiants show a systematic trend in velocity which
indicates that the lines are formed in an expanding atmosphere which accelerates over
the line forming region, The non-supergiants show no such effect. .The zero point is
the mean velocity of lines of C, N, 0, and Si. These figures were adopted from Ebbets
(1979), courtesy of Ap. J.
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This phenomenon is not restricted to O stars but has been well studied in B types by
Butchings (1976) and in the A type supergiants by Aydin (1972), and Wolf et al., (1974).
In these stars, the lines of many different ions can be measured, and a strong corre-
lation between ionization potential and radial velocity is found. The sense of the
correlation is almost always that the lower excitation lines have persistent and sys-

tematically more negative velocities.

The radial velocity variability of hot supergiants has been known for over twenty
years, but has been the subject of few thorough studies. The range of variations is
usually small, from the limit of confident detection (~ 1 km sec™!) to about 40 km

sec™!

in extreme cases. As was the case with photometric variations, the largest
amplitudes tend to be found in the most luminous stars. The timescale of variations
ranges from days to years, Despite careful statistical searches (Lucy 1975) signi-
ficant changes within one night have not been found. Long term changes - timescales
longer than a year - are similarly difficult to confirm. The best documented varia-
tions occur on timescales of 4 to 30 days. Often the changes are fairly regular, but
again no stable, single period is ever present. No convincing correlation has yet

been demonstrated between the characteristic timescale, and spectral type or luminosity
class, since most of the studies to date have analyzed a limited range of spectral

types,

The earliest spectral type star for which a comprehensive, modern radial velocity
study exists is o Cam ~09.5 Ia. The absorption lines of this massive (M* ~ 30 M@)

and luminous (Mhol ~ -9,75) supergiant show both line to line, and time to time varia-
tions in radial velocity. This complication demands that a careful statistical pro-
cedure be used to separate these effects. Such an analysis was initiated by Bohannon
and Garmany {1978) in which a two-way analysis of variance, accompanied by an F test,
confirmed the highly significant nature of both effects. The gradient across the

Balmer line is about 25 km sec™!

at HR, and itself varies significantly. Systematic
variations of the entire spectrum with an amplitude of about 20 km sec™} are also
confirmed with a timescale of about thirty days. In a follow-up study with more and
better data, Tryon and Garmany (1979) were not able to represent these motions with
an orbital solution. The motions are definitely real, with a well established ampli-

tude and timescale, but do not allow a simply periedic description.

An even more thorough analysis of the radial velocity variations of o Cyg - A2 Ia -~

by Lucy (1975) produced a remarkable insight into the nature of supergiant variability,
Lucy was able to represent a long series of 447 radial velocity measurements (Paddock
1935) with a harmonic series containing sixteen terms, Sophisticated statistical
tests demonstrated that the periods, amplitudes, and phases of all terms were signi-
ficant, and stable for at least the six years during which the observations were made.

The periods of the individual terms range from seven to one hundred days with no
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significant power present at shorter timescales, The individual amplitudes range from
.4 to 1.0 km sec™!, but add together in such a way as to produce a total range of
variation of 10 km sec™!, It 1s hypothesized that these terms represent many discrete

modes of non-radial pulsation, and that other modes are present, but either undetected

or unresolved.

IV. Absorption Line Profilles

The inference of turbulent velocities in early type supergiant atmospheres was first
made many years ago on the basis of absorption line strengths and shapes. Equivalent
widths of all lines in O star spectra were stronger than LTE model atmospheres pre-
dicted, and the profiles were much too broad to be attributed to the thermal and

stark broadening. Microturbulent velocities in excess of 20 km sec™! were required

to account for the observed equivalent widths, and rotation and/or macroturbulence
often in excess of 100 km sec™! was implied by the line shapes. Considerable progress
has been made in these areas in the past decade, with the availability of static nmon-
LTE model atmospheres, and several new observational studies. For the most part, the
predictions of line strengths by the new models are entirely successful at reproducing
the observations (Auer and Mihalas 1972, Conti 1973). Most of the hydrogen, neutral
helium, and ionized helium equivalent widths are consistent with zero microturbulence,
however some important differences do remain. The neutral helium lines at A5876 )3

and 16678 & are still observed to be considerably stronger than the models allow,
Conti (1974) and Rosendhal (1973b) suggest that some small classical microturbulence
included in the calculations would ameliorate these discrepancies. Most of the lines
of He I1 are adequately accounted for by the non-LTE models. A possible discrepancy
was found by Snijders and Underhill (1975) for lines having a lower level of n = 4.

In a detailed analysis of the He II spectrum of ¢ Pup - 04 f ~ they found these lines
to be systematically stronger than expected on the basis of a model atmosphere which
describes the other lines well, They suggest that the n = 4 level of He IT is over-
populated by absorbing Hydrogen Lyman Alpha photons in the n = 2-4 transition. In a
quiescent medium these transitions are not exactly coincident in wavelength (Auer and
Mihalas 1972) but if a velocity field (the authors suggest macroturbulence) of about
50 km sec”! were present, the broadened lines could overlap sufficiently to produce
the necessary pumping. The only other lines whose characteristics are seriously in
disagreement with the static, plane parallel models are Ho and He II 14686 & and He

I1 210124 K, whose formation almost surely occurs in the higher, extended and expanding

regions of the atmosphere.

Two studiles of the absorption line widths in O stars by Slettebak (1956) and Conti
and Ebbets (1977}, were intended to measure rotation velocities, but in addition out-
lined the statistical properties of what is called macroturbulence. Both studies

started out with line profiles thought to be free of any macroscopic broadening,
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elther the observed profiles from sharp lined stars, or the theoretical profiles from
model atmospheres, These sharp lines were then numerically broadened, using the con-
volution approximation with a limb darkened rotation function, and the relationship
between full width at half maximum vs. V sin i was calibrated. The line widths of
about two hundred program stars were then expressed as rotation velocities. Finally,
the distribution with spectral type and luminosity class was studied (Figure 3). The
conclusions of both studies regarding line broadening were similar, and can be sum-
marized as follows: The O stars show a wide range of apparent rotation velocities,

from essentially zero to some in excess of 400 km sec— 1,

Regardless of how the stars
are classified, the mean and modal velocity is near 100 km sec™}. Only the stars of
type 09 V have any members which show lines sufficiently sharp to be consistent with
zero macroscopic broadening. Stars hotter than type 09, and with luminosity brighter
than class V have no members with unbroadened lines., The number of observations is
sufficiently large that Lf the broadening were purely rotation, some sharp lined -
i.e. pole on stars ~ would be expected. This residual broadening increases with
increasing temperature and incieasing luminosity. Among the earliest types which are
wall observed - say 06 V - the minimum broadening is equivalent to 50 km sec™l of
rotation., Among the la supergiants of spectral type 08 and 09, the non-rotational
component of line broadening is about 30 km sec™ !, These velocities are referred to
as macroturbulence. They deseribe line broadening which cannot be attributed solely

to rotation, and refer only to groups of stars in a statistical sense,

400 v ©
350 o
[} v ) °
300 8 8 ° -
o o v 8 * 8 v
§2so~ g ° v
E . .
= 200+ ° v .
- w
c oo v o go o * o 9
® 150 ° Lt e o, 08 8 v ,
> °© o © ?v'?w.ogﬁ ggi.ov
[e]
100 (- ¥ g S,gssg’u'
© %” gv.s =’u
[+ 200
50 o 7 'Qg.ggsvoq
o { | i i | n§°
03 04 05 06 o7 o8 09

Fig. 3 - Apparent rotationmal velocities for O stats as catadlogued by Conti and Ebbets
(1977). Open circles represent main sequence stars, triangles are giants; filled
eirecles indicate supergiants. This figure originally appeared in the Ap. J.
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An attempt to separate the effects of rotation and macroturbulence in individual
stars was made by this author (Ebbets 1979) using the Fourier Transferm analysis
described by Smith and Gray (1976). In the wavelength domain the effects of different
velocity structures are subtle and difficult to separate, buth given sufficiently
precise data, the differences are more pronounced in the Fourier transform domain
(Figure 4). Adopting an isotropic Gaussian representation of the macroturbulence,
the rotation function of Huang and Struve (1953) and the unbroadened profiles of Auer
and Mihalas (1972), I derived rotation and macroturbulence parameters from the He I
and He II lines of 16 O supergiants and non-supergiants. The rotation velocities
were consistent with the previous values, and macroturbulence ranged from less than
the detection threshold of 10 km sec™! in 09 V stars to 30 km sec”! in 09.5 Ia stars.
In addition the macroturbulence parameter shows a strong correlation with the Balmer

lines' velocity gradient.

Variations in the absorption line profiles are also detected in some supergiants.

Perhaps the most dramatic example is that reported by Wolf et al. (1974) in the A2 Ia
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star HD 160529. 1In addition to the systematic and variable displacements discussed
in the previous section, the metallic lines (Fe II, 8i II, etc.) are variable in pro-
file and equivalent width. In extreme instances, the lines actually split into two
distinct components sometimes by as much as 40 km sec™!, This splitting is irregular
in time, the relative strengths of the components vary, and the effect does not appear
to be due to a binary companion. The authors believe that very large sections of the
atmosphere moving with quite different velocities are responsible for the phenomenon.
If this interpretation is correct, it is a paradigm example of the concept of macro-
turbulent motions in a stellar atmosphere. Similar, but less dramatic variations are
observed in other stars. Smith (private communication 1979) has observed rapid
changes (often within one night) in the Si III lines of p Leo Bl Ib, and Rosendhal
(1972) reports variation of the Si II lines in o Cyg A2 Ia on timescales of days.

The interpretation of these observations is unclear at present, but must imply some

kind of substantial change in the visible hemisphere on short timescales.

V. Emission Line Profiles

In addition to their absorption lines, the spectra of many O stars, and almost all O,
B, and A supergiants, contain emission lines of hydrogen, neutral helium, and ionized
helium. Tt is generally thought (Beals 1951 for example) that the emission lines
arise in the atmospheric layers well above the photosphere, in the extended and ex—
panding envelope of the star. The strength, profiles, and variability of emission
lines therefore provide information about the state of motion of the gas in layers
much higher in the atmosphere than the regions where absorption lines are formed,

Not surprisingly, careful observations have revealed that the emission lines are
variable in strength and profile on a variety of timescales. The best example is the
Ho profile of the B3 Ia star, 53 Cygni, whose changes over about 25 years were
sketched by Underhill (1966), At various times the profile was strong and symmetric
in absorption, very weakly in absorption, or strongly in emission with a pronounced
P-Cygni profile. Since the time coverage was very spotty, a characteristic timescale
is difficult to assign to these changes. Rosendhal (1973a) studied the variability
of Ho in B and A type supergiants, again showing large changes in spectra taken
several years apart. Conti and Niemela (1976) observed a gradual weakening of Ho in
r Pup over three years, and suggested a global decrease in the envelope density, and

therefore the rate of mass loss.

On the more rapid timescales - several days — Conti and Frost (1974), Conti and Leep
(1979), Hutchings and Sanyal (1976) documented variations in the Ho and He II 14686 2
emission lines in the 06 ef star A Cep. A possible periodicity (~ 3.3 days) consistent
with the rotation of an inhomogenecus envelope was suggested. Similar nightly, and
often hourly, changes are present in the Ho profile of a Cam, 09.5 la (Figure 5, from

Ebbets 1980a), Again, the recurrence of similar profiles at multiples of the estimated
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atmospheric water vapor.

rotation period (15 days) is suggestive of a non-axisymmetric envelope. Occasionally
a star which ordinarily does not show emission lines in its spectrum experiences a
short episode of activity. Such an episode occurred in the 09 V star £ Oph in 1973,
Emission at Ho was first reported by Niemela and Mendez (1974), and its development
and dispersal was followed by Barker and Brown (1974), This outburst was presumably
related to the extremely rapid rotation (V sin i > 450 km sec™!) but is cited as an

example of a transitory large scale velocity field.

A final relevant observation is the presence of extremely broad but faint wings
flanking the Ha emission line in most O type supergiants. These features extend to
at least 1500 km sec”! in o Cam and Z Ori, and to over 2000 km sec™! in ¢z Pup.
Their presence was detected in high signal-to-noise coude reticon observations, and
are probably due to a combination of emission in the rapidly accelerating lower enve-
lope, plus the effect of non-coherent scattering by free electrons (Ebbets 1980b).
Scattering by electrons in the expanding atmosphere may also produce some of the line

broadening observed in photospheric absorption lines.
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VI, Ultraviolet Observations

The most opaque transitions in early type stars are the ultraviolet resonance lines
of the dominant ionization stages of carbon, nitrogen, and oxygen. Observations of
these lines therefore probe the highest atmospheric regions accessible to the spec-
troscopist. By now the message of these lines is well known - the outer atmosphere
of all O type stars, and most B and A supergiants are expanding at supersonic velo-
cities (often in excess of 2500 km sec™!) and returning mass to the interstellar
medium at rates of several times 108 solar masses per year. (See Snow and Morton
1976, Conti 1978, Cassinelli 1979 for extensive reviews of stellar winds.,) Detailed
analyses of ultraviolet spectra, in which the resonance line profiles are modeled
and interpreted, have investigated the temperature, density, and velocity distribu-
tion in the envelope. All studies to date (for example Lamers and Morton 1976,
Olson 1978) have assumed spherically symmetric, laminar steady flow, and have been
reasonably successful at reproducing the observed profiles. Turbulence was not
explicitly included in these studies, and there are no glaring inconsistencies which
cry out for its introduction, Two classes of models postulate a temperature in the
wind higher than that which strict radiative equilibrium would allow, and may impli-
citly require the dissipation of some form of mechanical energy as a heating mech~
anism, The "warm wind" model and the coronal models are reviewed by Cassinelli,

Castor, and Lamers (1978).

Since ultraviolet observations can only be made from spacecrafr, time series obser-
vations have been difficult and rare, There is, however, a growing literature
reporting variability in the ultraviolet spectrum. Snow (1977) reobserved fifteen
0 and B stars which had shown evidence of massive stellar winds in the first
Copernicus survey, Most stars showed only marginal changes over timescales of two
to four years. At least two stars, £ Pup, 04 f, and & Ord A, 09 I, seemed to have
less material in the expanding envelope when reobserved, implying a decrease in the
mass loss rate, The profiles in § Ori A 09 1 suggest a slightly more dense stellar
wind and thus an increased mass loss. The only observation searching for variations
on timescales of days were reported by Conti and Leep (1979), who found little sig-
nificant change in the spectrum of A Cep. Very rapid changes in the fine structure
of the ultraviolet absorption.lines (timescale ~ hours) were reported by York et al.
(1977), The nature and duration of the fluctuations were such that these authors
suggested density perturbations - waves - propagating upward as a transient distur-
bance in the atmosphere. Prolonged ultraviolet observations of several hot super-
giants with time resolutions of several hours to a day would clearly be an inter-

esting and worthwhile project.

Summary and Conclusions

Observations of many different kinds demonstrate that the outer layers of early type
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supergiants are variable., Photometric and radial velocity studies indicate semi-
regular fluctuations of low amplitude and timescales of days to weeks, The nature

of these variations suggests that pulsation contributes at least somewhat to the
phenomenon. Brightness and color fluctuations may reflect changes in the depth
dependent velocity field. Variations in the electron pressure in the continuum
forming layers may contribute to the erratic behavior of the hydrogen Balmer dis-
continuity, The combined effect of the velocities of many low amplitude modes of
oscillation may help explain the width of absorption lines and their occasional asym-
metry and splitting. Such turbulent velocities could alsc allow the n = 4 level of
ionized helium to overlap with hydrogen Lyman alpha enough to ;lightly overpopulate
that level in the deeper layers, accounting for the anamolous strength of the absorp-

tion lines of that series,

All of these effects occur in the deeper layers of the stellar atmosphere. What
effect they bave on the properties of the stellar wind is an unsettled question.
Observations have not yet provided a strong case for short term variability in the
wind. Do photospheric disturbances merely damp out in the lower layers, do they
propagate outwards quiescently, or do they shock and act as a source of heat for a
chromosphere corona structure? Purely radiative models (Lucy and Solomon 1970,
Castor, Abbot, and Klein 1975) indicate that the mass loss can be driven without a
mechanically heated coromal push. At the same time, models which do incorporate a
thin corona are more successful at explaining the observed ionization balance, while
not interfering with the basic radiatively driven wind (Cassinelll, Olson, and Stalio
1978). On the other hand, the imperfect flow model (Cannon and Thomas 1977) contends
that the propagation and dissipation of m chanical energy is of fundamental impor-

tance in determining the properties of the expanding atmosphere.

Observations leave no doubt that variations are present in even the deepest visible
layers. A good deal of progress has been made in characterizing the fluctuations,
and identifying possible physical mechanisms., Further progress demands that we seek
and clarify the connection between photospheric "turbulence" and the dynamics and

energetics of the expanding supergiant envelope.
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PHOTOSPHERIC MACROTURBULENCE IN LATE-TYPE STARS

Myron A. Smith
Department of Astronomy
University of Texas at Austin

I. Why Study Macroturbulence?

It is intimidating to attempt a review of the subject of late-type stars macroturbu-
lence which follows so closely on the heels of David Gray's (1978) fine review in
Solar Physics. Therefore this paper will avoid many emphases of his review while
filling in some areas where some progress has emerged in the last 1-1/2 years. My

slant will come mainly from the standpoint of line broadening analysis.

Each of us has his own reasons for being interested in macroturbulence of late~type
stars. A short list of motivations might look like the following:

1) The relation of spectroscopic "macroturbulence" to the general atmospheric turbu-
lence spectrum. Even in the Sun we do not Know yet how the resolved velocity fields
add up to "spectroscopic macroturbulence'. The relationship of this macro-field is
gtill not well defined in terms of microturbulence, and it is far from settled as to
how important and unique a mesoturbulent description is. Finally, the cause of macro-
turbulence, whether conmvection, granules, nonradial pulsation, or even rotation, is
5ti1ll unspecified and it may be different in different regions of the H~R Diagram.

2) The relevance of macroturbulence to energy dissipation in the chromosphere. Here,
at least, it appears that some tentative answers are beginning to emerge (§ III C.).
3) The relationship to chromospheric parameters in stars. These promise to provide

us with kinematical models for the chromosphere~corona-solar wind complex both in
stars and in the Sun. Adopting the solar-physics-of-stars theme, consider that stars
of varying observable characteristics (T

eff?
the usual quintet) will 'help us to see the dependence of upper atmospheric phenomena

log g, composition, rotation, age, are

on fundamental attributes of a star. Even though well observed, the Sun alone cannot
provide this dependence. The Wilson-Bappu effect is an excellent historical example
of what could have been a relationship between a global parameter and a turbulence,
though now it appears that velocity fields are not the culprit after all (Ayres 1979).
4) The relationship of 5-minute-type oscillations to macroturbulence. Analysis of
this oscillatory pattern, a consequence of nonradial p-modes (Deubner 1975, Rhodes

et al, 1977), has already facilitated probes of interior properties such as the con-
vection zone depth and differential rotation rate. The possibility exists that time-

resolved analyses will provide similar information for other late~type stars.

II. Toward the Detection and Modeling of Radial-Tangential Macroturbulence,

In most stars the measurement of macroturbulence is hampered by the presence of a
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substantial rotational broadening. What makes at all possible the dissection of a
profile’s broadening into rotational and macroturbulent velocity fields is a combina-
tion of high-resolution, high S/N data on one hand and the sharply differing models
for the two velocity distributions on the other., Whereas the Unsold "rotation func-
tion" is U-~shaped, radial-tangential macroturbulence (the appropriateness of which is
discussed below) produces profiles with extended wings and a deep, pointed core.
Predictably, the Fourier transforms of these two functions are different and these
are depicted in Figure 1. The rotation transform can be expressed approximately as

a first order Bessel function, This function contains a series of regularly spaced
zeroes and sidelobes., As one proceeds to stars of slower rotational velocities, the
zerces shift to higher Fourier frequencies until even the first zero recedes to unob-
servable frequencies and, ultimately, one is left only with a filtering due to the
main lobe of the rotational transform. This lobe is rather square-~shaped and for low
rotational velocities, the interference from rotation quickly becomes negligible., It
is for this reason that most of our information on macroturbulence comes from old,
late-type stars. Let us now place these statements on a more quantitative basis:

Lines of intermediate strength (-~ 100 md) generally offer recovery to the highest

Fourier frequency at a fixed S/N (Smith and Gray 1976, Gray 1978). Such a line will
have its first natural zero at about 0.14 s km™l. As a practical matter the presence
of a macroturbulent broadening agent can be best detected in stars having VR sin i <
17 km s~! (Smith 1975, Kurucz et al. 1977). For broadening in these stars, e.g.
those occurring in the middle of the H-R Diagram, almost nothing can be said concern-
ing the turbulence distribution. When one passes to Ve sin 1 = 10 km s”! (see Figure
2), the rotational zero occurs near 0.06 s km~l. One can then perceive a slightly

less bowed Fourier main-lobe, which corresponds to extended wings of the profile in
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the wavelength domain. At this point, corresponding to VR sin i/MRT ¥ 2 in super-
giants (Figure 2) and about 3 in giants, one is on the threshold of distinguishing
radial-tangential macroturbulence from much different distributions like the gaussian.
For VR sin i = 3, i.e. at a velocity ratio near unity, the rotational effects become
negligible and a host of other radiative transfer and instrumental parameters become
more important (see Smith 1980 for a ramking of sources of error). Included in this
velocity range are the ultra-slowly rotating dwarfs like the Sun and the red giants;

most of our turbulence information is derived from these sources.

Older studies of macroturbulence used isotropic or single-stream gaussian representa-
tions for the lack of anything better. More recently, observers have been forced to
a radial-tangential or exponential macroturbulence for certain sharp-lined early-type
stars (Smith and Karp 1978), the Sun (Rutten et al. 1974, Gurtevenko et al. 1976,
Smith et al, 1976, Gray 1977), solar—~type dwarfs (Smith 1976, Smith 1978), and lumi~ -
nous K stars (Lambert and Tomkin 1974, Gray 1975, Luck 1977, Gray and Martin 1979
("GM79"), Smith and Dominy 1979 ("SD79"))}. Gray (1975, 1976} first suggested the
two-stream, radial-tangential model with internal gaussian dispersion (see Table 1
for definition) because of the similarity of this distribution to Benard cells envi-
sioned in solar granules. Now if these eddies actually followed a circular and not

a square pattern, the resulting macroturbulence would be described by an isotropic
gaussian distribution. This contrast demonstrates the importance of geometry in the
modeling of these motions. Both Gray and Smith have used equal radial/tangential
stream areas and velocity dispersions in their macroturbulence modeling. Beckers and
Morrison's (1970) results on solar intragranular flow patterns suggest that these
adopted equalities appear to be well within a factor of two of reality, but their
results also make it clear that granular flows do not turn square cormers! An alter-
nate way of representing the observed distribution is with a depth-dependent isotropic
gaussian distribution of velocities (Smith et al. 1976). This model is not too phys—
ically unreasonable because of the strong depth dependences shown by granular and 5-
minute oscillation patterns. In his solar flux-profile study Gray (1977) indeed
found a 0.6 km s~} increase in macroturbulence or weak lines formed in the lower
photosphere. In sum, both the Benard cell and depth-dependent assumptions seem to
have some basis in fact and together contribute toward the radial-tangential model.
This conceptual agreement with solar observations also implies that “macroturbulence"
as the spectroscopist observes it may well be due to the granulation pattern, perhaps

with some residual help from 5-minute-type oscillations.

This reviewer would be remiss in not alluding to other independent techmiques of
measuring large-scale velocities. One consists of measuring radial velocity shifts
(see W. Buscombe's paper) for high and low excitation lines preferentially formed in

updraft/downdraft reglons. Using this technique Dravins (1974) finds the same result
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that emerges from line broadening studies: the Sun and o Boo have similar macrotur-
bulent velocities. Line shift studies ought to be encouraged and have a continuing
place in photographic work. Finally, Traub et al. (1978) have broken ground in
searching for five-minute-type oscillations in spectra of other late-type stars. This
work can be most easily extended by time-resolved observations of red giants. These
stars are bright and the oscillations are expected to have large amplitudes and peri-
ods. Cram and Smith have in progress a pilot investigation of a Boo. The strategy
here will be to use a conventional coude system with a Reticon detector and to mini-
mize ultra-small instrumental wavelength shifts by referencing stellar lines with
nearby terrestrial features. It is hoped that future reviews on this subject will

have less emphasis on line broadening and more on resolved oscillatory patterns.

ITI. Recent Results.

A. Macroturbulence and the Turbulence Spectrum.

Mesoturbulence - Despite the work done on broadening by finite-sized eddies, there
still seems to be disagreement on whether model profiles computed with a correlation-
length formulation fit center-to-limb observations, (cf. Auvergne et al. 1973, Frisch
1975 vs. Canfield and Beckers 1976), or the detailed shape of a given profile (Smith
and Frisch 1976 vs. Gray 1977), better than a micro~/macro-model does. Most of us
observers hope that a micro-/macro-description is an adequate representation of stel-
lar profiles but a decisive answer is not yet forthcoming. Consider that although

the solar intensity profile analysis of Smith and Frisch, and the flux analysis of
Gray 1977, were each done "correctly', the two studies led to conflicting results.

The latter could find no evidence for narrow sidelobes indicative of the dominance of
mesoturbulence. Perhaps the fault lies in the assumptions going into the analysis of
one or both studies (e.g. inaccurate eddy size distribution, or use of the convolution
approximation for rotation and flux profiles) or in systematic errors in the atlases;
the matter is mot resolved. It may be, as implied from other solar observations
(Beckers and Parnell 1969), that mesoturbulence is physically important in a stellar
atmosphere but that operationally one can ignore it in a stellar profile, as Gray
suggests. Future studies would do well to look for abnormally narrow or broad side-
lobes in transforms of intermediate~strong symmetrical lines (-~ 200 ﬁ&). However this
approach requires a Fourier noise amplitude of -3 or less in the log. Therefore, only

high S/N, completely unblended profiles can be used for studying mesoturbulence.

Microturbulence - The relationship between macro- and micro-turbulence is equally un-
clear. 1In his review (Gray 1978) shows an impressive-looking gt - MRT correlation.
Contrariwise, our work has not turned up yet any such correlation. For example, the
microturbulence values determined by Smith (1978) and Smith and Dominy (1979) increase
from 0.5 km s~! to 2.0 km s~! going from dwarfs to giants, but there is no such in-

crease in the macroturbulence values. Perhaps a correlation in broadening does exist,
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particularly if supergiants are included, but there are reasons to question a turbu-
lence interpretation for any such relation. The quoted values of microturbulence in
supergiants (which may include non-LTE effecté and/or velocity gradients), on which
the Gray correlation largely rests, cannot yet be considered well-documented turbu-—
lences. In some cases these values are actually supersonic. In short the turbulence
measured in dwarfs and supergiants may arise from totally unrelated phenomena. Thus
we seem to be in the same state here as a decade ago, A study of particular lines
including effects of non-LTE and asymmetry in the analysis needs to be done to test

the turbulence interpretation,

In one important respect progress has been made: the microturbulence values from
both profile and curve of growth (e.g. Lambert and Ries 1977) analyses of both dwarfs

and giants are finally in good agreement,.

B. Macroturbulences of Main Sequence and Luminous Late-Type Stars.

General Survey -~ Table 1 is a compilation of recent rotational and macroturbulence
velocities obtained by photoelectric means for G type dwarfs and luminous K stars.
Note in the table the definition of the MRT velocity-scale used herein; we have

scaled Gray's values downwards by v 2 to put all numbers on a common system.

Where comparison is possible between observers, the agreement in this table is excel-
lent. TFor the Sun the comparison agrees to within 0.1 km s~!., Note that these tur-
bulence values, even when corrected for velocity scale differences, are perhaps a
factor of two larger than the sum of all the resolved solar velocities {e.g. Edmonds
1967). A second comparison can be made from the mean macroturbulence for a group of
four giants studied by GM79 and SD79 studies. The mean value in both studies is 3.0
km s”!. Finally, SD79 report a macroturbulence difference of only 0.2 km s~! if the
same line is observed and analyzed independently by two investigators (Gray and Smith).
This suggests that most errors in the red giant analyses derive from different lines
being used in the analyses; that is, errors involving treatment of line blending and
radiative transfer are most severe. As main sequence stars tend to have fainter
apparent magnitudes, the errors in their analyses are dominated by spectrophotometric
errors (Smith 1978).

Main Sequence Stars —— A pair of mid-F and K stars in Table 1 show smaller turbulence

values than the G stars do. However, using a scaled solar T(r)~relation, Smith (1978)
found no evidence for a change in the mean macroturbulence values from GO to K0, It
is certainly premature to make a statement on the dependence of turbulence with Teff'
Even when more F and K stars are observed, it will be imperative to find a trustworthy
model T(r)-relation in order to carry out an analysis before any results can be re-

lated to G stars,
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TABLE 1

Recent Fourier Determined VR ain {1 and HRT* Values for Late-Type Stars

Dwarfs - Giants -~
Star gp. type VR M1 EBI Ref. Star . . Vg sin 1 Mor Ref.
Sun G2-4 V() -— 3.1 576 Y Leo B 67 IIT 1.0 +1.3 2.8 +0.7 SDI9
i:; * 0.7 g:f * 0.2 g;?s 8 Her G8 111 3.5 4.2 G79
Procyon PS5 IV 3.5 £ 0.5 1.2 +0.3% W78 nbra  G8 IIT 0.0 4.2 679
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In the same study {Smith 1978), we reported an anticorrelation between macroturbulence
and age for G dwarfs. Although this relation is significant only at the 90% level,
this relation is still more significant for this sample of stars than the (venerable)
correlation between rotation and age. It is likely that age uncertainties have intro-
duced scatter into the turbulence-age relation. A physical explanation for the age

correlation effect has not yet been advanced.

Smith and Dominy (1979) found that the mean macroturbulence velocity of early K stars
remains constant for five magnitudes along the red giant brapch. At MBol * -2, cor-
responding to the appearance of class II and Ib stars, MRT jumps suddenly from 3 to 6
km s™!. For still brighter supergiants the macroturbulence values appear to increase
with luminosity (Luck 1977, Tmhoff 1977). This sudden jump is not easily understood,
but it is helpful at least to know that stars having the larger macroturbulence values
also have larger masses than the fainter K giants. In any case, this step-relation

between macroturbulence and luminosity violates the expectation that the Wilson-Bappu
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effect is caused by a chromospheric velocity field. These results and the boundary
temperature results of Desikachary and Gray (1978) support the radiative damping
model advanced by Ayres {(1978).

0f particular significance is the K1 III star B Cet., This star shows a macroturbu~-
lence of about 50 larger than do other K giants of its luminosity. Anomalous broad-
ening for this star has also been noticed by O'Brien {priv. comm.) in the chromo-
spheric A10830 line (seen in absorption). Moreover, an analysis of I.U.E. spectra of
several K glants by Linsky and Haisch (1979) singles out this’star as having an anoma-
lous coronal temperature distribution. While it i1s unclear yet what makes this star
so unique, one has to notice that this correlation of peculiar phenomena argues for
photospheric and chromospheric velocity fields being correlated. Another argument

for correlated velocities, though less convincing, concerns the well-known relation

between photospheric and Ho line widths (Bonsack and Culver 1966, Imhoff 1977).

C. The Chromospheric Connection.

Returning to point #2 in § I, one asks: do macroturbulent motions dissipate their
energy in the chromosphere? If so, one expects a correlation between chromospheric
heating and photospheric macroturbulence. (This assumes the velocities in the chromo-
sphere and photosphere are related, a proposition for which, as just shown, there is

some evidence.)

There are several ways to test this idea. Desikachary and Gray (1978) have found that
Ca II Kl-minima indicate a higher temperature minimum for normal K-type stars than for
super-metal rich ("SMR") stars. However, both stellar groups have higher temperature-
minima than radiative equilibrium model atmospheres indicate. Therefore one expects
dissipation, e.g. by waves, to be more noticeable in the normal stars than in the SMR
stars. Finally, one also expects these waves to be observable as {or to be indirectly
related to) macroturbulence. Following this reasoning, Gray and Martin (1979) searched
for macroturbulence differences between members of these two stellar groups, but found

none.

Another test of this concept can be constructed by plotting the macroturbulence values
of a large number of luminous K stars against spectral type. Blanco et al. (1976)
find that chromospheric K2 emission fluxes peak at spectral type Kl. Therefore, in

Figure 3 I have plotted the MR values of the SD79 data against the spectral type

difference, (8p. Type of Star E K1). For reference, the relative K2 emission flux
observed by Blanco et al. is included in the diagram. If omne omits B Cet from consi-
deration, one sees that neither the turbulence distributionms of the giants nor of the
supergiants follow the K2-emission relation. Both of these tests imply a lack of

observable dissipation of macroturbulent motions in the lower chromosphere.
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Fig. 3 - The macroturbulence vs. spectral type relation for early K III-IV stars.
The K2 emission flux determined by Blanco et al. is shown for comparison.

While neither of the above tests may be sensitive enocugh, there are additional argu-
ments that MRT and chromospheric emission are related. For example, the K2~

emission flux increases by more than a factor of ten between dwarfs and giants (Blanco
et al. 1976), but there is no corresponding increase in macroturbulence among them,
possibly to within 10%. In the same vein, macroturbulence does not increase from GO
V to KO V types, whereas the K2-emission flux does. Finally, the macroturbulence
value in the Sun does not argue for a detectable turbulence dissipation. One comes

to this conclusion because the Sun has been recently reported to be an anomalously
alowly rotating and chromospherically quiet star for its age (Smith 1980; Blamnco

et al. 1974), Despite this reported abnormality, the Sun manages to have a normal
macroturbulent value for its age group (Smith 1978). What appears to be a normal
photospheric macroturbulence 1s associated with a gquiet chromosphere in the same star;
therefore, the turbulence value must not be related to chromospheric activity, In
sum, while it cannot yet be stated conclusively that macroturbulent velocities do not
correlate with chromospheric heating, "the mood of the jury is perhaps becoming evi-
dent", ‘These conclusions support theoretical arguments (e.g. Ulschneider 1974) that
the heating of the lower chromosphere is due to dissipation of short-period (~ 30-sec)
wave energy. Such waves have too small a wavelength to manifest themselves as macro-
turbulence. However, the possibility still exists that such waves may be identified
in future analyses of strong lines as mesoturbulence, or through wavelength-shifted

cores (Gray, priv, comm.).

IV, Prognosis.

Why study macroturbulence in late-type stars in the next few years? Here is one
list of problems awaiting our attention:

1) A solar weak-line/strong-line analysis across the limb. Such an analysis has not

yet been carried out using all the velocity signatures available in the Fourier domain.
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It begs attention if the relationship between mesoturbulence and large/small scale-
length turbulences is ever to be addressed properly., Such a study may also explain
why intensity and flux studies can arrive at different answers.

2) Macroturbulence studles in new regions of the H-R Diagram. Values of MRT are
needed for KM stars because of their tendency toward complete convective equilibrium
in the envelope. The question of MRT increases in supergiants must be investigated
too, though only after the non-LTE excitation effects are described for each line and
"moving atmosphere' aspects are evaluated.

3) Macroturbulence studies in young clusters. Young stars prdvide the final, perhaps
decisive, test in the search for a correlation between MRT’ age, and chromospheric
dissipation. One search would be provided by finding a sharp-lined (near pole-om)
young star in a cluster. Another would be to dissect velocities in dMe stars. So far
one attempt on BY Dra, has led to negative results; the rotational velocity is too
large (Vogt and Fekel 1979).

4) Macroturbulence and chromospheric variability. Two chromospheric diagnostics, K2
emission (Wilson 1978) and He I 210830 (O'Brien and Lambert 1979) are particularly
informative chromospheric signatures. Especially with the latter study nearing com~
pletion, it should be possible to search for abnormalities in the chromospheres of
certain stars (e.g. B Cet) that also betray themselves in the photospheres.

5) The search for S5-minute-type oscillations. If successful, a search for rapid,
periodic radial velocity excursions (either of the total lime or the line core)

promises to lead to a breakthrough in probing the convective envelopes of red giants.
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DEPTH-DEPENDENCE OF TURBULENCE IN STELLAR ATMOSPHERES

Robert E. Stencel
Laboratory for Astronomy & Solar Physics
NASA - Goddard Space Flight Center

Greenbelt, Maryland 20771/USA

} am very pleased to have this opportunity to present some recent observational
work bearing on the depth dependence of motions in stellar atmospheres. [ thank Dr.

Gray for this invitation and also wish to acknowledge the patronage of the NAS-NRC.

Photospheres

The bulk of the work published on the depth dependence of turbulence, v(h) in
stellar photospheres has tended to concern microturbulence alone. The solar case is
perhaps the most well studied as both horizontal and vertical components of both
micro~ and macro-turbulence can be examined with depth. The recent summaries by
Beckers (1375) and Canfield (1975) disciose a nearly constant 1 = 2 km/s turbulence
through the solar photosphere, possibly rising slightly into the upper chromosphere.
Other late type stars can be compared against this best case.

Arcturus Is probably the next best studied case. Figure 1 collects several of
the efforts to determine AEpth dependence of turbulence in its photosphere. A

“distinction among the types of motions measured should be noted: some techniques
deliver microturbulence, while others deliver a total non-thermal velocity (including
micro, meso and macro-velocities). Classical curve of growth studies, such as that
by Griffin and Griffin (1967), yield a mean microturbulence, a depth-averaged value
probably applicable to around log optical depth (5000A) of -1, as deduced from moderate
strength metal lines. The Goldberg-Unno (1958, 1959), which uses pairs of lines in
multiplets, has been applied by Sikorski (1976) and Stenholm (1977) to deduce the
variation in v(h). Curiously, despite the similarity of spectroscopic materials and
method, these solutions diverge somewhat. This may suggest a limitation of the

Goldberg-Unno method in non-solar cases. A thoughrough discussion of the accuracy
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Figure 1. Turbulence variations in the photosphere of Arcturus.

to be expected with this method has been given by Teplitskaja and Efendieva (1975),
and the conclude that uncertainties of 10 to 40 percent are likely. Thus the
differences may be largely due to the inherent accuracy of the method. Dravins (1974)
found, by an entirely different technique, that differential Doppler shifts of 2 km/s
were typical of the Arcturan photosphere. Jf convective cells dominate, higher excit-
ation lines will be formed in the hotter, rising (blueshifted) convective regions,
while lower excitation lines will be formed in cooler, sinking (redshifted) elements,
Thus, systematic wavelength shifts, similar to those known for the Sun (Glebocki and
Stawikowski, 1971) should be observable. Dravins finds evidence for this, which
reveals a macro-motion, Another technique, developed for the solar case by Canfield
(1971) and applied to Arcturus in my own work (Stencel, 1977) uses the widths of weak
emission lines occuring in the wings of the Ca I H & K lines, Their formation

against the H & K line wings enables a probe of the total non-thermal line broadening
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to be evaluated with depth in the stellar photosphere. The result is again an indic~
ation for Increasing motions with height through the photosphere. As new equipment
for high resolution and improved signal-to-noise spectroscopy becomes available,
application of Gray's (1976) Fourier techniques for deconvolution of line broadening
mechanisms will help to reduce the discepancies. Gray's analysis of photospheric
lines in the Arcturus spectrum leads to a mean microturbulence in agreement with
curve of growth results, plus a small contribution due to stellar rotation. Finally,
progress has been made in modeling of the upper photosphere of cool giant stars via
spectral synthesis of the H & K lines. The statistical equilibrium methods of Ayres
and Linsky (1975) seem to require a microturbulence which rises from 2 km/s in the
photosphere, to 10 km/s in the upper chromosphere, which is again in the sense of the
previous results,

In summary, to the extent that Arcturus can be considered typical of cool glants
and comparable to the Sun, it seems that: 1. both the Sun and Arcturus show evidence
for an increase in the total micro- plus macro~velocities with height, starting at
mid-photospheric levels, and, 2. no single technique appears to possess an inherent
lack of uncertainty, be it due to limitations of the data or the physical approxima-
tions and simplifications. Thus, only in the agreement of independent determinations

of v{h) can we find hope that we have an idea of the atmospheric state.

Chromospheres

Of the few diagnostics of stellar chromospheric velocity fields avallable in the
visible region, the Ca 11 K line may be the most valuable. In G, K and M stars, the
central emission is formed over heights covering the low to mid-chromosphere. This
maps the temperature rise untl} collisional coupling of the source function is
diminished by the low density in the upper chromosphere, Historically, the influence
of velocity fields on the emission width to absolute magnitude correlation (Wilson-
Bappu effect) has been the subject of a healthy debate. However, recent compelling
theoretical arguments by Ayres (1979) strongly suggest that Wilson~Bappu operates

more as a barometer (pressure sensitive) than a tachometer (velocity sensitive).
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Although the effects of velocity fields may not appear in the emission core width of
the K line directly, they might be strongly visible in the gross asymmetry of the
doubly reversed emission profile, characteristic of the line in cool giants and super~
giants (cf, Wilson and Bappu, 1957; Linsky, et al., 1979). As first shown by Hummer
and Rybicki (1967) and subsequently verified in more general cases, differential
atmospheric motions can shift the self-absorbed core (K3) and change the ratio of the
peak fluxes of K2V to K2R ("V/R"). An outflow which increases with height would blue~-
shift K3 relative to K2 and diminish the K2V peak, resulting in V/R less than one.
This situation is as observed among the late K giants, where blueshifted K4 (circum-
stellar) concurs with this Interpretation. The opposite, as seen in the solar flux
spectrum, can be intrepreted as an inflow, probably due to cooler downward motions

as part of convective circulation. We must note that some have questioned whether a
velocity field uniquely determines a particular asymmetry.

The extensive observational efforts of 0.C. Wilson have provided us with an exten=
sive sample of V/R measures {Wilson, 1976). Previous work lead me to examine this
data as a function of effective temperature among the cool giant stars. The result
(Stencel, 1978) was the quantization of the asymmetries in the HRD: the G and early
K giants exhibit the solar asymmetry, while late K and M giants show the outflow
pattern. The Kl to K3 giants comprise the transition objects, as is shown in Figure
2, Note the uncertainty of 0.5 magnitude in M v and 0.06 magnitude in the V ~ R
color, which could distort the sharpness of the transition,

Is this same asymmetry transition seen in the analogous Mg 1] 2800A resonance
doublet which also shows strong chromospheric emission cores? Due to its larger
oscillator strength and abundance, the Mg Il emission cores are formed about three
scale heights above the Ca Il H & K lines, into the upper chromosphere. Any differences
in v(h) might be expected to show up as a displacement in the asymmetry transition line.
Dermott Muilan and | have started to investigate this guestion with a survey of cool
giants with the JUE, and some preliminary results are seen in Figure 3. While the
Ca t] survey contained over 500 stars, our present survey has but 50. Again, consider-

ing the smaller sample and the unfortunate choice of symbols selected by the draftsman,
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Figures 2 & 3. Ca It and Mg 1l asymmetry transitions. See text for details.

if you examine the overall trend, you find the Mg I! asymmetry changes sense, much as
does the Ca Il. Our semi-objective judgement of the transition line is indicated and
it is clearly shifted to smaller V-R color compared with the Ca 11 line., The addition
of more data will help clarify the transition locus. It is plausible too that the
" upper chromosphere may be more 'volatile' than the Ca {1 line forming lavers, so that
the transition locus may be broadened by the number of stars undergoing asymmetry
fluctuations due to upper atmospheric inhomogeneities. Overall, the G giants show the
solar circulation pattern while the late K and M giants clearly exhibit outflow.

| also suspect some additional variations among the early G subgiants which should be
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Figure 4. Collected transition loci in the HRD. See text.

explored. This Mg Il data has been prepared for the Astrophysical Journal (Stencel

and Mullan, 1979). In addition, we find very satisfactory agreement between the
Wilson-Bappu M, (Ca Il K) and the Weiler and Oegerle (1979) M, (Mg 1} k), except for a
few peculiar objects like 56 Peg (cf, Basri, et al., 1980). in summary, the Mg il

data points to changes once again in the hydrodynamic structure of the upper atmosphere.
This fact should be considered in the current debate over the upper chromospheric

pressure and velocity structure of cool evolved stellar atmospheres.

Coronae and Circumstellar (CS) Envelopes

The Ca {1 and Mg Il asymmetry observations can be combined with additional studies
to reveal an interesting description of the upper atmospheric structure of cool evolved
stars, Reimers {1977) has delineated the occurance in the HRD of stars exhibiting
either permanent or transient €S absorption (K&). This locus parailels the Ca It
asymmetry transition (Figure 4). In addition, UV spectra of the presence or absence
of high excitation lines (IOSK) in cool giants obtained by Linsky and Haisch (1979)
lead them to postulate the existence of a thermal transition among the early K giants,
such that warmer stars possess hot upper atmospheres (coronae, by implication), while

slightly cooler stars do not have such coronse, This transition needs more observations
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in both UV and X~ray regions to be verified, but if it is correct, placing the proposed
transition locus in the HRD leads to an interesting speculation: as a star evolves
through the K giants en route to its helium flash, some hydrodynamic mechanism first
dissipates the corona and uses the available energy to drive a stellar wind, as is

seen in solar coronal holes. Initially the wind influences the upper chromosphere
where Mg 1| emission is formed, and later penetrates to the Ca Il line forming region
and affects that emission asymmetry. Ultimately, as a consequence of the wind contain-
ing enhanced densities, €S features begin to become visible, The timescale necessary
for crossing these transitions may position some stars "on the brink'" such that patches
of corona and of coronal holes alternately dominate the outer atmosphere. This is

seen in flux as variable Ca 1l and Mg |l emission core asymmetry changes, and collect~
ively as a broadening of the transition loci. Variable far UV and X-ray flux might be
expected. High resolution profiles of the far UV high exclitation lines for a sample
of stars would help reveal upper atmospheric motions as well, but these will be diffi-
cult to obtain even with the IUE.

Mullan's (1978) expanation for this involves the changing height at which motions
become supersonic. This supersonic transition locus (STL) is assumed to occur in the
coronae of G stars, and to impinge on a discontinuity between hot thin coranaeAand
cooler denser chromospheres among the early K giants, This disrupts the corona and
increases the mass loss rate. The Mg |1 asymmetry is first affected, then the Ca 11
asymmetry as the STL drops deeper into the atmosphere. While this theory is appealing,
it does rely on a strict solar analogy, whereas a steadilly increasing mass loss rate
might produce comparable observed effects without requiring a chromosphere~corona
discontinuity {Dupree, private communication). Resolution of this will require some
sophisticated transfer calculations, but regardless of which theory one favors, the
observations reveal a depth dependent effect of velocity fields among a wide range of
cool evolved stars. A crucial test of the STL would be made if a non~transient case
of Mg 1l level inflow with Ca f! level outflow could be found in a flux observation.

Theoretical work on waves and inhomogeneities is crucial in this context, Recent
work by MacGregor and Hartmann (1979) and by Halisch, et al. {1979) and Basri (1979)

which consider mechanical and radiative fluxes, are excellent beginnings. This work
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combined with observations of the depth dependence of turbulence and winds will enable
us to come to grips with details of atmospheric structure. At this point, observational
advances in the visual wavelengths will come with application of the newest detectors

to very high dispersion spectroscopy. Further improvement of statistics and resclution
in the UV and X-ray regions will help. Finally, solar studies where the inter-relation

of the velocity fields and the line formation can be examined in detail, are vital,
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TURBULENCE IN THE ATMOSPHERES OF ECLIPSING BINARY STARS

K.0. Wright
Dominion Astrophysical Observatory
Herzberg Institute of Astrophysics

Abstract: A review of the orbits and dimensions of the ¢ Aurigae systems is
given, based on photometric and spectrographic observatjons. The Ca II K-Tine has
been studied intensively to determine the extent and uneven structure of the
chromospheres of these stars; the multiple structure of this line observed at
several eclipses confirms the presence of large-scale clouds in the atmospheres.
Measurements of line profiles and equivalent widths show that macroturbulent
velocities up to 10 km/sec in the upper chromosphere, and up to 20 km/sec. in the
lower chromosphere are present. Microturbulent velocities in the Tower chro-
mosphere are about 10 km/sec. Recent ultraviolet observations indicate that the B
star in the 32 Cygni system may be within the outer chromosphere of the giant
component and its radiation may affect the chromospheric structure more than had
previously been suggested.

In the study of stellar atmospheres the composition and structure at
increasing heights above the photosphere are required. The sun is the only star
whose chromosphere can be observed directly. The other principal source for
observing such structure is in the ¢ Aurigae stars where, during ingress and
egress at eclipse, the relatively small, hot, secondary component acts as a probe
when its radiation passes through the atmosphere of the much-larger late-type
primary star. Much information can be obtained from the light curves of these
stars concerning the types of the components and their relative dimensions, while
irregularities in the curves during ingress and egress phases may indicate distur-
bances in their atmospheres., However, it is important that both photometric and
high-resolution spectrographic observations be combined in order to obtain the
maximum knowledge about each system and the individual component stars. For many
years l.A.U. Commission 42 on Close Binary Stars has stressed the need for such
observations and a number of cooperative programs have been sucessfully carried
out.

The spectrographic data can be used in a number of ways. The orbital
elements of the system can be determined from the radial velocities when one or
more cycles are covered. Although the lines in the secondary component are
usually difficult to measure, radial velocities can be obtained and, knowing that
the inclination must be near 90°, the masses can be determined. In some cases
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there is a circumstellar cloud surrounding the system and its structure can be
inferred from changes in the spectra over the cycle. Close to eclipse major
Changes in the low-excitation lines of both neutral and jonized atoms can be seen.
Detailed analysis of the intensities of these lines give numerical values for the
temperature, pressure and composition of the outer atmospheres of the giant compo-
nent of the system at various heights above the photosphere. The intensities and
profiles of the lines in these spectra give indications of the turbulence and
other mass motions in the atmosphere that we have come to discuss at this collo-
Quium. It has usually been assumed that the atmospheres of these giant stars are
similar to single stars since the components are not close, relative to most
binary systems, as the periods are hundreds of days rather than a few days or
less. However, there have been suggestions that the hot component does affect the
structure of the giant companion, which is the principal object of many of our
investigations.

Quite an extensive literature on the % Aurigae stars has been built up over
the past forty years. We shall discuss only the principal systems, z Aurigae, 31
and 32 Cygni and VV Cephei since they are the brightest examples and therefore
have been studied most intensively and with the highest spectrographic dispersion.
The standard work on the detailed analysis of these systems was written by Wilson
(1960). Wright (1970, 1973) up-dated the survey of the orbits and dimensions of
the ; Aurigae stars and reviewed the changes of the Ca II K-line that had been
observed at several eclipses. Cowley (1969) surveyed the literature on the VWV
Cephei stars and noted that several of these stars, especially AZ Cassjopeiae, WY
Geminorum and Boss 1985, may be eclipsing systems that would warrant more systema-
tic study. Recently Sahade and Wood (1978) examined the close binary systems and
included a section on atmospheric eclipses. Observational programs have been
Continued in recent years, especially by Hack and Faraggiana, by Kitamura and his
associates and by Wright. New studies of these systems should become available in
the relatively near future.

Since this colloquium has been organized to discuss turbulence in stellar
atmospheres, this paper will be devoted to brief discussions of current data
available for the four principal systems: their orbits and dimensions which are
required to give the scale for determining the atmospheric structure; the
observations of the Ca II K-line that can be observed higher in the atmosphere
than most other lines; and the curve-of-growth analyses that determine the micro-
turbulence as well as other atmospheric parameters.
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ORBITS AND DIMENSIONS

The orbits and dimensions of these eclipsing binary systems are not as well
determined as might be desired, partly because the periods are long and few cycles
have been covered, the light curves show some changes from eclipse to eclipse, and
the secondary spectra are difficult to measure because the multi-lined K - or M -
type spectrum dominates most of the wavelength range that is covered; data
derived from light curves and spectrographic observations do not always agree.
Nevertheless the results are sufficiently accurate to give an adequate scale of
the atmosphere. The best available data are listed in Table 1. No more precise
orbital data for ¢ Aurigae, 31 and 32 Cygni have been published since Wright's
(1970} review; those for VY Cephei are from Wright (1977) and are based on
measurements of the Ha line for the O-type star and lines in the same region of
the spectrum for the M-type star. Some revisions for the Tuminosities, masses and
diameters have been considered: for & Aurigae, Kiyokawa and Kitamura (1973)
revised the Tight-curve data for My, Toff and the diameter of the K-type star; for
32 Cygni the Saijo and Saito (1977) analysis of the light curve indicated that the
Spectrum of the B-type star is probably B8 rather than B4 with corresponding
revisions for the temperature and the diameters; they also suggested small changes
in the masses. Koch et al. (1970) rank the photometric data for these systems in
the category of "lowest reliability", chiefly because the light curves show some
variability, and the eclipses are atmospheric and therefore the depth of eclipse
varies with wavelength.

It is worth mentioning that, for C Aurigae, Kiyokawa (1967) discussed the
light curves for five eclipses from 1935 to 1963-64 and found a small increase in
the length of totality with time, which suggested a gradual expansion of the
atmosphere of the primary star, but Kitamura (1974) found that narrow-band
observations of the 1963-84 eclipse indicated a shorter time for total eclipse,
which leaves the question of changes in the size of the K-type star still open.

It has been known for many years that the eclipse for 32 Cygni is grazing;
the observations were discussed by Wright {(1970). Wellmann {1957) decided that
totality lasted for 9 days in 1949, and 12 days in 1952, while Scholz (1965)
concluded that the eclipse was total for 6 days in 1962, and Herczeg and Schmidt
(1963) considered that totality lasted between 1 and 3 days for the same eclipse.
However, Saito and Sato (1972) analyzed the numerous observations made by the
Japanese observers for the 1968 and 1971 eclipses and concluded that these
eclipses were grazing and almost total, but showed no flat-bottomed minimum in the
Tight curve that would indicate totality. Thus it appears probable that, for 32
Cygni, changes in the extent of the outer atmosphere do occur. It has been known,
of course, that the opacity varies with wavelength and that the eclipses are much
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deeper in the ultraviolet region of the spectrum than in the red. Thus in the far
ultraviolet region, the eclipses of 1968 and 1971 may have been effectively total.
The Victoria spectrographic cbservations of Wright and Hesse {1969}, based chiefly
on the appearance of the K-line indicated that totality lasted 12 days in 1965 and
8 days in 1962.

RADIAL VELOCITY OBSERVATIONS OF THE CA 11 K-LIKE

The K-line in the spectra of the ¢ Aurigae stars has been studied intensively
and many measures of radial velocity and intensity have been published. For
t Aurigae the velocities of all lines, including the K-line, are more positive
relative to the orbital velocity during the ingress phase and more negative at
egress. However, the displacements, though in the same general direction as those
that might be expected for a rotating star, are more random in character and do
not fit the pattern predicted even for a slow rotation. Wilson (1960) concluded
that the rotation effect must be small, that there is a chromospheric equatorial
current and that the chromosphere contains sizeable concentrations of matter
moving with different velocities. Saito (1970) studied the problem for z Aurigae
and concluded that the hydrogen gas facing the B-type star should be ionized by
the ultraviolet radiation of the hot star and an ionization front is formed as a
boundary between the H I and H II regions. For ¢ Aurigae Saito concluded that the
velocity field of the K-type chromosphere consists of a non-steady field due to
gas clouds moving with different velocities overlapping the main velocity field of
gas expanding from the K star at an ejection rate of 1 x 10-8 Mo/year and a
rotation rate of 5 km/sec. At some distance away from the K-type star in the
direction of the B star velocities at egress are produced by the H I gas accelera-
ted by Lyman quanta from the B star. Moderately good agreement between Saito's
theoretical curve and the chromospheric observed radial velocities suggest that
this proposed interpretation may have some validity. Velocities of chromospheric
lines of other atoms, including Fe 1 and Ca II follow a pattern somewhat similar
to the hydrogen lines.

On the other hand, observations of the Ca II K-Tine at the 1951 and 1961
eclipses of 31 Cygni (McKeller et al. 1959, Wright and Odgers, 1962) show that the
radial velocities follow the orbital curve fairly closely with numerous negative
displacements up to 20 km/sec during the ingress phases. In 1951 the K-line was
clearly resclved intc two components during the egress phases, with the mean
velocity displaced above the orbital velocity curve; no observations could be made
during the 1962 egress. The multiple structure of the K-line has been a feature
of the chromospheric phases. This structure has been attributed to a small number
of "clouds" possibly detached from the star in some cases where the displaced



149

velocities are greater than the velocity of escape; the satellite line is usually
sharper than the main component and can sometimes be observed for several days
With nearly the same velocity. The velocities of the principal Tine during both
ingress and egress seem to suggest a strong circulation in the K-star chromosphere
moving in the opposite sense to the orbital moticn and also in the opposite sense
to that in ¢ Aurigae.

For 32 Cygni the most extensive series of measurements are those of Wright
and Hesse (1969) for the 1965 eclipse, and of Bisiacchi et al. (1974) for the 1971
eclipse. The trends of the radial velocities of the K-line are similar at each
eclipse: There is considerable structure in the Tines within about 40 days of
mid-eclipse and the components can frequently be separated. The general trend is
towards velocities slightly greater than the orbital velocity before mid-eclipse
and slightly less after mid-eclipse. Bisiacchi et al. suggest that there may be
some kind of cyclic oscillation in the atmosphere of the K-type star indicated by
the measurements of the Fe I lines.

INTENSITY OBSERVATIONS OF THE CA II K-LINE

Wrig‘ht's {1970) review of the intensity data for the chromospheric K-line
observed in the ¢ Aurigae stars still covers most of the data available. The
K~line intensities can be measured two stellar diameters or more away from the
photosphere ({second contact) and the complex structure can often be seen at any
Phase as the radiation from the B-type star passes through the outer atmosphere of
the K-type star.

Kawabata and Saito (1975) have published their data for the 1971-72 eclipse
of ; Aurigae. They obtained several plates on each of a number of nights during
ingress and egress and found that the several satellite Tines could nearly always
be seen on each spectrogram obtained on a given night - thus confirming the
reality of the components. The chromosphere of ¢ Aurigae has now been observed
for forty years. The K-line intensities may vary by as much as a factor of two
from eclipse to eclipse; if they are weak during ingress they are also weak during
egress, Thus the plots of the intensities at ingress and egress are quite
similar, but are not necessarily mirror images. The intensities of the K~line at
the eclipses of 1934, 1938 and 1971 are classified as weak. Those observed at
Cambridge in 1937 are the strongest. The 1937 observations may be unusual,
berhaps due to some kind of eruption at the time of the observations. The data
for the 1947, 1950 and 1955-56 eclipses are listed as moderate. Kawabata and
Saito suggest that the chromospheric activity of ¢ Aurigae increased from 1939
until 1950-56, when it reached a maximum, and then decreased until 1971.
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The K-line intensities in the spectrum of 31 Cygni for the eclipses of 1951
and 1961 have been studied by McKellar et al. (1959) and by Wright and Odgers
(1962). The 1951 observations showed the component structure clearly, especially
during the egress phases. The multiple structure was confirmed at the 1961
eclipse when numerous plates were obtained during ingress; a strong, negatively-
displaced component was cbserved 5 stellar radii from the edge of the K-type star.
The principal line increased in intensity from narrow to broad (1 3) about one
radius from the limb and then its width decreased for several days before it
broadened again and showed the characteristic “square® appearance of a strong
chromospheric line; the damping wings then began to appear as the probe passed
through the innermost portions of the chromosphere. The decrease in breadth of
the line so close to the limb seems to indicate that the density of the chro-
mosphere is not uniform and, since the observations do not repeat at each eclipse,
non-stable.

The chromospheric intensities for the 32 Cygni system for eclipses since 1949
have been discussed by Wright and Hesse (1969) and by Bisiacchi et al. (1975).
The trends from eclipse to eclipse seem to be random. The intensities were least
at the 1962 eclipse and greatest in 1965. At both the 1965 and 1971 eclipses the
component structure is more evident during ingress than at egress, but the widths
in 1965 were nearly fifty per cent greater than in 1971. However, these varia-
tions from one eclipse to another are not surprising in these cloudy, unstable
atmospheres.

As the Ca II K-line shows the greatest changes during the eclipse phases,
since it is the strongest line in the spectrum, its profile has been used to
determine macroturbulent velocities. Perhaps the most careful determination of
the profile has been made by Kitamura (1967} for ¢ Aurigae. He made corrections
for the effect of the B-type star on the observed continuum and for the K-Tine in
the K-type spectrum. At a height of 16 x 106 km above the limb, Kitamura found a
best fit between calculated and observed profile for a turbulent velocity of 15 -
19 km/sec. and a total number of 1 - 4 x 1016 Ca II atoms in the line of sight.
The fit with the theoretical curve is good but not excellent, partly because the
cbserved profile has a small stili-stand near half-intensity; the observed inten-
sity change is more gradual than the theoretical profile at both zero intensity
and at the continuum.

For 31 Cygni, McKellar et al. (1959) studied Victoria spectra obtained at the
1951 eclipse in some detail. They compared observed and computed profiles for
both the principal lines and the satellite lines observed during egress. For the
narrow lines far out in the chromosphere they found reasonable agreement with the
observations by assuming a turbulent velocity of 10 km/sec. and 1012 atoms per
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unit cross section in the line of sight. For the broad lines in the inner chro-
mosphere the turbulent velocity was 20 km/sec. and 1018 atoms. Underhill {1954)
measured the profiles of a number of Fe I lTines near K-line on the 1951 Victoria
chromospheric spectra and concluded that the turbulent velocity for these lines
was similar to that of the K-line for the inner chromosphere. The intensities of
the Fe I Tines decrease much more rapidly than those of the K-line and no esti-
mates could be made for the outer chromosphere.

CHROMOSPHERIC INTENSITIES OF METALLIC LINES

Spectrograms obtained during ingress and egress for the ¢ Aurigae giant
eclipsing systems contain a wealth of information that can be used to determine
the parameters of the chromosphere. No detailed analyses have yet been published
using model-atmosphere calculations chiefly because the outer atmosphere of these
stars seems to be unstable. Since condensations (prominences, clouds, etc.) are
observed for the ionized calcium atoms, similar features may affect the inten-
sities of other atoms. Since the radiation of the B-type secondary spectrum is
effectively the continuum of the chromospheric lines, though some chromospheric
continuum may also be present and the presence of the K-type spectium must also be
taken into account, curve-of-growth methods using a Schuster-Schwarzschild model
Wwith exponential absorption (van der Held, 1931, UnsB]d, 1955) have been adopted
in most of the published investigations. The standard work on the analysis of
chromospheric line intensities is still that of Wilson (1960) who discussed the
data available up to 1959. Wright's (1959) analysis of the 1951 eclipse data for
31 Cygni was published just after Wilson's survey and agrees with Wilson's princi-
pal conclusions although slightly different methods of reduction were used.

In order to determine the chromospheric intensities, plates obtained well
outside of eclipse showing the normal composite spectrum and also plates taken
during totality are required. The effect of the K-type spectrum must be removed
and the chromospheric equivalent widths relative to the B-type probe are deter-
mined as discussed by Wilson (1960) and by Wright (1959).

In the curve-of-growth analysis of the data, the ordinate of the plet is
Tog (W/x) for the observed quantities and log (W.c/x .2v) for the theoretical
data. Thus, when the plots of observed and theoretical curves of growth are
superposed, the difference in the ordinates is a measure of the turbulence in the
chromosphere.  For the abscissa the observational data are usually laboratory
f-values when they are available; theoretical intensities calculated from the sum
rules can be used if necessary. In the theoretical plot the abscissa, log Xg
contains terms involving the abundance of the atom being studied, the Tower



152

excitation potential, the excitation temperature and the turbulent velocity.
Plots are made for all lines of a given atom, such as Fe I, having approximately
the same lower excitation potential. Each plot is superposed on the theoretical
set of curves of growth. The mean displacement in the ordinates of these plots is
a measure of the turbulent velocity. The displacement in the abscissa is a func-
tion of the excitation potential from which the excitation temperature can be
derived.

For many years the best laboratory f-values for Fe I were considered to be
the measures of King and King (1938). However, doubts have been cast on the
temperature the Kings used for their electric furnace and it is now believed that
the values can be improved. In order to check some of the data for the chro-
mospheres of the eclipsing stars, the Fe I f-values used by Foy (1972), May et al.
(1974) and by Bridges and Kornolith (1974) were plotted against Wright's (1959)
data for 31 Cygni. The plots for each excitation potential were combined and mean
observational curves of growth for each spectrum were fitted to the theoretical
curves. While the results were not exactly the same as those originally published
and the new f-values did not give an exact 1 : 1 correspondence with King's data,
the differences were relatively small over the wavelength range covered (3700 -
4500 R) and the conclusions concerning turbulence and temperature based on the
King f-values do not seem to require major revision.

Published turbulent velocities agree that the chromospheric lines observed in
the atmospheres of the r Aurigae stars show considerablie turbulence. For
¢ Aurigae, Wilson's (1960) summary notes that the microturbulence is between 5 and
15 km/sec., though some of the earlier, lower-dispersion data give values up to 20
km/sec. There is some evidence that the turbulence and also the excitation
temperature increases with height in the atmosphere, and also that the value for
ionized lines may be a few km/sec. greater than for neutral atoms. Effectively
the same conclusions were reached by Wright (1959} for 31 Cygni.

A preliminary study of the Victoria high-dispersion spectrograms of 31 Cygni
obtained at the 1971 eclipse has been begun (Morbey et al. 1975). A computer
program was prepared to derive the spectrum of the B-type star by subtracting the
spectrum of the K-type star, obtained during totality, from the composite spectrum
cbserved far from eclipse. This program proved to be quite satisfactory and
several helium lines could be observed on computer-constructed tracings in the
spectrum of the B-type star that had not been detected previously. Some work has
been done on the spectra obtained during the chromospheric phases of this eclipse,
but the intensities have not been studied yet.
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THE STRUCTURE OF THE CHROMOSPHERE

Several theories concerning the structure of the chromosphere of the
% Aurigae stars have been suggested but the final sclution probably has not yet
been found. The Mount Wilson observers considered that the radiative flux from
the B star is likely to be the chief source of the chromospheric excitation but
found that, with a smooth density distribution, the B star should ionize the
metals much more than has been observed; they concluded that the chromosphere must
contain condensations sufficiently dense to prevent excessive ionization by the
B-star radiation. Later Magnan (1965) discussed deviations from local thermo-
dynamic equilibrium for ionized calcium with a three-level model atom and a
Continuum; he considered that the observations for 31 Cygni could be reconciled,
taking electron collisions into account, with a homogeneous atmosphere where the
average number of electrons is 1010 and the effective temperature is 10,000° K.
As noted above, Saito discussed the effects of hydrogen Lyman quanta from the B
Star on jonization and shock-wave fronts in the K-type chromosphere and concluded
that the hydrogen velocities observed near eclipse could be explained by such
fronts combined with a slow rotation of the K-type star. Groth (1957) earlier had
Suggested that the source of super excitation required to produce the excitation
and qjonization in the chromosphere lies in the ultraviolet radiation from the
transition zone between the chromosphere and the corona where the turbulent energy
is dissipated. During the past few years Bernat, Boesgaard, Linsky, Reimers and
Others have been studying the chromospheres and circumstellar matter surrounding
late-type stars and their model calculations may well be adaptable to conditions
in the atmospheres of the giant components of the ¢ Aurigae stars.

Very recently Stencel et al. (1979) were able to obtain observations of the
32 Cygni system with the IUE satellite in the region 1150 - 3200 | at phase 0.2, &
few months after eclipse. They observed numerous jonized lines of silicon, iron,
magnesium, etc. with P Cygni type profiles (emission peaks at the redward edge of
the absorption 1lines). The profiles of the strong lines showed absorption
components of - 200 km/sec. and even up to - 400 km/sec., similar to, but with
higher velocities than those previously observed only for the Ca 1I line near
eclipse. They suggest that the Fe II emission lines would probably dominate the
2330 - 2630 A range during the chromospheric phases and this emission would
explain the excess radiation observed at that time by Doherty et al. (1974). The
observed width of the Mg II lines and the strength of the Fe II emission lines
combined with the lack of high-excitation Tines of C IV and He Il lead the authors
to suggest that the underlying chromosphere of 32 Cygni may be qualitatively
similar to the outer atmospheres of late-type supergiants like o Orienis. They
conclude, from the observed strong P Cygni-type profiles, that the B star lies
within the upper chromosphere of the K-type supergiant, and that the ionizing
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radiation from the B star penetrates into the supergiant atmosphere and sets up
moving shock fronts within the chromosphere.

We have mentioned very Tittle about VV Cephei in this paper although it
clearly shows chromospheric lines at the time of eclipse. Although Goedicke
(1939) and Peery (1966) made some analyses of the atmosphere, their data were not
sufficient to give better than approximate results. Peery did estimate a
turbulent velocity of 48 km/sec from his curve-of-growth data, but the value has
not been verified.

At Victoria, spectra of VV Cephei have been obtained over a full cycle. The
analysis of the Ha profiles and a determination of the orbit has been completed by
Wright (1977). Most of the plates have been measured for radial velocity to
determine which lines arise in the two stars and which are produced in the circum-
stellar envelope, but it has not yet been possible to analyze the intensities.
Prior to the 1957 eclipse McKellar et al. (1957) studied the changes in the Ti II
lines at 3759 and 3761 R. These lines showed at least two components at -38 and
+16 km/sec. with a suggestion of emission between them, especially close to tota-
lity. A preliminary study of these lines from 1975-78 show that these lines are
present at the next eclipse - but they alsc appear with somewhat different velo-
cities and intensities throughout the cycle. Thus it would appear that they are
at least partially circumstellar in origin. The Victoria observations of the
chromospheric phases of the 1976-77 eclipse were cbtained in the region 3400 -
4250 R in order to minimize the effect of the M-type star. Many of the plates
could be stronger but they should be useful for the analysis of some phases of the
chromosphere.

Much more information remains to be gained from observations of the ¢ Aurigae
stars. With modern techniques it 1is possible to obtain profiles of individual
lines, such as the K 1ine, much more accurately and probably in less time than
with photographic plates, but when large regions of the spectrum are toc be
examined at a given phase, as is desirable for these stars, the photographic
method would still seem to be most useful.

In this review we have examined the pertinent data obtained from plates of
the ¢ Aurigae stars observed near the time of their eclipses. Radial-velocity
measurements show that there is probably some kind of chromospheric equatorial
current that is superposed on the slow rotation of the star. The ionized calcium
lines show that there must be large clouds or prominences, sometimes moving faster
than the escape velocity, that can be observed for several days. Satellite data
may well show that the early-type star that we have become accustomed to call a
“probe" may be close enough to seriously affect conditions in the late-type super-
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giant star whose atmospheric structure we have hoped to determine - hence this
Structure may not be that of a normal single star. Modern theories of radiative
transfer and line formation may give new clues concerning this structure based on
the observational data obtained for these stars. It has been suggested that the
microturbulent velocities assuming curves of growth based on pure absorption are
Merely the result of inadequate theory. I cannot answer this question, but it
does seem that, for giant stars such as these, velocities up to 10 or more km/sec.
would seem to be reasonable for the small-scale motions in the atmosphere, and the
macroturbulent velocities for large-scale motions derived from the profiles of up
to twice that value alsc seem to be plausible.
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DIFFERENTTAL LINE-SHIFTS

William Buscombe
Northwestern University

Evanston, IL 60201, U.S.A.

In the beginning of this review, I paraphrase three statements from Paul W. Mer-
rill (1960). (1) In the spectra of long-period variables, absorption lines of neu-
tral metals show a shortward displacement increasing algebraically with excitation po-
tential, probably due to atoms moving outward in the star's upper atmosphere with an
expansion velocity of the order of 20 km s-l. (2) About 6 weeks after maximum light
emission components appear within the broad absorption at H and K of Ca II, but dis-
placed about =100 km snl. A similar, but less extreme, behaviour is known for class-
ical cepheids. (3) In gquasi-constant red giants, the resonance lines of Ca II, Ca I,
and SR IT show circumstellar components displaced shortward relative to the normal
stellar photospheric lines by a velocity which is correlated with the spectral type,

- -1
typically -8 km s L for M6 1I to —-25 km 8 = for class MO III.

From the very few specific citations in the literature, Table 1 lists examples
of much larger shifts detected on high-dispersion spectrograms of extremely luminous
stars. The stars named are somewhat fainter than any yet studied in detail in the far
ultraviolet, Morton (1976) quotes a velocity of -2260 km s“l for 0 VI 21031 in the

upper chromosphere of [ Pup.

It is noticeable that, in addition to the progression by excitation potential,
already discussed by Merrill and the cited authors of the recent papers on supergiants,
there appears a progression with photospheric temperature among stars of the highest
bolometric luminosities. Imhoff (1976) demonstrated among G, K, and M stars respec—
tively, such a progression with luminosity class exists. For the profiles of Ha with
"reverse P Cygni emission, the trend to larger velocity displacements from the chro-
mospheres of more luminous M stars is seen in Figure 1. Some of the displacements
change with time; Smolinski et al. (1979) have noted an outburst from recent spectra

of HD 217476 in which ions with lower excitation potential have velocities similar to

He . ¥
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Table 1

HD Wame MK Type av Ton Fig. Reference
206936 = u Cep M2 Ia -52 Ho 1 Imhoff 1976
212466 = RW Cep KO Ia=-0 =71 Ha "
217476 = v 509 Cas G5 Ia-0 -81 Ha "
163506 = V 441 Her F2 Ia -150: Ha Sargent 1969
223385 = § cas A3 Ta-0 -110 Ha Aydin 1972
152236 = ¢! Sco Bl Ia-0 -210 11V 2 Hutchings 1968

2905 = « Cas B0.7 Ia -325 Ha Rosendhal 1973
148937 06 If ~340 Ha 3 Conti 1977

For supergiants of classes A and B, a progression with excitation potential has
been discussed by several authors. Figure 2 summarizes the measures by Hutchings (1968)
on the brightest member of the cluster NGC 6231. Conti (1977) has presented similar
evidence for the Of star HD 148937 (see Figure 3).

It seems reasonable to suggest that the outward acceleration of matter escaping
from stellar chromospheres is related to the age and possibly the mass of the star
concerned. Each of the stars named in Table 1 has a bolometric luminosity of about

two million suns.

1 am indebted to R.E. Taam for the suggestion that this type of chromospheric ac-

tivity may even be detectable as X-ray emission from very luminous stars.
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TIME DEPENDENCE OF BALMER PROGRESSION IN THE SPECTRUM OF HD 92207

H.G. Groth
Inst. flir Astronomie und Astrophysik, Universit#t Miinchen
Miinchen 80, West Germany

Abstract

, +
The radial velocities measured in the spectrum of HD 92207 (AC Ia ) show a Bal-
Mer progression, which varies considerably within one week and reverses within one
month (or less). These obsérvations give strong evidence, that at least in some

bParts of the atmosphere the velocity field reverses with time. (To be published in

Astronomy and Astrophysics).



MICROTURBULENCE : AGE DEPENDENCES

R. Foy
Observatoire de Paris

92190 Meudon/France

The study of microturbulence in stars for itself,and not as & by-
product of abundance determinations,is relatively recent.The first com-
prrehensive study on this topic was carried out in 1966,by Bonsak and
Culver.They found general trends of the behaviour of microturbulence }
in the HR diagram.A decisive advance occured when Garz and Kock {1969)
revised the scale of oscillator strengths of iron and,as a consequence,
the value of the microturbulent velocity in +the solar photosphere.The
use of microturbulent velocities determined before 1969 should be avoided.

Before describing what we know about the behaviour of microturbul-
ence with estellar age,l shall make some statements,and describe how the
microturbulent velocity is found,from observations,to depend on the
atmospheric parameters.

First,we shall be concerned here with stars in the spectral type
range A5 - K5.8econd,I shall distinguish the changes in microturbulence
as a function of mass at fixed evolutionary stage,namely the main sequen-
ce,from the changes on microturbulence during the stellar evolution at
fixed mass.lestly,l shall consider +the so~called microturbulent velocity
as a physical atmospheric parameter,and not as an artificial parameter.

I determined microturbulent velocities for a sample of nearly 120
stars,from the vertical shift of the neutral iron curve of growth;Il used
our equivalent widths in Meudon,cr published data;thus we considered
large sample of stars measured in a homogeneous way.Bguivaelent widths
were resicaled,using stars studied in common in at least two data mets.

Abscissae of the curves of growth were computed with model atmos-
pheresg,rescaled either from Gustafsson et al (1975) for giants or from
Peyitremann (1974) for dwarfs.Oscillator strengths were taken from my
compilation (1972) or determined in the same scale from the weak line

part of my solar curve of growth by Cayrel et al (1977).



165

DWARFS

In the case of dwarfs,the splitting of +the damping part of the
Curve of growth is already present on the plateau of the curve of growth.
The resultant dispersion of the flat part of the curve of growth has been
interpreted in terms of random errors in the measurements either of the
line equivalent widths,or from the abscissae of the curves of growth
this also led to systematic enhancements of the microturbulent velocity.
This effect is dependent on the stellar gravity,as shown by Cayrel et al
(7977),80 that microturbulence measurements in dwarfs are often biased
With respect to those for giants.

So the determination of } in dwarfs appears to be difficult for
four reasons.First,the plateau is not at all horizontal;second,a slight
€rror in the damping constant affects the level of the plateau;it means
that in differential analysis,a difference in gas pressure does the same ;
third,the low excitation lines,which are less affected by damping,are not
Numerous ;finally fourth,the microturbulent velocity is small as compared
to the thermal velocity.Consequently noise is a severe problem.

I reanalysed published equivalent width data of dwarfs,observed
With a reciprocal dispersion ranging around 3 z/mm.The splitting in the
damping part of the curve of growth is clearly visible,but this is not
the case on the flat part,because of experimental errors.Therefore only
an upper limit to the microturbulent velocity can be proposed.

The determination of the microturbulent velocity in solar type
dwarfs does not appear very reliable to me.Note that this conclusion
applies to the currently available spectroscopic material,but not to the
Very high resolution data obtained with modern techniques.

Consequently,the wellknown increase of microturbulence with increas-
ing temperature along the main sequence should be reconsidered.Andersen
(1973) found an increased microturbulence near spectral type A5,which is
of particular interest.If it is real,it could be interpreted in terms of
ages.The microturbulent velocity would be decreasing with increasing age,
Since A type stars are much younger on the average than G type stars.But
I suspect that this trend could be interpreted in another way.Indeed a
lot of Am stars which are in fact subgiants or giants are included in }
Versus T relations,so that these relations could provide a valuable

eff
check of the change in microturbulence with stellar evolution.
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Such a change is now well established for yellow stars § the microt-

urbulent velocity in G and K giants is significantly larger than in dwarfs,

provided the Sun is not an exception.Figure 1 shows the distribution of
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Figure 1. Distribution of microtur-

bulence among G ~ K giants.

Pigure 2. Microturbulent velocity
versus surface gravity for giants.

the microturbulent velocity among gilants $: it is systematically larger

+than the solar value.The dotted line shows the distribution of microtur-

bulence among giantes obtained by Gustafsson et al (1974),from a sample

having a narrower gravity range,using narrow band photometry.

The microturbulence asppears to be strongly correlated with the

surface gravity {Figure 2).However I do not venture to propose an analyt-

ical expression for this dependence.lt tends to disappear when we remove

supergiants and the Sun,i.e. when we reduce the gravity range of the sam-

ple.Inversely,it is better defined when removing only stars cooler than

12 = SOAO/Teff = 1.20.The dependence of the microturbulence on the

eff

effective temperature is also better defined when removing the coolest

atars (Figure 3).Could this be due to model effects? Or to a more complic-

ated relationship?

Figure 4 shows that this is likely the case.Here we plot the gravity

versus the effective temperature,with three microturbulent velocity ran-

ges .BEvolutionary tracks for 2 and 2.5 solar masses are shown for the

asymptotic branch phese.From this diagram,the proportion of low wvalues
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Of,i relative to high values is smaller near the red giant tip than near
the base of the asymptotic branch.Note that here we are concerned with a
relatively small gravity range,but with a guite large effective temperat-
ure range.In this case no relation is clear on figures 2 and 3.

The same increase in‘} with stellar evolution occurs on the HR
diagram (Figure 5}.The less evolved giants have,on the average,lower
microturbulent velocities than giants ascending the first asymptotic
branch.There is a relatively clear cut division just at the beginning
of the asymptotic branch,corresponding to the abrupt decrease in the
atmospheric opacities and the rapid inward growth of convection.

It is also possible that microturbulence decreases after stars
leave the red giant tip when they burn Helium in their corej;during the
Helium burning core,the efficiency of convection is rapidly decreasing
(Iven,1967).I found (Foy,1978) indications that field giants with low
microturbulent velocities would be evolving in the Helium burning core
phase.An exemple is HD 71369,a G5 giant member of the Hyades group.Eggen
(1972) found that it is one magnitude brighter than other giants having
the same value of the R-I colour index;he suggested that its evolutionary
state iz different from that of the other giants in the Hyades group ¢ it
could evolve on a loop following the Helium core ignition.I found its

microturbulent velocity to be as low as 0.8 km/s.



168

3]
loalt/ty) 1 T T T T T T
o
30— —
%3

25 o —
201 —
15— —~
10 -

log Tetf

l | 1 [

a3 43 4 a0 38 38 37 38 3

Pigure 5. Behaviour of microturbulent wvelocity as compared
to evolutionary tracks in the HR diagram.

To derive firm conclusions concerning this last relationship would
reguire a comparison between the microturbulence in horizontal branch
and asymptotic branch giants in a cluster;indeed the location on the
horizontal branch is less gquestionable in the case of a cluster than for
field stars.

Another program would be to use very high resolution technigues
for a sample of bright field dwarfs,selected in two ways 3 firstly along
the zero age main sequence,and secondly,perpendicularly to it.This prog-
ram should provide information about the dependence of microturbulence

on age,independently of the gravity and the temperature.
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HIGH LUMINOSITY F-K STARS MOTIONS AND Ho EMISSIONS

J. Smolinski, J.L. Climenhaga, and B.L. Harris
Department of Physics, University of Victoria

Victoria, B.C., Canada

Abstract

Changes and differences in radial velocities between neutral and ionized metals
have been found for three F5-type supergiants: HD 231195, HD 10494, and HD 17971.
Fifteen high disperéion coudé spectrograms (6 &/mm) were used and 33 to 165 lines

! in radial

were measured on each. Semi~regular time variations up to about 8 km s
velocity have been found. In addition, Ha line profiles for 8 high luminosity F-K
stars have been analyzed. All of the stars show Ho emissions, variable in time,

which is probably a common phenomenon in very luminous stars. Metallic emission lines
with low excitation potentials, in particular the Ca I 6572.8 and the Fe I 6574.2

lines, are present in 5 of these stars.

TURBULENCE IN THE ATMOSPHERE OF B-TYPE STARS

Keiichi Kodaira
Department of Astronomy, University of Tokyo

Bunkyo-ku, Tokyo, Japan

Abstract

The stationary turbulent surface layer, whose depth is of the order of the pres-
sure scale height in the subphotospheric layer, was investigated for B-type stars,
using the momentum and the continuity equations with the inertia term neglected but
the turbulence-viscosity term included. The mean velocity field is dominated by the
horizontal component of the meridional circulation, driven by the pressure-density
unbalance in the radiative envelope of the rotating star, and the differential rota-
tion induced by the Coriolis force.

The model calculation for a B3IV-V star with the equatorial rotational velocity
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of 200 km/s led to the conclusions that the velocity field due to the Qifferential
Totation is of the order of 0.1-1 km/s, the velocity field of the meridional circu-
lation itself is negligible, the velocity field of the three-dimensional shear tur-
bulence ig of the order of 0.1 km/s, and its scale is comparable to or less than the
Pressure scale height, the velocity field of the horizontal two-dimensional turbu-
lence is of the order of 1-10 km/s, and its maximum scale ranges from a few times
the pressure scale height to one-fiftieth of the stellar radius. If the index of
the energy density law is close to 3.5, the turbulent surface layer may be dominated
by the large scale {two-dimensional)} barotropic eddies whose energy is fed by the
Small scale (three-dimensional) baroclinic turbulence in a way similar to the plane-
tary atmospheres. In this case we may expect the tangential macroturbulence of the
Order of 1-10 km/s, though the interaction between this and the small~scale three-

dimengional turbulence still remains to be investigated.
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Mesoturbulence

G. Traving
Institut flir Theoretische Astrophysik
der Universitit Heidelberg
Heidelberg, FRG

+)In favour of a concise discussion of the basic concept of meso-
turbulence we have refrained from presentingra comprehensive review
of the work done in this field. Completeness, however, was aimed at
in the references at the end of the contribution by E. Sedlmayr.

Abstract

The influence of a stochastic velocity field with a finite scale
length 1 on the transfer of line radiation is described by means of

a generalization of the transfer equation. Micro- and macroturbulence
are contained in this mesoturbulence approach as limiting cases 1+0
and 1 »+ = respectively.

Introductory Remarks

In hydrodynamics the term "turbulence” describes velocity fields

which are dominated by inertial forces and of which only the statisti-
cal properties are controlled by initial- and boundary conditions.

The meaning of the same word as used by spectroscopists is gquite dif-
ferent. It encompasses any flow of unresolved pattern which -~ in ad-
dition to thermal motion - contributes to the Dopplerbroadening of
spectral lines. So this term describes a situation which is characte-
rized by a lack of information concerning the underlying velocity
field. It is for this reason that the spectroscopist takes recourse to
a description in statistical terms.

First of all, the basic information is contained in the mean square
velocity <v2> = 02, where v is the velocity component parallel to the
ray. The second important parameter, the scale length 1, is more dif-
ficult to determine.

Struve and Elvey (1934) discussed the limiting case “)ine .1 <<1- with
1ine[cm ] being the line absorption coefficient - where the hydro-
dynamic flow simply acts as an additional thermal broadening of the
atomic absorption profile. In this case the saturation in the line
decreases with the consequence that the curve of growth (say of stellar
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absorption lines) changes due to increasing equivalent widths. This is
the mieroturbulence limit. Macroturbulence, on the other hand, is de-
fined

by “line
and the radiative transfer is not affected. The profile in the radiation

.1 >> 1. Then there is no velocity gradient along the ray

leaving the source has to be convoluted with the velocity distribution,

a4 procedure which does not alter the eguivalent widths.

The need for an approach based on the assumption of a finite 1, which
bridges the gap between these two limits, becomes obviocus if one reali-
Zes that:

3) There is no doubt that"microturbulence"is a well established

Phenomenon in stellar spectroscopy. So 1 cannot have been
large compared to )
line*
b) One has to exclude very small values of 1 since they would imply
strong velocity gradients and hence excessive dissipation of

kinetic energy.

Indeed, we note that under very general conditions the energy dissipa-
tion in a turbulent hydrodynamic flow is

2

dag _
3t = 15 v <v

3 > 272 [erg 9_1 sec-1] (1

if v is the kinematic viscosity, which is roughly given by

Vo= .1 (2)

Vihermal free path

and A the microscale of the flow defined by
= <(30) 7> (3)

If the flow is stationary %% must be equal to <v2>/2 divided by a time
wWhich is characteristic for the renewal of the hydrodynamic energy.

Let this time be the ratio of the equivalent height H of the atmosphere
to the velocity of the flow; an assumption which seems to be reasonable
either in case of buoyancy forces driving the turbulence or of con-
Vective transport of kinetic energy. If all velocities are of the same
order of magnitude one finds that the smallest possible scale for
hydrodynamic fields (in stellar atmospheres) is of the order of

A= (300 1 172 (4)

free path

4..105 [cm] which

is of the same order of magnitude as the mean free path of a photon in

Inserting data for the solar photosphere yields Am 10

an absorption line of medium strength.
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If the effects of microturbulence are caused by sound waves of sawtooth
form, Hearn (1974) has shown that the observed microturbulence veloci-
ties require a flux of mechanical energy which is about 100times the

acoustic energy generated by the convection zones.

Hence, one cannot escape the conclusion that the naive interpretation
of line broadening by small scale hydrodynamic flow as microturbulence
has to be abandoned since it interfers with basic laws of hydrodyna-
mics.

The Microturbulence Criterion Revisited

In the following we consider in more detail the condition for the

validity of the microturbulence approach. Let

LE+xm =0 (5)

be the transfer equation for the monochromatic intensity I in case of
pure absorption. The inclusion of a non-zero source function S would
make the formulae more involved without altering our conclusions. Note
that I(s) depends on all values of v(s') for s'<s so that I(s} is not
a function but a functional of v.

The microturbulent solution Imic satisfies the equatiocn

dI_ .
€ 4 k> I, =0 (6)
ds mic
with
+o
<k> = [ k(v) P1(v)dv (7)

-0

where P1(v) is the one-point distribution function for the velocities
along the ray. Defining u(s) by

I(s) = u(s)-Imic(s) (8)

we obtain for u(s) the differential equation

%g + Ak(v)+u =0 (9)
with
Ak (v) = k(v) = <x> . (10)

Solving eg. (9) with the initial value u(s=0)=1 by means of Picard's
iteration one obtains

s s s& s s s
U(S)=1-de1AK1+fds1f S2AK1AK2-de1£d52édS3AK

(o] [0} o} o]

1Ak AK 5. (1)
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where
Ac, =
Ky AK(Si, v(si)) . (12}

Recalling that by means of the definition eq. (10) we have
<Ak> = 0 (13)

We obtain for the lowest order deviation from unity of the expectation
value of ul(s)

] R
<u(s)> - 1& fds, Sds, <Ak Ak,> . (14)
1 2 1772
o o
Thus the lowest order deviation from the microturbulent case is deter—
Mined by the two-point correlation of Ax which is calculated by means
°f the two-point velocity distribution Pz(v1,s1,v2,52) according to
<AK1AK2> = de, fdv2 AK.’AK2 'Pz(v1ls1lv2152)- (15)
v v
1 2
1f S,4-s,>1 the two point velocity distribution factorizes into two one-
boint distributions so that due to eq, (13) the contribution to the
integral is zero. Taking this into account the rhs. of eg. (14} can be
estimated as

<u{s)>-1m }-25 (<1<2> - <K>2) . (16}

So we obtain the following condition for the validity of the microtur-
bulence approach

Tl TS ( <K2>
2

2 <>

- 1)<< 1 (17)

Where the optical depths Tl=l'<K> and T TS<K> have been introduced.
Since in all cases of interest Tg will-be of the order one, we see that
microturbulence is a good approach if Tl<<1 (the usual assumption) and/

or if <K2>/<K>2 -~ 1 approaches zero. This is a condition which limits

the amplitude of the velocity distribution. It should be mentioned that
<K2>/<K>2-1 is zero at the line center for small <v2> if the distribu-

tion functions are symmetric.

Approach to Mesoturbulence

The foregoing discusssion provides a first step towards a more general
description of the radiative transfer which incorporates the to para-
Meters <v2> and 1 from the very beginning. Indeed, eq. (11) can be
Consigered as the formal solution of such a transfer problem. One
Clearly sees that all higher order correlations of the velocity field
€nter,
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An apprcach by means of a perturbation expansion -~ which bears at least
some relation to the above formalism - has been formulated by Rybicki
{(1975). He developed all relevant quantities in orders of the pertur-
bation by the velocity field.

L0, ()

(o)

K = F ey

(1), p(2)

+ K

I
s =50 45t 4 g2

i

+ I + ... (18)

+ ... .

S is the monochromatic source function which in case of scattering or
non-LTE may depend on the velocity. Inserting these expansions into the
transfer equation and equating terms of different order individually
one obtains the perturbation expansion of the transfer equation. It
turns out that the formal solution of the order (n-1) can be inserted
as inhomogeneous term into the rhs. of the equation of order n. So
there exists no closure problem since there is no dependence of the

low order equations on the higher order solutions. It is by means of
these rhs. terms that the correlations of the velocity field enter.

Apparently no attempts have been made to work out in more detail this
formalism, into which correlations of all orders enter, but which =~

for practical reasons - is restricted to weak turbulence.

Obviously the problem is to determine the order of correlations which
have to be taken intoc account. Apart from all theoretical considerations
the answer to this guestion depends oﬁ the amount of information con-
cerning the pattern of the velocity field which can be derived from the
observed profiles. Apparently at present we can hardly expect to deter-
mine by such an analysis more than the influence of the lowest order
correlations on the radiative transfer. Thus the assumption that all
higher order correlations factorize into two-point correlations seems
to be adequate.Approaches of this type which lead to simple formulae
and which do not impose any constraints to <v2> have been followed in-
dependently by Auvergne et al. {1973) and by Gail et al. (1974).

The essentials common to the work of both groups can be presented in

a very simple way: Let us assume LTE and a source function S which does
not depend on the velocities. Then the transfer equation can be written
as

dl = -k {v){I-S)ds {19)

If the velocities vi{s') for s'<1 are deterministic alsoc I{(s) is deter-
ministic, but in case of random velocities I(s) will be random. Consider
all I(s) which are compatible with the constraint that at s the velocity
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is in the interval v...v+dv, the probability of which is W1(v,s)dv.
Let g(v,s) be the mean value of the intensities subjected to this
Constraint. We now define

Q(v,s) =1P, (v,s) - qlv,s) (20)
and obtain for the expectation value of the intensity

<I(s)> = [ Q(v,s)dv . (21}
v
We want to emphasize that in contrast to I(s), which is a functional
°f v, the guantities g{v,s) and Q(v,s) are functions of v.

Aiming now at the transfer eguations for g(v,s}) or Q(v,s) we first
restrict ourselves to the case of macroturbulence and assume constant

vV for all s. Then g(v,s) and I(s) have to comply with the same transfer
©quation since for v = const. both quantities are identical. Hence

dq(v,s) = - x(v)(g(v,s}-8)ds (22}

and by multiplication with PP, (v) - which we assume to be independent
Of g =

dQ(v,s) = - k(v) (Q(v,s) =~ 91(V)S)ds (23)

We now relax the macroturbulence condition (v=const.) by assuming a
Yandom field, the structure of which is dominated by two-point correla-
tions or by the corresponding two-peoint distribution functions
PZ(V1,51,V2,52), respectively. These can be written as the product of
2 one-point distribution function times a transition probability

-— - | -
IPZ(V1'51'V2'52) —IP1(V1151) W(V2|V1'51'52 51) (24)

where W(v2[v1,s1,sz-s1)dv2 is the probability of finding at s, the
Velocity vy in the interval dv2 provided that at S, the velocity is
V.

Any change of the velocities with the step ds will clearly affect the
transfer equation (23). There will be an additional sink term for
Q(v,s) which is Q(v,s) times the probability that with the step ds the
Velocity changes to any other velocity v'. Also an additional source
term occurs, given by Q(v",s) times the probability of a transition
from any v" to v. It is by means of these transition probabilities
that the scale length 1 is introduced.
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Transitions of v which lead to

v sink terms

in Q(v,s)

ds

source terms
in Q(v,s)

ds

So, with W independent of s, eq. (23) turns into
Aeco
da(v,s)= -k (V) (Q(V,s)~ P, (v) -S)ds~ [ Q(v,s)W(v'|v,ds)av’
)
too (25}
+ [ Q(v",s)W{v]v",ds)dv" |
This is the central equation of the two-point correlation approach.
It has some resemblance with the transfer equation in case of scatte-
ring of line radiation. Indeed, if one relates the transition proba-
bility W with the redistribution function in case of scattering one can
interpret eq. (25) as describing the transfer of monochromatic line

radiation subjected to a scattering process in velocity space.

One can look at the problem from a different point of view. Let
P{I,v,s)dIdv be the joint probability of finding at s the intensity I

in dI and the velocity v in dv. Then with the assumption of a velocity
field governed by two-point correlations only, the transition proba-
bility for the velocity depends only on v at s and on no other data.
Since the transfer equation is a first order differential equation,

the change of I depends also only on the values of I and v at s, so

that one can consider I and v as being subjected to a Markovian process
in s. In this case the smooth change of P(I,v,s) with s can be described
by an equation of the Einstein-Smoluchowski type:
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P(I,v,s)= f @av'/ dI'S(I-I'+k(v') (I'-S)As) -W(v|v',As)P(I',v',s'). (26,
v' I

In order to establish the relation to eq. (25) one has to make use of

the fact that Q(v,s) is the first moment of P(I,v,s) with respect to I

Q(v,s)= [ P(I,v,s)I dI. (27}
I

The relations of this mesoturbulence approach to the micro- and macro-
turbulence limits and to hydrodynamic turbulence can best be illustrated

by means of the corresponding two-=point velocity correlations
Pls)= <v(s')v(s'+s)>/<v?> . (28)

Qualitatively the graphs of p(s) are:

~ macroturbulence

~ \hydrodynamic turbulence

p(s)

icroturbulence mesoturbulence

> S

In order to work out eq. (25) in more detail the transition probability
for the velocities has to be specified. This is the point where diffe-

Yent approaches have been followed.

Auvergne et al. (1973) conceived a process (the Kubo-Anderson process)
in which the two-point velocity distribution is a linear combination

of a) a completely uncorrelated part consisting of the product of two
One-point distribution functions P1(v,1)'lP1(v',s‘) and b) a part which
is completely correlatedlP1(v',s')-6(v—v'). Then the transition proba-
bility is

w(vlv.’AS)=(1_p(As)) 'P1 (V')+O(AS)5(V‘V')- (29)
Then with
plds) = 1 - §8 (30)

€q. (25) turns into

20 0k, 5)-Hob, 1 a(vrav'i=-(x+h ok (ksalers :
Ta— K 1 T o] 1./ o(v v'lE- ety KS+y )m1 . (31)
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The sink and source terms in the curly bracket can easily be interpreted
as being due to "complete redistribution in velocity space"

Gail et al. (1974), on the other hand, preferred Gaussian one- and two-
point velocity distributions with the consequence that

, ~1/2 o2
P1 = (210°) exp (- ——5) (32)
20
and
2 2. "1/2 v'-v)
W(v]v',as8)=(2n0° (1~p°) exp (- —2-~——- ) . (33)

20 {1-p )

With these assumptions which define an Uhlenbeck-Ornstein process
{Wang and Uhlenbeck, 1945} eq. (25} can be written as

aQ——K(Q-IP 5)+ % %; (v+o? %;) 0. (34)

The differential operator on the rhs. of eq. (34) is consistent with
the assumption of a continuous velocity field, hence only infinitesimal
changes of v within ds have non zero probabilities; the"scattering'is
almost "coherent". Eq. (34) is a partial differential equation of para-
bolic type which is easily solved by standard numerical techniques.

The central eq. (25) and hence also eqg. {(31) and eg. (34) have been
derived starting from the macroturbulence limit (l+=). We use eg. (34)
in order to show that they contain also the microturbulence limit (l-+e).

Noting that the Hermite functions
*n (&) = %0 (@) (35)
are the eigenfunctions of the differential operator occcurring in eq. (34)

{(¥+

34
%)Jo)

) oy = - n oy (36)

we use the expansion

o
Q(s,¥) =z T (s) ¢ (V) (37)
n=0
and obtain due to the orthonormality relations of the Hermite functions
the following system of ordinary differential equations

= - + - = 0,1,2
— = m m cv s
3 z K T K s T T ’ s 1y (38}
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with
o

Kn =_£ ¢o o oy  (¥)Yd¥ . (39)
It is obvious that in the limit 1+0 all modes with m ¢ O will have zero
amplitude due to the last term on the rhs. of eq. (38). Hence in this
limit eq. (38) reduces to

dTO

IT = " Yoo (T,-S) (40)

This is the microturbulence equation since

¢0(0) = w1 (%) (41)
and
ey o +o -1
<I{s)> = f Q(s,V)4¥¢ = L Tn(s) N ¢ bp av = T, - (42)
-0 n=0 -0
Conclusion

1) The word "turbulence" denotes a velocity field which can be des-
cribed only in statistical terms. However, the reasons for such a
description may be different. For a hydrodynamicist it is the very
nature of the flow, for a spectroscopist, however, it is lack of
information concerning the flow pattern.

2) The basic parameter of such a velocity field is the mean square
velocity <v2>. The scale length 1 is a further relevant informa-
tion. Micro- and macroturbulence are limiting cases 1+0 and 1+«

respectively.

3) If the limit 1+0 is taken literally the spectroscopists concept of
turbulence would be in conflict with basic principles of hydrody-
namics. Hence an approach with finite 1 ~Mesoturbulence- is needed.

4) Whereas in principle the radiative transfer depends on all corre-
lations of the velocity field, the two-point correlation, which
contains most of the coherence properties of the field, seems to
provide a sensible first order approximation.

5) The formalism of the mesoturbulent radiative transfer in this
approximation is simple. It may be interpreted correctly in terms
of scattering in velocity space.

6) Efficient numerical methods exist for the solution of the resulting
equations.
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7) The possibility to extend the mesoturbulence formalism to non-LTE
problems has not been touched upon (see Gail et al. 1975, Frisch
and Frisch 1976, Traving 1976).
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Abstract
A general formalism for describing the radiation transfer in a medium

with arbitrary velocity fields is presented. It is demonstrated that
classical microturbulence and mesoturbulent models based on Markov pro-
Cesses can be considered as the two lowest order members within a
hierarchy of model egquations with an increasing degree of approximation
to reality. Some preliminary results concerning the relevance of low
order model equations are presented.

1. Introduction

In interpreting line profiles originating from stellar atmospheres with
internal motions, one encounters the problem that the observed flux
within a spectral line is composed of contributions from regions with
quite different velocities. In order to obtain the line profile which
actually is observed, an averaging process has to be applied with respect
to the ensemble of flow situations which occur along all lines of sight
which contribute to the measured flux.

If the velocity distribution z(i,t) within the atmosphere is known, the
calculation of the radiation intensity exhibits no special problem {(ex-
cept for numerical difficulties) and the required average is simply cal-
culated as an integral of the emergent intensity over all directions of
interest. In this case, there is no need for a statistical treatment of
the line transfer problem,

If, however, the flow‘is turbulent and thus can only be described in
terms of its statistical properties or if the information on the state
of motion of the matter is incomplete, it is not possible to assign in
an unambiguous way to each line of sight a velocity profile v(r) along
this ray. On the other hand, a definitive knowledge of this function
v{r) is a pre-requisite for solving the ordinary equation of radiative
transfer in a moving medium. In this case, one has to take recourse to
statistical methods.
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Even if the statistical properties of the flow are completely known (for
instance, if the complete hierarchy of probability densities defined in
chapter 2 is known), it is not possible to specify uniquely the quanti-
ty v(r) for each line of sight. However, for a large ensemble of equi-
valent rays it is possible to determine for each possible distribution
of velocities along a ray the probability, that this specific v(r) is
realized. Since, for a given v(r), one is able to solve the radiative
transfer problem, one obtains a certain intensity distribution I{r)
along the ray. The probability of realization of*this distribution I(r)
equals the probability of realization of the specific v(r), on which
this solution I(r) is based. Thus it is natural to describe the radi~
ation field in terms of probability densities and to reformulate the
radiative transfer eguation in terms of these guantities. A general
theory of this kind has been developped for the case of LTE and negli-
gable scattering (see chapter 3 and 4}.

If no or incomplete information about the velocity field is available,
it is nevertheless useful to apply statistical methods. The best proce-
dure in this case would be (i) to isolate the basic parameters of the
velocity field which are relevant for the line transfer problem and
(ii) to substitute the equations of the original problem by model equa-
tions, which depend on the relevant parameters only.

One method to proceed in this direction is, to derive a hierarchy of
statistical model equations, which incorporate an increasing degree of
information on the structure of the velocity field. By a study of the
properties of the members of such a hierarchy it will be possible to
£ind out the relevant parameters and the adequate model equations. The
classical microturbulence model and the Markov-process models of
Auvergne et al.(1973) and Gail et al.(1974) can be considered as the
zeroth order and the first order models within such a hierarchy (see
chapter 5). Model eguations of higher order have not been derived up to
now. Thus, it is not possible at present to decide, whether first order
model equations already are sufficient to treat the line transfer problem
or not.

A second method is to start with a statistical theory, valid for general
velocity fields, and to derive from this the model equations. Some pre-
liminary results in this direction are presented in chapter 6.

2. Description of the velocity field

The ensemble of different flow situations, which one encounters along
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different rays in a stellar atmosphere is most conveniently described
by the hierarchy of n-point probability densities

.

‘—) - ‘—b - . . -»> (2.1)
P oAxy o VyiXy Voieeix oV )

Pn(1,..,,n) .

Pn is the probability of finding at §1 the velocity %1 and at §2 the
velocity 32 ... and at ;n the velocity $n' The following properties of

the Pn are self evident:

Pn(1,-..,n) _>_O ’ (202)
]da?;in:nm,...,i—1,i,i+1,...,n) =P (Teee,i=1,d41,.00,0)  ,  (2.3)
fd3v1]P1(1) =1 , (2.4)

Since only the component of the velocity parallel to the ray under con-
sideration enters into the radiative transfer problem, we define a new
probability density by

N
Pn(x1,v1n;x2,v2u;...;xn;vnu:k) =

;dzvu‘...szvniPnH,...,n) (2.5)

which gives the corresponding probabilities for the || component of the
velocity. For anisotropic Pn(§1,31;...) they depend explicitly on the
direction k of the ray. The Xy (i=1,...,n) are the coordinates of the
points to which mn refers along the ray. We assume these points to form
an ordered seguence with Xy S %Xy S eee £X since in the application

to the radiative transfer problem the P ~occur only in this special

instead of v and omit the k

form. In the following we simply write v i

i
from our notation.

Since every hydrodynamic flow has the property of being continuous for

distances between the points X, X smaller than a certain length,

i+1
the probability densities Pn have to satisfy the condition:

1-17Y4)

i (2.6)

lim Pn(T,...,i,i+1,i+2,...,n) = Pn_1{1,...,i,i+2,...,n)'6(v

X +X

i+1

since, if X441 equals Xy then Vi1 necessarely equals vy due to the con-

+
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tinuity of the flow. Especially, it follows

n
lim P _(1,...,n) =1P1(1)E26(vi__7~vi) . (2.7)

X_+X
n 1

A wide class of flows has the property, that there exists a finite
correlation length 1 such that the velocities Vb1
+1 and Xy becomes large
compared to 1. If the flow has this special property, then the Pn‘s

have to satisfy the condition

and vy become statis-—
tically independent, if the distance between xi

Pn(1,...,i,i+1,...,n} = Pi(T,...,i) Pn~i(i+1""'n) if x,

-K, > .
i+1 xl !

(2.8)
This condition is valid for instance for turbulent flows. It is not
valid for instance for harmonic waves.
The concept of a description of the velocity field by means of the
hierarchy of the Pn‘s is flexible enough to allow a unified description
of such different cases like {for instance) a purely deterministic ve-
locity field v(x):

Pn(1,...,n) = 6(v1~v(x1))-6(v2-—v(x2)) G(VH-V(xn)) (2.9)

or a pure noise

Pn(1,...,n) = PW(X1'V1) v Pl(xn'vn) . (2.10}

3, Description of the Radiation Field

In analogy to the description of the velocity field by means of the Pn's
we describe the joint process (I,v) by means of the hierarchy of n-point
probability densities (Gail et al, 1979, henceforth called paper I):

-
Pn(x1,v1,I1;x2,v2,I2;...;xn,vn,In;k,v) = Pn(1,...,n) . (3.1)

Pn is the probability of finding at X, the velocity vy and the intensi-
ty of radiation 11 and at X, the velocity Vs and the intensity 12 e
and at X, the velocity v, and the intensity I . From the physical pro-
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perties of radiative transfer it follows, that we are interested only
in probability densities, where the X (i=1,...,n) form an ordered se-
quence along the ray under consideration (with direction ﬁ).

The probability densities Pn have to satisfy conditions analogue to
(2.2), (2.3) and (2.4). In paper I it is shown, that the general P can

be written as

n-1 n-1
P (1,...,m) =P (MTT B[+ P _(1,.00,n) /@ OTT B, G[i+1) .

n i=2 i=2
(3.2)
Here we have introduced the conditional probabilities
= (3.3)
p,(112) = »,(1,2) /P, (1)
= (3.4)
P2(1|2) P2(1,2)AP1(1) .

Hence , the complete information on the radiation field is.already con-

tained in Pz.

The conditional probability P2(1|2) has a simple interpretation. The
analogue of (2.3) may be written as

= (3.5)
de1[dv1P1(1)P2(1|2) = P,(2)

and from this we infer, that P2(1|2) is the kernel function of an evo-
lution operator, which solves the transfer problem for P1.

In order to construct P2(112) we approximate x(x,v{x)), S{x,v(x)) and
v(x) by step-functions. Then we consider one arbitrary realization of the

velocity field between x, and x, with fixed velocities v, at x and v, at

1 2
the initial inten-

2
KXo If the final intensity at X, is just equal to 12,
sity I, at Xy is given by

n n 1 (3.6)
I, = Izexp(z=1KiAxi] - §=1Klslexp(§=1KiAxi)Axl = ¥ .

with k= K(xi,v(x1)), si=s(xi'V(xi)) and Axi beeing the length's of the
intervals of the step-functions. This is simply a discretized version
of the solution of the ordinary equation of radiative transfer., Then

P2(1|2) is given by
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n
P (112) = fdva ...fdva ﬁPn+1(1,&1,...,an_1,2)ﬁP1(1)}exp{z KiAxi}.
1 n-1 i=1
5(11_% . (3.7

The delta function assures, that only those realizations of the velocity
field contribute, which have the correct final intensity I, for fixed

11. The factor Pn+1/P1 is the probability of realization of the consi-
dered step-function approximation of the velocity field. The exponential
function takes care of the contraction of the interval dI1 to d12 in

going from X4 to Xy Finally, we integrate over all possible velocities
at the division points of the interval X4 1%, . More details with re-

spect to the derivation of Egq. (3.7) can be found in paper I.

4, The Mean Intensity and the Conditional Intensity

In many cases, interest is concentrated on the mean intensity <«I>. This
guantity can be calculated from P, as follows:

<I> = [dv fﬁI'I'P1 . (4.1)

The direct calculation of <I> or P1 may become gquite tedious. However,

for the guantity

de-I-P1 (4.2)

Q

one derives from (3.5) and (3,6) an equation, which can often be solved

much easier than the equation for <I> or P,. The mean intensity <I> is

1
obtained from Q by a simple integration.

In order to derive the equation for @, one multiplies (3.7) with I, and
integrates with respect to I2 with the result

n
Q(2) = [dv1jdva1...Idvan_1ﬁPn+1(1,a1,...;an_1.2)/P1(1)]exp(-§=1KiAxi).
n 1
{Q(1) + §=1mlslexp{§=1.<izxxi)p1<1>Axl} . (4.3)

Since one easily shows (of paper I):



n o %2 %2 *¥2
lim exp{+} Rgdx } =1 4+ I (=¥ J 1[&82.'.st TT {v) , (4.4)
M

e i=1

one arrives at the final equation

X
2
Q(2) = fdv1Q(1)E(1,2) + stajdvaP1(a)K(a)S(a)E(a,Z) (4.5)
%4
with
% X5
E(1,2) =P {(1]2) + (-n" fds ...st Jdv ...Jdv .
211 §=1 %y Gy %y G
1 sa
n-1
n (4.6)
(]Pn+2(1,a1;--~,°‘n;2)/191(1))E=1K(0Lu) .

Egqs. (4.5) and (4.6) are the basic eguations, which serve to calculate
the mean intensity for arbitrary velccity fields, described by their
n~point probability densities.

5. Stochastic Models

Different stochastic models have been used to treat the line transfer
problem in presence of velocity fields. These models are discussed in
some detail in the preceding contribution of Traving. Thus we limit our-
selves at this place to show, how they fit into our general formalism,

a) The classical microturbulence-macroturbulence approach
Pure microturbulence is described by n- soint probability densities of
the type (2.170). Pure macroturbulence on the other hand is described by

Pn's of the type (2.6). The superposition of both yields n-point proba-
bility densities of the type

B ((Viren,v) = {dw Pmac(w )TTJP’“” —w) . (5.1)

Then, a simple calculation shows that the mean value <I> is just
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x
2
<T> = de1PTac(w y [z exp[ st Knie W )} +
x
5 Ok
st exp| f S'K (w1))S(s')Kmic(w1)] (5.2)
%, s
where
LW = fdv IPmlc(v)K(v-wq) (5.3)

and we have used the obvious initial condition
Qi = IOP1(T) . {(5.4)

Eq. (5.2) is just the classical microturbulence-macroturbulence result,
as was to be expected.

b} Markov-processes
Markov-processes can be defined by the property

P (1,...,) /@ _(1,...,;0-1) =B (n=1|n) . (5.5)

Then the general Pn can be expressed by Pz(i-Tii) as follows:

n
B (1,...m) =P1(1)E2P2(i—1li) . (5.6)

The conditional probability Pz(i—1|i) is due to condition (2.3) subject
to the restriction to be a solution of,

Jdvz 192(1}2)11?2(213) =n>2(1|3) . (5.7)
Examples of Pz are given in the contribution of Traving. For other ex=-
amples see for instance Brissaud and Frisch (1974).

While pure microturbulence can be interpreted as a stochastic process
without memory on the velocities encountered at Xy if we go from X, to
Xipqt the Markov~process is a stochastic process with "short" memory.

The velocities encountered at x, are not independent of the velocity,

i+1
which we have found at Xy, but are completely uncorrelated with all pre-
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vious velocities at xj with j<i,

In the case of Markov-processes, a simple equation for ¢ can be derived.
By multiplying Eq.({4.6) with x (0O} P2(011) and integrating with respect to
vo and xo, one derives the following integral equation for E (see paper
I):

)

[ds1fdv1m(1)mz(1I2)E(O,1) = -E(0,2) +P,(0]2) . (5.8)

*

Then, by multiplying (4.5) by x({a) Pz(m}Z) and integrating with respect
to v_, x, one derives by using (5.8):

o
X, e
Q(2) = jdvsz(OIZ)Q(O) - de1jdv1x(1)mz(1|2){Q(1)fP1(1)S(1)} (5.9)
X,
Differentiating this with respect to Xy We obtain
3g(o) _ im0 - 3
0 fdvo[llfx e, P,(0[1)]Q(0) ~ x(0){Q(0) P, (0)S(0)) (5.10)

17 %
which is equivalent with equation (25) of the preceding contribution of
Traving. For a discussion of the special model of Auvergne et al (1973)

and Gail et al (1974) see that contribution.

c¢) Higher order meodels

The microturbulence model and the Markov-process model may be considered
as the two lowest order members of a hierarchy of mcdel equations in the
following sense:

{i) The microturbulence model assumes, that the general Pn can be fac-
torized into a product of one-point probability densities P1(vi).

(1i) The Markov-process model assumes, that the general P can be fac-
torized into a product of two-point conditional probability densities
m2(111+1> (cf Eg. (5.6)).

{iii) The next step would be to assume, that the general Pn can be fac-
torized into a product of three-point conditional prcbability densities
P3{i,i+1\i+2) and to derive a model equation based on this special form
of the En.
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In this way, one would obtain a hierarchy of model equations which allow
to incorporate an increasing degree of information on the structure of
the welocity field into the theory. However, higher order models have
not been studied up to now.

6. Some comments on the relevance of low-order model equations

In this chapter, we consider velocity fields with finite correlation
length. The starting point are Egs. (4.5) and (4.6). From these one de-

rives
X
CI(x.)> = S(x) - ldt’<E(x,, >3 L (1(x,)-8(x,))<E(x,,x,)>
2 2 27 at 1 1 2%
¥4
(6.1)
with
X2 -
n
<B(x,,%x,)> = exp{—Jdt’KZ(t')}( 1+ ;%:1{-” e, (x,x)] (6.2)
®4
where
£ E oo o N
_ (6.3)
e (x,,%x,) = fdt1fdt2...Jdtnfde...Jdv&Pn(1,...,n)Z=1K(u) .
Xy X X, = —co H

Here we have assumed, that the absorption coefficient consists of two
parts

— (6.4)
K = K1(V) + Ky s

one of which, Koy is independent of the velocity. The actual choice of
Kq and Ko will be specified later.

a) The case X=X, << 1

At this place we choose

el = (6.5)

K, = = K .
2 continuum

1 Kline

We introduce the new integration variable Si=(ti-xi)/l' By assumption
we have

g = (x2—x1)/l << 1, (6.6)



193

It is natural, to expand the integrand in (6.3) into a Taylor series
with respect to the small quantities s1,...,sn. Then all s-integrations
are easily done and one obtains to first order in the small quantity €

oP

n n
= 1" - £y§y __n -i) |
e, =1 Jdv1...JdvnEP1(1)IIZG(Vu_1 v, n+1§=135i o(n+1 i) }
€ Sn-1 n
st1...J TT vy . (6.7)
0 o v=1

The dominating contribution corresponds to pure macroturbulénce, as was
to be expected. The first order correction depends only on P3, since due
to (2.6) and assuming Pn to be uniform continuous at the origin, we have

P P
e lim lim lim rra
170 814970 878549 83978
3P (0,1,1+1) %f1 %T
= lim ————— S(v _,-v ) (v, _=v.) . (6.8)
54170 o8y p=2 BT OMT Gliep VST Y

Since preliminary results indicate, that 1 is of the order of the skale
height of the atmosphere (see the subsequent contribution of Sedlmayr),
the present case applies to strong lines. Thus, in strong lines no in-
formation on the structure of the velocity field is contained, which

extends beyond the three~point probability density Py

b) The case Ky=Ky >> 1

At this place we choose

K_, =fdv1P1(1)K

mic line(1) (6.9)

, K, =K + K . (6.10)

K . .
2 continuum mic

1 = Kline- Kmic

The integration in (6.3) is extentended over a n-dimensional simplex.
Within this volume, the guantity

<y (1) evek, (n)> = jdv1...Jdvn P (1,eve )i (1) 200k, (n) (6.11)

is different from zero only in regions of the integration volume, where
all points sy form clusters of at least two points with mutual distances
between the members of a cluster of at most V1 correlation length 1. If
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at least one point is isolated, then due to (2.8) there will occur a
factor <K, in (6.11) which is zero according to the definition of Kyo
By analyzing the various possible clusters, one can show that, provided
the condition

max K1(V)-l << 1 (6.12)
v

is satisfied (c¢f Brissaud and Frisch, 1974, and Frisch,1968), the domi-
nating contribution is provided by two cases: (i) only clusters of two
points occur and (ii) besides one or at most 2 clusters of three points
only clusters of pairs occur. Since max(K1(v)) is of the order of the
line absorption coefficient in the centre of the line, this case corres-
ponds to weak lines, since 1 itself is probably of the order of the
scale height. Thus, weak lines, just as strong lines, do not contain

any significant information on the structure of the velocity field ex-
tending beyond Ps.

These results suggest, that model equations for the radiative transfer
problem in moving media based on P2 or P3 are sufficient, at least for

strong and weak lines.
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Abstract

For realistic stellar atmospheres the eqguations describing mesoturbulent
line formation are solved numerically. The general dependence of theo=-
retical line profiles and equivalent widths on the correlation length 1
and the mean square turbulent velocity ¢ is demonstrated. Also empiri-
cal relations between the basic parameters of the micro-macroturbulence

description (v v ) and the fundamental mesoturbulence parameters

mic’ "mac
(1,0) are derived.

Introduction

It has been shown {(see Traving's contribution) that turbulence in
stellar atmospheres is necessarily of finite scale length. So meso-
turbulence is a very common phenomenon which should be taken into
account in line formation studies.

In this contribution we shall apply the mesoturbulence formalism
{(e.g. Auvergne et al. (1973), Gall et al. (1974), Gail and Sedlmayr
(1974}, Prisch (1975)) to line formation in realistic atmospheres.
Our aimes are

(i} to demonstrate the basic effects of the correlation length 1
and the mean square turbulent velocity o on the line profiles
and eguivalent widths, and

(ii) to derive empirical relations between the classical parameters
(microturbulent velocity Viic and macroturbulent velocity Vmac)
and the fundamental parameters of the mesoturbulence description

1l and o.
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1. The Numerical Method

Two particular stochastic models have been adopted for discussing

mesoturbulent line formation in stellar atmospheres:

a) The Uhlenbeck-Ornstein Process (UOP)

The UOP is a stationary Markovian process continuous in space with
both Gaussian one-point and two-point velocity distribution functions.
The resulting transfer equation for the monochromatic local condition-
al intensity g{s,v) 1s therefore a parabolic partial differential
equation of Fokker-Planck type (Gail et al. (1974), Gail and

Sedlmayr (1974):

a_q_‘!(_vaj.y.o'za_zﬂ.—)—(g ¢+K)(~S) (1)
s 1 av Syl o ' 4 ¢

with s being the distance along the ray, v the actual velocity, Ko¢
and Kc the line and continuum absorption coefficients. ¢{s,v,0,A)) is
the profile function and S the monochromatic local source function.
KorKg and S are assumed to be independent of the velocity v.

The expectation value for the monochromatic local intensity <I(s)>
is obtained by multiplication of g by the one-point velocity distri-
bution P1(v) and integration with respect to the velocity variable:

<I(s)> = [ lav P, (V)gls,v). (2)

Given a model atmosphere which provides Kot K and S, and given

o
appropriate initial and boundary conditions the above transfer
equation can be solved numerically straight-forward by the Crank-

Nicholson method (e.g. Richtmyer and Morton, (1967)).

Without going into any technical details I shall peoint to the only
problem which may arise and which results from an inconsistent in-
corporation of the boundary conditions: The natural boundary condi-
tions for our problem are given by the asymptotic limits v+t |
where the line absorption wvanishes and the radiative transfer is con-
trolled by continuous absorption only. It turns out that in the case
of strong lines or large turbulent velocities one has to take into
account rather large |v| to approach these limits with sufficient
accuracy and to aveid slight instabilities near the boundaries.
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k) The Kubo-Anderson Process (KAP)

The KAP is a stationary Markovian process discontinuous in space with
a Gaussian one-~point velocity distribution function (like UQP} but a
non-Gaussian two-point velocity distribution function which bridges
the gap between the two limiting cases of complete correlation and
complete noncorrelation by a linear ansatz (Auvergne et al. (1973),
Frisch and Frisch (1975); see also Traving's contribution).

Using the KAP one arrives at an integro-differential equation for the
monochromatic local conditional intensity g(s,v):

(3)

B_q_(%é_ﬂ = _}{fiz dv'E1(v')q(s,v")~ q(s,v)}— (Ko‘(b + Kc) (gl{s,v)-S).

From this egquation the expectation value of the emergent intensity can
be calculated

(i) by means of the semianalytical methods used by Auvergne et al.
(1973), and Frisch (1975) or

(ii) by a direct numerical solution of (3) and a subsequent integration
according to (2). A proper discretisation in the velocity coordi-
nate reduces this equation to a system of coupled linear ordinary
differential equations which can be solved by standard methods
(Gail et al. (1976).

However, both procedures have inherent specific difficulties either
connected with instabilities in the region of very small 1 (microtur-

bulent limit) or problems of large matrix size respectively.

Thus for numerical reasons we consider the straigthforward solution
of the rokker-Planck eqguation described in a) to be more efficient.

2. BEffect of a Correlated Velocity Field on Line Profiles and

Equivalent Widths

Adopting the UOP line profiles, equivalent widths and curves of

growth have been calculated for selected lines of particular elements
formed in the solar photosphere. In order to account for the effects of
model atmospheres different from the sun we have extended these com-
putations to atmospheres of earlier and later spectral type (AOV (Wega)
and K2III (Arcturus)) also,
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All calculated profiles show a similar monotonic dependence on 1 and ©
respectively. Thus for demonstration of principle effects we may re-
strict ourselves to the discussion of an arbitrary line in the solar
photosphere.

For a given mean square turbulent velocity o and a non-negative corre-
lation function microturbulence always yields the maximum absorption
for a spectral line. Hence line profiles which originate in a velocity
field determined by a small scale length are always deeper than the
corresponding profiles formed in a velocity field with eqgual turbulent
velocity but larger correlation length.

This is clearly seen in Fig. la, where for the line FeI X6200 theore-
tical profiles are plotted for ¢ = 2 km/s and different values for the
correlation length 1. 1 = 1 km and 1 = 1o4km refer to the microturbu-
lent and macroturbulent limit respectively.

If the correlation of the velocity field is increased for fixed ¢ both
the line depth and the width of the corresponding profiles decrease
monotonically until for very large 1 (» 3000 km) saturation is achiev-
ed (macroturbulent limit)}.

This general behaviour is also demonstrated in Fig. 2 which for differ-
ent values of ¢ - but for the same line - shows the effect of the
correlation length 1 on the central depth r, and the equivalent width

WA of the emergent profile.

For o < 1 km/s thermal broadening exerts the essential influence on
the absorption coefficient. Hence for small mean sguare turbulent
velocities both the central depths and equivalent widths depend only
slightly on 1. With increasing o the thermal contribution becomes more
and more negligible and the influence of the correlation of the turbu-
lence field on r, and wk is considerably increased.

For largeo both r, and WA become monotonically strongly decreasing
functions with increasing 1 approaching their minimum value in the
macroturbulent limit. In this case the eguivalent widths become inde-
pendent on o; a fact which causes all WA - curves in Fig. 2 to converge
asymptotically.

The theory of mesoturbulent line formation provides a simple criterion
which allows a quantitative estimate of a profile's deviation from the
corresponding microturbulent result (see Traving's contribution). Accord-

ing to this criterion microturbulence should be a good approximation if
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Fig. 1: All calculations have been performed on the basis of the em-
pirical sclar model atmosphere of Holweger (1967) assuming a mean
square turbulent velocity o = 2 km/s and a normal iron abundance.
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Fig. 2: Dependence of the central depth r_ and the equivalent width W
of the line Fel 26200 on the correlation Eength 1 for different valued
of the mean square turbulent velocity a.

the condition

2 2
Tl.TsiK_...)._:._igi_ <<? (4)
<K>

B -

holds. €...Y indicates the average values calculated by means of the
one-point velocity distribution function, and Ty o= 1<k> and T, = s<K>
are characteristic optical depths corresponding to the correlation
length and the relevant geometrical depth of line formation respective-
ly. Thus by definition Tq is usually of the order of unity. With Ty = 1
and T, = l<k> the proper wavelength dependence of (4) is essentially
given by the quantity (<k2> = <k>2)/<k>, which is plotted in Fig. 1b
for relevant optical depths T.

From Fig. 1b we expect the largest deviations for a line profile cal-
culated with fixed values 1,0 from the corresponding microturbulent
result to occur at the transition from the core to the wing of the line

where the curves (<K2> - <K>2)X<K> show a pronounced maxXimum.

However, condition (4) is primarily a mathematical condition which for
each wavelength measures the magnitude of the difference between a
profile calculated with finite correlation length and the same profile
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calculated under the assumption of microturbulence. Obviously Fig. 1b
shows that for the line centre and the outer wings the deviations from
the microturbulent profile are considerably smaller than for the
transition region even for large 1. This is confirmed by the results
in Fig. 1c where for different values of 1 the normated deviations
from the microturbulent profile are plotted versus A. However, this
does not indicate that for large 1 these parts of the line do form
under microturbulent conditions, but only that for these parts of the
profile the microturbulent result is a reliable approximation for the

true profile.

In order to decide whether micro- or macroturbulent conditions pre-
vail we have plotted in Fig. 14 the guantity

dl,o = (r

mic,o l,0 mic,o _ _mac,¢
N N )/ (xy ryo ') (5)

A

for 0 = 2 km/s and several values of 1. Essentially two regions can be

distinguished:
1) o % di'g < %: Microturbulence governs the radiative transfer. For
1 = 100...500 km this case applies only to the line cores and the

outer wings. We infer that for smaller 1 the entire line is formed
under microturbulent conditions.

1 1,0
2) 5 < dk

effect is most pronounced at those parts of the profile where the

< 1: Macroturbulence governs the radiative transfer. This

curves of Fig. 1b have their maximum. For correlation lengths
1 > 1000 km the entire line is formed under macroturbulent condi-

tions.

Throughout this discussion the UOP has been adopted. Using the KAP
would yield gquantitatively very similar results. However, due to the
underlying cell structure of this model, KAP results always show a
higher degree of correlation than the corresponding UOP results ob-
tained for the same line with an identical correlation length and mean
square turbulent velocity, (Frisch (1975), Gail et al. (1976)).

3. Empirical Relations between Glmic"’mac) and (1,0)

In this section we want to present preliminary results obtained by a
cooperation with H. Holweger (Kiel).

There are essentially two reasons which provide the motivation for the
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study of the relations between the classical micro-macroturbulence
parameters (vmic' vmac) and the fundamental parameters of the mesotur-
bulence description (1,0).

1) In classical theory Viic and Viac have been introduced as free para-
meters to fit observed and calculated profiles and curves of growth. If
it is possible to relate these guantities in a simple way to 1 and ¢
the corresponding parameters of the turbulent velocity field, we

>
arrive at a physically more justified interpretation of Vaic and Vmac*

2) In the past analyses of stellar atmospheres on the basis of classi-
cal micro- macroturbulence theory have been performed providing em=-

pirical values for Viic and Viac® By means of relations between

ac
these guantities and 1 and ¢ one is in the position to determine the
mean turbulent velocity and the correlation length of the turbulence
field for such atmospheres without reanalizing them by means of the

more complex mesoturbulence formalism.

In order to find out the relations between these two sets of parameters
the following procedure has been used:

For a given model atmosphere and artificial data for FeI- and Fell-
lines curve of growth have been computed for a 1~ o~ grid. On the other
hand the conventional microturbulence approach has been used to cal-
culate an independent set of curvesof growth for the same transitions.
By varying the parameter Vi a0 optimum fit between these two sets of
data has been found using as criterion the minimum value of

s = 3 [0 w7 (6)
lines

Having thus determined a relation between Vinic and 1,0 we use
the calculated profiles rx;c,mac and riic to derive an optimum macro-

turbulent velocity Vnac by minimizing
- mic,mac_ _1,0,2
V= Hines Exj(rmj raxj} : N

In this way for each pair (1,0) a corresponding pair (vmi , Vmac) has

c
been determined empirically.

A typical result for the sun is shown in Fig. 3 where for three differ-
ent artificial iron lines the optimum values for Vic and Vmac 2Y€
plotted versus 1 for a given mean square turbulent velocity o. We see
the expected strong correlation between the "decrease" of microturbu-

lence and the corresponding "increase" of macroturbulence with growing
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correlation of the turbulence field.

T T

1.50‘ ! Q T
A=5000A Fel X| =48V —
Fel X{=1eV o
1.28F Fell X =3eV —-—

Vmac/V2 ¢

e |
1 10 100 1000 10000
correlation length | [km]

Fig. 3: Empirical dependence of the classical micro- and macroturbulent
velocity on the correlation length 1, derived on the basis of three
artificial iron lines with wavelength ) = 5000 A and an excitation
energy of the lower level x,. (A mean square turbulent velocity

V20 = 2.06 km/s has been cHosen, because this value - according to
relation (8) - corresponds exactly to the empirical values

= 1 km/s and v 1.8 km/s. (Empirical model photosphere

v =
mic,® mac,®

of Holweger (1967)).

The curves of Fig. 3 resemble to some extent the filter functions intro-
duced by de Jager (1972, 1979), de Jager and Vermue (1977) and Vermue
and de Jager (1979) in order to describe the fraction of energy con-
tained in the microturbulent and macroturbulent mode respectively.

However, there are significant conceptual differences:

(i} In the description of de Jager and Vermue the adopted definition
of microturbulence is based solely on the investigation of weak
lines, whereas in our approach the microturbulence velocity is
derived by a classical curve of growth analysis with no restric-

tion concerning the line strength.

(ii) The filter function method is based on the consideration of one
single mode u(k) of the Fourier spectrum of the turbulent field,
whereas our statistical approach by means of probability distri-
butions and correlation functions describes the mean values of the
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turbulent field to which all modes contribute.

The fact, that in the filter function presentation the transition
from the micro- to the macroturbulent regime is much steeper than
in our approach may be due to this difference.

In order to demonstrate the empirical relations between (vmic’ Vmac)

and (1,0) more clearly for an arbitrary line of the solar photosphere
. 2 2 /2 : . .

the guantity (vmic + vmac) is plotted in Fig. 4a versus 1 for a

given o. This plot provides strong evidence for a relation of the form

20 = vo, 4+ v (8)

which seems to hold with considerable accuracy at least within the
region of relevant 1 values.

This relation, which has been confirmed by computing a large number of
lines, also holds for different stellar atmospheres (AOV, K2III). In no
case deviations from the relation (8) of more than few percents have
been found.

[kmi/s]
2.2

172
)

23

2
(Vzmic*v mac

1000

fkm]
N,
'Eé T T T T T T T T T T T T T RT T Yoo
>z
B . . b
10 100 1000

correlation length t[km]

V_ .
Fig. 4: The quantities (Vriic + viac)”2 and 1(%33)2 versus A for the

same line as Fig. 3. H is the pressure scale height at the depth of
line formation,
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To relate the correlation length 1 to the velocity parameters an
additional typical scale length H characterizing the atmosphere has to
be introduced. This scale length turns out to be the pressure scale
height taken at an optical depth which corresponds gcvthe region of
line formation. From Fig. 4b, where the guantity l(;ﬁig)zis plotted
versus 1, we conclude that for 1 values which can pe"@8termined reliab-
ly a satisfactory fit is obtained by the relation

_ (mic2 g

v .
mac

[ o5

Relation (9), like (8), has been confirmed for the considered atmo-
spheres by calculating a large number of lines. In no case a deviation
of more than 1o percent has been found.

Such empirical relations should reflect similar relations connecting
the basic physics of these approaches. In order to give an at least
heuristic explanation for these basic relations we require that the
corresponding one-point and two-point velocity distribution functions
describing classical micro-macroturbulence and mesoturbulence respect-

ively are identical:

mic,mac 1,c
P1(v) = P1(V) (1o)
and
nmic,mac 1,0
?2(\71,\?2) :PZ(VT rvzyp) . (11
With
mic,mac 2 2 -1/2 v2
Biv = [Tnie * Viad] exp [ - ;z‘—:;?—] G2
mic mac
and
1,0 2
_ -1/2 v
P1(V) = [ﬂZU] exp [~ 527] {13)

one immediately obtains relation

(8) 20 = v, + v .



206

From
mic,mac
TI.2.2 2 2 -J-1/2
P2(V1’V2) _[" vmic(vmic + 2vmaci) . (14)
2 2 2 2 2
[ Viie ¥ Vpac) (V7 t VYY) - 2Vmacv1v2]
exp | -
2 w2+ 2vE )
mic' ‘mic mac
and 2 2
1,0 =1 v + v, = 20v.v (15)
Py lvyivyie) = [n202(1-0% /7] exp| - -1 —— 2]
20°(1~-p7)
with
o(s) = exp(- %) (16)

One sees that eq. (11) can hold only for one particular value of the
correlation function p(s).

Using eq. (8) one obtains for this particular value
2

v
_ mac (17)
ps) = ;5—-———7——
mic mac

which for s << 1 immediately vields the approximate relation

s . (Vm_.isﬁ . (18)
1 v

mac
So at least the analytical form of the empirical result (9) is recover-
ed, As s is a typical geometrical dimension of the line forming region,
it should be closely connected with the scale height H introduced in (9).

In order to justify the assumption s << 1 we plot in Fig. 3 two hori-

zontal lines indicating the empirically determined values for Viic.®
’

and vmac,@ respectively (Holweger (1967)). This plot is shown in Fig. 3a.
The abscissas of the intersection points of each line with the corres-
ponding Vinic™ OF Vpac~ curves determine the region of best fitting 1
values. We see that the optimum 1 values are confined to a rather

narrow interval of 530 km ¢ 1 € 640 km. These 1 values are considerably
larger than the scale height H shown in Fig. 4b, which justifies our

above assumption.
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Fig. 3a: See Fig. 3. The horizontal lines indicate the empirically
determined photospheric values for Vi and v ® {(Holweger {1967)).
The vertical lines determine the intB8:G4Y of be@%cfltting 1 values
{strongly crosshatched on the abcissa).

Our result for the optimum correlation of 1 = 600 km for the solar
photosphere is in close agreement with the average value %1 = 600 km
for the inverse wavenumber of the velocity spectrum derived by de Jager
and Vermue (1977) by means of the filter function method, The fact

that these very different methods yield approximately the same results
provides confidence for this value of the scale length.

Conclusion

Our analysis of the radiative transfer of selected lines in three
particular atmospheres (AQOV (Wega), G2V (Sun), K2III (Arcturus)) dJdemon-
strates that a finite correlation length of the turbulent velocity
field exerts a strong influence on the line formation. The general
dependence of this effect on the basic parameters (1,0) is similar in
all atmospheres and for all profiles considered.

A comparison between profiles and curves of growth computed by means

of the mesoturbulence formalism at one hand and by the classical micro-
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macroturbulence method at the other, provides strong evidence for very

se relations between (1,0 . . i
clo i a (1,0) and (lec'vmac) These relations

allow a reinterpretation of the classical micro-macroturbulence dicho-
tomy which is closer to physics.
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EFFECTS OF ACQUSTIC WAVES ON SPECTRAL LINE PROFILES

Lawrence E, Cram
Sacramento Peak Observatory™*
Sunspot, NM B8349, U.5.A.

Abstract

Almost all studies of spectral line formation in the presence of non-thermal ve-
locity fields have been made assuming that the only effect of the velocity field is
to produce a Doppler shift of the absorption and emission coefficients. However, a
non~thermal velocity field will entail velocity-correlated fluctuations in tempera-
ture, piessure, level populations, and other parameters of the line formation problem.
Using a time~dependent dynamical calculation describing the propagation of non-linear,
radiatively~damped short period (P = 30s) acoustic waves in the solar photosphere,
Cram, Keil and Ulmschneider {1980) have shown that velocity~correlated fluctuations in
State variables (particularly the temperature) may lead to important effects in line
broadening, line shifts and asymmetries, and in line-shift oscillations. Upwardly
Propagating waves generally produce significant redshifts in the cores of medium~
strong Fe I lines, and the increased ratio of observed line shift to wave velocity
amplitude would significantly modify the results of kinematic studies of high fre-
Quency line shifts such as those of Deubner (1976) and Keil (1980}.

Cram (1980) has further explored dynamical effects in the formation of Fe I and
Fe II lines by using the "microturbulence" limit, wherein an average is made over the
pPhase of the wave before the transfer equation is solved. Except for weak, high EP
Fe II lines, the predicted solar lines are redshifted and show a "red" asymmetry.
For a model of Arcturus the lines are often shifted to the blue, but it does not ap-
Pear that this model can account for the cbserved differences between sclar and Arc-
turan line asymmetries (Gray 1980).
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SOME EFFECTS OF STRONG ACOUSTIC WAVES ON STRONG SPECTRAL LINES

Pierre Gouttebroze
Laboratoire de Physique Stellaire et Planetaire
Verriéres-le~Buisson, France
John Leibacher
Lockheed Palo Alto Research Laboratory
Palo Alto, CA 94304, U.S.A.

Abstract

We have studied the formation of optically thick lines in time dependent, non-
linear hydrodynamic model of the solar chromosphere. Models of the 200 second, chromo-
spheric oscillation indicate that the emission peaks of self-reversed profiles such
as those of Mg II and Ca II are formed at very different depths depending on the phase
of the oscillation, while the central absorption feature is emitted at a very nearly
constant mass depth. The figure shows the Mg II k line emitted by the mean atmosphere,
including "microturbulence" (triangles) and the mean profile (squares). In addition
to the substantial intensity increase interior to the emission peaks, one should note
that the peaks are broadened only towards line center; i.e. the intensity fluctuations
are symmetric outside of the peaks and strengthen more than they weaken within the
peaks. A more detailed version has been submitted to the Astrophysical Journal.

J.L. wishes to acknowledge support by NASA contracts NASA~3053 and 5-23758.
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NUMERICAL SIMULATION OF GRANULAR CONVECTION:
EFFECTS ON PHOTOSPHERIC SPECTRAL LINE PROFILES

Ake Nordlund
Nordita, Blegdamsvej 17
Dk~2100, Kgbenhavn @, Denmark

ABSTRACT

The results of numerical simulations of the solar granulation are used

to investigate the effects on photospheric spectral lines of the corre-~
lated velocity and temperature fluctuations of the convective granular
motions. It is verified that the granular velocity fizld is the main
cause for the observed broadening and strengthening of photospheric spec-
tral lines relative to values expected from pure thermal and pressure
broadening. These effects are normally referred to as being due to "mac-
ro-turbulence" and "micro-turbulence", respectively. It is also shown
that the correlated temperature and velocity fluctuations produce a "con-
vective blue shift" in agreement with the observed blue shift of photo-
spheric spectral lines. Reasons are given for the characteristic shapes
of spectral line bisectors, and the dependence of these shapes on line
Strength, excitation potential, and center to limb distance are discussed.

1. INTRODUCTION

Stellar as well as solar spectral lines are observed to be broader than
expected from purely thermal and pressure broadening. A weak Fe line at

A = 500 nm, observed at solar center disc, has a full width at half maxi-
mum (fwhm) of = 7 pm or, expressed in velocity units cAX/X, = 4.2 kms"l,
whereas the value expected from pure thermal broadening is 2(1r12J%(2)‘:'I‘/m)!5

= 2.0 kms"l. Close to the limb, at an angular inclination cosine, p =

cos8 = 0.16, weak Fe lines have a width of = 6 kms-l. Classically, this
broadening is attributed to a "large-scale” velocity field, with assumed

Gaussian distribution, exp(-vzfvz }, of line of sight velocity. Typi-

macro

cal required values of the "macro-turbulence" parameter are: v =
5 % -1 -1 macro

(v /(41ln2)~2kT/m)* = 2,2 kms at 0 = 1, = 3.4 kms at u = 0.16.

fwhm
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It is also well known that spectral lines are stronger than expected from
purely thermal and pressure broadening of the line absorption profile.

The concept of "micro-turbulence" was introduced to enforce a fit to the
observed line strengths {Struve & Elvey 1934). Recently, accurate measure-
ments of Fel oscillator strengths (Blackwell et al, 1975, 1976a, 1979%a,
1979b) have made possible careful comparisons of observed and expected
line strengths for a number of solar Fel lines, at several values of u.

If interpreted in terms of a “micro—turbulence" parameter, typical values
required range from v . = 0.6 = 0.9 kms™ % at disc center, to 1.4 - 1.7
kms_l close to the limb (Blackwell et al, l97éb, 1979¢).

Taken together, the broadening and strengthening data show that the velo-
city field responsible for the broadening cannot be a small scale velocity
field; if so, it would give rise to more strengthening than is actually
observed. As discussed previously (Nordlund 1976b, 1978), the convective
granular velocity field is the likely candidate for this 2 & 3 kms_l vaelo—
city field, being on a bit toc small scale to be fully spatially resolved
observationally, yet on a large encugh scale to show up mainly as broade-
ning and only to a lesser extent as strengthening.

In a previous paper (Nordlund 1978) it was shown that the velocity field
obtained from the eguations of motion using an assumed, time-independent
driving force, could be made to match both the broadening and strengthe-
ning of photospheric spectral lines if an appropriate horizontal scale
and amplitude were chosen., The necessary size agrees well with typical
granular sizes, and the necessary amplitude of the driving force is con-
sistent with temperature fluctuations obtained in a simple, two-component
model of granular convection (Nordlund 1976a).

Recently (Nordlund 1979) it has been possible to numerically solve the
full set of hydrodynamical equations describing granular convection. In
this treatment, the driving force is determined consistently from the
energy equation, which governs the time-development of the temperature.
Motions are allowed on a range of scales. The result is a realistic simu-
lation of the granular convection. Results of these simulations are used
in this paper to verify that the granular convection is the main cause of
the broadening and strengthening of photospheric spectral lines (Section
3). The physical and numerical limitations of the simulations relevant to
the spectral line formation problem are discussed in Section 2. Spectral
line bisectors are discussed in Section 4 as a diagnostic tool to analyse
the finer details of the granular convection. Section 5 summarizes the
discussion.
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2, THE NUMERICAL SIMULATION OF THE GRANULAR CONVECTION

A description of the numerical simulations is given elsewhere (Nordlund
1979). However, some details relevant to the synthetic spectral line cal-
culations should be mentioned here:

The heavy computer storage and time requirements of three-dimensional
hydrodynamic calculations naturally enforce strong numerical restrictions
on the simulations. Allowing for 16x16 Fourier components in 16 layers,

a compromise has to be made between spatial extent and resolution in the
model. Tc cover the observed range of granular sizes (cf. Bray and Lough-
head 1967, Fig., 2.1), the horizontal period was chosen = 3600 km. A ver-
tical grid spacing of 100 km, with a vertical extent from z = 1100 km
(depth relative to optical depth unity at A = 500 nm) up to z = -400 km
is a compromise between the vertical resolution rquired by typical scale
heights = 150 km in the photosphere; a large enough depth for the strati-
fication to be almost adiabatic at the lower boundary, with small tempe-
rature fluctuations; and an upper boundary close to the top of the photo-
sphere. This compromise was aimed primarily at a simulation of continuum
brightness fluctuations for a computer movie. For the purpose of spectral
line calculations, the upper boundary should preferredly have been placed
at a somewhat higher level (z = -600 km) to avoid influences from the ne-

cessarily imperfect boundary conditions.

Another important limitation concerns the energy balance in the line for-
mation layers. The radiative part of the energy eguation is necessarily
handled with only a few wavelength points (typically three). However, the
radiative part of the energy balance in optically thin regions is domina-
ted by transfer in thousands of spectral lines. Energy is most efficiently
exchanged between the gas and the radiation field at wavelengths where the
optical depth is close to unity. This leads to a substantial cooling of
the upper photosphere, relative to radiative equilibrium without spectral
lines (spectral line "blanketing", cf., discussion in Gustafsson et al,
1975, Gustafsson 1979), Furthermore, radiative relaxation times in the
line formation layers are typically underestimated by a factor of 5 =~ 10

when radiative transfer in the continuum alone is treated.
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3. BROADENING AND STRENGTHENING OF PHOTOSPHERIC SPECTRAL LINES

For weak spectral lines, atoms see approximately the same radiation inten-
sity regardless of local fluid + thermal velocity along the line of sight.
Therefore, the strength of aweak spectral line averaged over horizontal
area (and/or time) does not depend on the scale of the velocity field.

The emergent average line profile simply reflects the distribution of line
of sight velocities, convolved with the thermal velocity distribution.
Thus, from the broadening data, one would estimate a ratio of horizontal
to vertical velocities of approximately 3.4/2.2 = 1l.6.

This velocity ratio is consistent with what would be expected of the velo—
city field of granules of typical dimensions, To see this, consider the
condition of continuity applied to a simplified, one term representation
of the granular velocity field,

pu, = a(z)cos (kx)cos(ky) . (1)

(In the numerical simulation a Fourier sum is used, but for the present
illustration this single term suffices). The "anelastic" approximation
to the continuity equation,

div(pu) = div{pu) + 3p/3t = 0 ’ (2)

plus x-y symmetry, requires

]

pu

% —a(z)/(2kHa)sin(kx)cos(ky) ’ (3)

i

pu

. —a{z}/(ZkHa}ccs{kx)sin(ky) y (4)

where H, is the scale height of the vertical mass flux amplitude a(z), and
2%ﬂ/k corresponds to the intergranular distance. Estimating Ha £ a den-

sity scale height = 140 km, and k = Z%v}lBOO km-l {cf. Bray & Loughhead

rms , rms
/

1967, Tab. 2.1}, one obtains uy Z 1.4, in good agreement with the

broadening of weak spectral lines.

The results of the numerical simulations of the solar granulations (Nord-
lund 1979} have been used to calculate synthetic spectral lines as avera-
ges over the simulation sequence {2 hours solar time) and area (3600x3600
= 5x5 arc sec). Local thermodynamic equilibrium (LTE) was assumed, and

pressure broadening was calculated according to Unsdld (1955) (with no



217

enhancement factor). The time averaging was performed as a sampling with
4 6 minute sampling interval. The horizontal averaging was performed using

bundles of 256 parallel rays, through all the grid points at z = 0,

An example of the granular velocity and temperature field is given in Fig.
1. In Fig, 2, observed full widths at half maxima of photospheric spectral
lines are compared with widths of synthetic spectral lines. The good agree-
ment in Fig. 2 shows that the granular velocity field (which is required

to transport the bulk of the solar energy output to the surface) does have
the average horizontal and vertical velocity amplitudes required to fit

the broadening data.Note, however, that the broadening at center disc is
slightly too small and that the broadening close to the limb is slightly
too large. These discrepancies are probably due to the neglect of the spec-
tral line blanketing in the numerical simulations. In the upper photo-
sphere, temperature fluctuations are induced by convective motions over-
shooting into a stable region. These temperature fluctuations tend to re-
tard the motion. If spectral line blanketing were correctly allowed for,
the temperature fluctuations would be reduced in magnitude (cf. the dis-
cussion in Section 2), and the retardation would decrease. Vertical velo-
cities would then decrease less rapidly with height, and the horizontal
velocities would be reduced, as required by the condition of continuity
(cf. discussion above, Egs (l) = (4)). Attempts are presently being made

to include spectral line blanketing in a schematic way with a very small

number of wavelength points.
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Fig. 1, The granular temperature field at z = 0 and the granular velocity
field in an yz-plane through the center of the center granule, at a time
when this granule has expanded to form an "exploding" granule. The tempe-
rature plot (left) is shaded above 6500 K, with the shading increasing in
steps of 1000 K., The velocity (right) is shown over the 3600x1500 km ver-
tical plane, with arrows showing the distance covered in 15 seconds. Tem=-
perature contours are labelled with the temperature in K.
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Fig. 2. Observed and calculated widths (fwhm) of solar FelI lines, as a
function of line center depth, at u =1 and p = 0,16. Observations are
from Evans et al, (1975), for u =1 (+) and for yu = 0,16 (x); and from
Stenflo & Lindegren (1977), for p = 1 (o). Synthetic spectral lines were
calculated using A = 500 nm and Yeyxc = 3 eV (which is typical for the
observed lines), Full drawn lines show the results obtained (at u = 1
and 0.16) from an average (see text) of a 2 solar hour simulation of the
solar granular convection. The dashed line shows widths expected at u =
1 (these are similar at p = 0.16 for small depths) with only thermal and
pressure broadening.
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Fig. 3. The strengthening of a saturated Fel line, with A = 500 nm, Yexc

= 1 eV, and equivalent width 5 pm, as a function of p., The full drawn line
shows the equivalent width increase of the spectral line in the simultated
granular velocity field, relative to equivalent width obtained with the
velocity set to zero. The sguares show the egquivalent width increases cor-
responding to the "micro~turbulence" parameter values derived by Blackwell
et al. (197%9¢) for similar lines.



218

In Pig. 3, the spectral line strengthening effects of the granular veloci-
ty field are illustrated. Traditionally, the observed and calculated egui-
valent widths of spectral lines are reconciled using a "micro-turbulence"

parameter. Thus, Blackwell et al, (1976b, 1979c¢c) interpret their accurate

data on line strengthening in terms of an angte-dependent "micro~turbu-

lence", v (u). In Fig. 3, the line strengthening due to the simulated

granular ?ggggity field is compared with that of the "micro-turbulence”
derived by Blackwell et al. It is obvious that the simulated granular ve-
locity field has a line strengthening effect similar to the one required
by the observations. The effects of the simulated granular velocity field
are too large towards the limb, just as was the case for the breoadening

data.

The line strengthening effect of the granular velocity field is due to
gradients of the velocity along the line of sight, In the approximately
exponential photosphere, the optical length scale

¢ = ds/dlnt = (dz/dlnT)/u = H_/u (5)
is approximately inversely proportional to u. Thus, in terms of optical
depth along the line of sight, velocity fluctuations appear to occur on

a smaller scale for inclined lines of sight. In itself, the granular velo-
city field is not isotropic; as discussed above, the horizontal velocities
are generally larger than the vertical ones (cf, also Fig. 1). Together,
these circumstances contribute to the the increased line strengthening
{"micro-turbulence”) towards the limb, In fact, as with the line broade-
ning, the line strengthening at small y may be reproduced by a simple,
stationary, one-mode model of the granular velocity field (Nordlund 1976b,
1978) ., However, at disc center, line strengthening occurs mainly as a re-
sult of the velocity gradients associated with the time dependence of the

granular motions.

4, CONVECTIVE BLUE SHIFTS AND SPECTRAL LINE BISECTORS

Photospheric spectral line profiles show a net blue-shift because of the

larger contributions to the emergent intensity of the bright granules, with
their locally blue shifted spectral lines. Observationally, this blue shift
is known to be of the order 300 - 400 ms *
with increasing line strength, and with a weak dependence on excitation

for weak FeI lines, decreasing

potential (e.g. Beckers & de Vegvar, 1978). Moreover, the blue-shifted
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spectral line profiles are asymmetric (Adam et al,, 1976). A concise and
powerful way to present the blue-shift and asymmetry of spectral lines is
to use the spectral line bisectors; i,e., the loci of points midway be-
tween equal intensity points on either side of the line profile (Adam et
al, 1976, Dravins 1979, Dravins et al., 1979). The shape of the spectral
line bisector reflects, in a complicated way, an average of the thermal
and velocity fluctuations of the photosphere, With the wealth of spectral
lines available, spanning a range of different elements, strength, exci-
tation potential and wavelength, the ensemble of spectral line bisectors
form - in a way ~ a "fingerprint" of the temperature and velocity fluctu-
ations of the photosphere,

Fig. 4 shows bisectors of weak Fel lines, 108 i ' 44;- ’
synthesized as above, using the results 82 E
of the numerical simulations of the sclar .. g

granulation. The order of magnitude of 2 éar K 1
the shifts, the shapes of the bisectors, g ag A
and the weak dependence on excitation 5

potential are all consistent with the ZGL ::i é 2¥ r
properties of observed photospheric 3 8,2 eV

: : ﬁ i — i i
spectral lines (Dravins 1979, Dravins et 2800 600 400 -200 © 200

. . 11

al., 1979). For stronger spectral lines, SHIFT (m/s)
the agreement is less satisfactory. i
Fig. 4. Spectral line profile

Again, this is propably a consequence of pisectors, for spectral lines

. . : _ with A = 500 nm, line center
the numerical inadequacies of the upper depths = 40 %, Xexc = 1 eV

photospheric region of the simulation (full drawn), 3 eV (dashed},
model (c#: section 2). and 4.2 eV (dotted). Synthe-

sized line profiles as in
Figs 2 and 3.

To investigate some of the mechanisms influencing the shape of the bisec-
tors, some calculations were performed with simpler velocity and tempera-
ture models. One of the important qualitative properties of the granular
velocity field is its distinct asymmetry with respect to up and down: Gra-
nules with upward velocities are separated by narrow intergranular lanes
with relatively larger downward velocities, This influences the shape of
the bisectors in a characteristic way which 1s illustrated in Fig. 5. Due
to the large red~shifts in the intergranular lanes, as compared to rela-
tively smaller blue-shifts in the granules, the red wing of the average
line profile ig strengthened relative to the blue wing, An alternative
way to see this is to consider the idealised case of a very narrow (&-
function) local line profile, The average spectral line profile then has
the shape of the distribution function for the vertical wvelocities. The
granular/intergranular asymmetry mentioned above corresponds to a distri-~
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bution function with an extended "red" 190 - . . ;
tail., This is the major cause of the |  C#7
Upper redward bend of the spectral line 88% 1
bisectors. Fig. 5 illustrates how the EE el |
characteristic C-shape of the bisector ¥

vanishes when the granular velocity field E ap J
is replaced by a velocity field of simi- 4

lar v ez}, but with a purely sinusoidal 20+ .
horizontal variation (and thus symmetri-

Z i e 1 )
cal with respect to up and down). A depth- -800 -4600 -400 -208 @ 208

~independent velocity amplitude, chosen
consistent with the line broadening data
results in approximately the same shift
as with the depth-dependent velocity amp-
litude, but with a different slope of the
bisector. A stronger penetration of the
temperature fluctuations up into the pho-

SHIFT (m/s)

Fig. 5. Bisectors of spebtral
lines with X = 500 nm, line
depths = 40 %, and Xexc = 3
eV. The dashed line shows the
bisector obtained using a
gquasi-stationary granular velo-
city field (cf, Nordlund 1978,

Fig. 6), and a parameterised
temperature fluctuation, AT =
AT (z~25) 2/28cos (kx)cos (ky) for
z > 2o, AT = 0 for z < zg, ATq
= 1100 K, zp = -100 km. The
dashed-dotted line shows the
bisector obtained with a velo~
city field with similar vymg(z),
but with a purely sinusoidal
horizontal variation, v =
-2vyns (z)cos (kx)cos(ky) . The
full drawn line shows the bi-
sector obtained with a depth-
-independent velocity amplitude
= 2.5 kms~1 (vepg = 1.25 kms~1
these bisectors show a reversed excita- ). The dotted line shows the
bisector obtained with the gra-
nular velocity field, but with
ATo = 1500 K, 2o = =300 km.

tosphere results in a smaller shift of
weak FeI lines, This is due to the strong
decrease in the number of Fel atoms with
increasing temperature, which results in
a weaker (in terms of equivalent width)

blue-shifted contribution.

Fig.
tial dependence of bisectors of strong

6 illustrates the excitation poten-

spectral lines. The lower portions of
tion potential dependence; with higher
excitation potential resulting in a
smaller blue shift (in agreement with
the lower portions of observed bisectors of strong lines). These parts of
the bisectors are most influenced by the red flanks of the most blue-shif-
ted (granular) contributions to the average line profile. The radiation
intensities in these red flanks decrease strongly with excitation poten-
tial, both because of the Boltzman factor and because of the increased

pressure broadening.

Fig.
line selected to be similar to one of the three lines observed by Adam
et al.

appears as one approaches the solar limb. As discussed in connection with

7 shows the center to limb behaviour of the bisector of a spectral

(cf. their Fig. 8). The C-shape of the bisector at center disc dis-
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Fig. S,
by the up/down asymmetry of the line of
sight velocity. For small p, the line
of sight is almost horizontal,

the C-shape at u = 1 is caused

and there-
fore the line of sight velocities are
nearly symmetrical with respect to blue-
and red-shift,

CONCLUSIONS

Numerical simulations of the solar granu-
lar convection show that the convective
velocities in the solar photosphere are
on the order of 1.5 kms ' (typical rms
velocity) to 2.5 kms_l (typi-
The broade-

ning caused by this velocity field is

vertical
cal rms horizontal velocity).

consistent with the broadening of weak
photospheric spectral lines, The veloci-
ties are also consilstent with cobserved
granular velocities corrected for limi-
ted spatial resolution (cf. the review
by Wittman, 1979). Gradients of the gra-
nular velocity field are sufficient to
explain the strengthening of photospheric
spectral lines classically attributed to
"micro=~turbulence", The correlation of
temperature and velocity in the granular
convection causes a "convective blue-
-shift" and asymmetry of photospheric
spectral lines, This is potentially,
with sufficient accurate observations

of stellar spectra, a powerful tool to
investigate granular convection in stars
further discus-

1979).

other than the sun (cf.

sion in Dravins et al,,

LEVEL (%)

LEVEL (%)

108 : 1 : .
8a > 1
e
ot
6@ + 5 1
42 v b
_: 1 eV g
20t __.; 2.5 eV .
: 4,2 eV
g 1 1 1 A
—80p-4600 -488-208 @ 202
SHIFT({m/s)
¥Fig., 6. Bisectors of strong

spectral lines with A = 500
nm and line center depths =
80 8, for xexe = 1 eV (full
drawn), 2.5 eV (dashed), and
4,2 eV (dotted), Synthesized
with a granular velocity
field and a parameterized
temperature fluctuation, as

in Fig. 5. ATy = 1100 K, zg
= =100 km.
108 T T T T
80 8
60+ 4
ap | ;
: MU=z1
-1 MU=.5
20+ __s MU=,3 b
—1 MUz, 16
g i i i i
-800 -600-408-280 @ 208
SHIFT (m/s)
FPig. 7. Center to limb beha-

viour of the bisector of a
spectral line with ) = 630
nm, line center depth = 60
%, and Xexe = 3.6 eV. Syn-
thesized as in Figs 5 and 6,
Compare Fig, 8 of Adam et
al, (1976).



223

ACKNOWLEDGEMENTS

Support by the Danish Natural Science Research Council, the Danish Space
Research Committee, and the Swedish Natural Science Research Council is

gratefully acknowledged.

REFERENCES

Adam, M.G., Ibbetson, P.A,, Petford, A,D.,1976, Monthly Notices Roy. Ast,
Soc. 177, 687

Beckers, J.M., de Vegvar, P. 1978, Solar Phys. 58, 7.

Blackwell, D.E., Ibbetson, P.A., Petford, A.D., 1975, Monthly Notices Roy.
Ast. Soc, 171, 195

Blackwell, D.E., Ibbetson, P.A., Petford, A.D., Willls, R,B., 1976a,
Monthly Notices Roy., Ast. Soc. 177, 219

Blackwell, D.E., Ibbetson, P.A., Petford, A.D., Willis, R.B,, 1976b,
Monthly Notices Roy. Ast. Soc. 177, 227

Blackwell, D.E., Ibbetson, P.A., Petford, A.D., Shallis, M.J., 1979%a,
Monthly Notices Roy. Ast. Soc. 186, 633

Blackwell, D.E., Petford, A.D., Shallis, M.J., 1979b, Monthly Notices
Roy. Ast. Soc. 186, 657

Blackwell, D,E., Shallis, M.J., 1979c, Monthly Notices Roy. Ast. Soc.
186, 673

Bray, R.J., Loughhead, R.E., 1967, The Solar Granulation, Chapman & Hall
Ltd., London

Dravins, D., 1979, this colloguium

Dravins, D., Lindegren, L., Nordlund, A., 1979, in preparation

Evans, J.C., Ramsey, L.W., Testerman, L., 1973, Astron. Astrophys. 42, 237

Gustafsson, B., ©Olander, N., 1979, Physica Scripta, in press

Gustafsson, B., Bell., R.A., Eriksson, K., Nordlund, A., 1975, Astron.
Astrophys. 42, 407

Nordlund, A., 1976a, Astron. Astrophys. 50, 23

Nordlund, A., 1976b, in 'Problems of Stellar Convection", Lecture Notes in
Physics no. 71, ed. Spiegel, E.A,, Zahn, J.P.

Nordlund, A., 1978, in "Astronomical Papers dedicated to Bengt Strémgren",
ed, A. Reiz, T, Andersen; Cop. Univ., Obs.

Nordlund, A., 1979, this colloguium



224

Stenflo, J.0., Lindegren, L., 1977, Astron. Astrophys. 59, 367

Struve, 0., Elvey, C.T., 1934, Astrophys. J. 79, 409

Uns6ld, A,, 1955, Physik der Sterneatmosphiren, Berlin, Springer
Wittman, A., 1979, in "Small Scale Motions on the Sun"”, Mitteilungen aus

dem Kiepenheuer~-Institut 179



MECHANICAL ENERGY TRANSPORT

Robert F, Stein
Department of Astronomy and Astrophysics
Michigan State University
East Lansing, MI  U.S.A.

and

John W. Leilbacher
Space Astronomy Group

Lockheed Palo Alto Research Laboratory
Palo Alto, CA, U.S.A.

I. INTRODUCTION

Ladies and Gentlemen, we now reveal to you the secrets of how to create chaos
out of order. The existence of a chromosphere or corona requires the existence of
motions. & chromosphere or corona requires some non-radiative heat input. There
has to be some kind of motion, either oseillatory or quasi-static, to transport the
energy up to the chromosphere or corona. This ordered motion may be observed as
chaos: microturbulence, macroturbulence, line asymmetries or shifts. Of course, it
is necessary to actually compute the effects of motions on line profiles in order to
see what will really happen.

We review the properties, generation and dissipation mechanisms of three kinds
of waves: acoustic, gravity and Alfven waves. These are not the only kinds that can
exist, but they will give you some idea of most of the range of wave properties, at
least for the low frequency waves for which plasma effects are unimportant. They
are pure cases. These different wave modes are distinguished by their different
restoring forcé-—pressure for acoustic waves, buoyancy for gravity waves, and magnetic
tension for the Alfven waves, Thelr properties are summarized in Table I. From an
observational viewpoint, the most important properties are the relation between tem—
perature and density variationms (which change the intensity) and fluid velocity (which
shifts the line). Acoustic waves are compressive: In propagating waves the temper-—
ature and density vary in phase with the velocity, which is parallel to the energy
filux. However, for standing or evanescent waves the temperature and density are 90°
out of phase with the velecity. Gravity waves are slightly compressive: The temper—
ature and density vary oppositely to each other and 90° out of phase with the velocity,
which is parallel to the energy flux. Alfven waves are not compressive: The temper—
ature, density, pressure and the total magnetic field strength remain constant and
the motion is transverse to the energy flux. We will come back to these properties

in more detail later.
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There are basically two kinds of generation mechanisms: One is direct coupling
from the convective motions to the wave motions, either inside the convection zone or
penetrating into the photosphere; and the other is thermal overstability. There are
only a few basic dissipatiom mechanisms also: Radiation can destroy the restoring
force and damp a wave. The other major dissipation processes occur by collisions
which diffuse momentum and energy, and produce viscosity, thermal conductivity, and
resistivity., Sometimes, instabilities can clump the particles sc that collisions
occur with a large collective "particle" rather than an individual one. This in-
creases the effective collision rate and enhances the diffusion of momentum and
energy. These diffusive transport processes dissipate acoustic waves in shocks,

gravity waves in shear layers, and Alfven waves by viscous or Joule heating.

II. ACOUSTIC WAVES
A. PROPERTIES

This material is well-known, so let us quickly run through the basics. As we

said, the restoring force for acoustic waves is the pressure, The energy flux is
2
F=pu=puV
pu g’

and the group velocity is

vV = s(l—N2 /wz)%

g ac ’

where s is the sound speed. The acoustic cutoff frequency is

N = s/2d = yg/2s.

Acoustic energy propagation can occur only for w > Nac (27/200s for the sun). In
the absence of dissipation or refraction the flux must be constant, and the sound
speed is roughly constant throughout the photosphere and chromosphere and increases
by a factor of 10 going up to the corona, hence the velocity amplitude will scale

roughly as _1
u«p 2,

Acoustic waves can propagate or be evanescent or standing. The essential difference
is that propagating waves transport energy, but evanescent or standing waves don't.
In propagating waves with vertical wavelength small compared to the scale height,
the pressure, temperature and density vary in phase with the velocity:

EEE-SLTE S Bt
In standing or evanescent waves although the pressure, temperature and density fluc-—
tuations are of the same order as in propagating waves, they vary 90 degrees out of
phase with the velocity

Sp . _ 4y m 8T 4 e 8
o = 1 s T i (y-1) a? P i (2-v) s "
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Since the energy flux is the average over a period of the pressure times the veloe-
ity, the average flux will be zero. Also the vertical phase velocity of evanes~-
cent waves will be infinite, so that the motions will be in phase all the way up and
down through the atmosphere. Figure 1 shows a portion of the diagnostic diagram
that Jacques Beckers showed yesterday, to remind you that the acoustic waves occur
in the high frequency region. Later we will come to gravity waves, which occur in

the low frequency regilon. (For more details, see Lighthill, 1978.)
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Fig. 1. The k-w diagnostic diagram.

B. GENERATION

1. Direct Generation by Turbulent Motions

Acoustic waves may be generated directly by the turbulent convective motions.
This is what is usually called the Lighthill mechanism. The radiated power is roughly
the energy density in the turbulent motions divided by the time scale for the turbu-
lent motions, times some efficiency factor. The turbulent energy denmsity is puz,
the time scale is the eddy to turn over time, which is the length scale of the eddies
divided by their velocity, T = 2/u, and the efficiency factor is the wave number of
the wave times the size of the eddy to some power, (k2)2n+1.
Thus, the radiated power is

3
P = 2 eey?FL
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The exponent n depends on the kind of emmission: If there is monopole emmission,
which corresponds to a mass source, then n = 0; there is no mass source in the con-~
vection zone. If there is dipole emission, which corresponds to a momentum source,
which corresponds to an external force, then n = 1; in a uniform medium there would
be no external force and no dipole emission, but in stars there is an external gravi-
tational field so there is some dipole emission. Finally, for quadruple emission,
which corresponds to the action of the Reynolds stresses, n = 2, and that is the dom-
inant process (Stein, 1967). For acoustic waves:

k = /s and w = T_l = ufL,

80

ke = u/s = M,

the Mach number of the turbulent motions. What you get is the familiar result that

the radiated power is proportional to the eighth power of the turbulent velocity:

3 5 8
p=pu (uy =u.
-(2)

The turbulent velocity that one chooses is very semsitive to the model that one takes
for the turbulence, and therefore the emission is very uncertain. But if one makes
some crude estimates for the sun,

6

p~ 107, s ~ 106, uls ~ 1/4,

then 2 2
F~ PL ~10° ergs/cm's.

One can also use mixing length theory to see how the flux will depend on stellar

properties. From mixing length theory
@

AT~ BL,

and

where
g = - [Fr/dz - (dT/dz)A;]

is the superadiabatic temperature gradient. Hence

1
F o~ pc, ATy = pey (g/T)* 63/2 22,

1/3
. (_gz.&) ,
pcpT

~ B
T

850

From hydrostatic equilibrium

©
R
=3[
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- P0.7 TlO - g0.41 T5.88

Assume P

then F o~ =

This means that the flux decreases very rapidly as you come down the main sequence,
and increases rapidly as you go up to the giants and the supergiants. There are some
problems with this. Linsky and co-workers find that the MgII flux is a good measure
of the chromospheric emission and they claim that the ratie of the MgII flux to the
total flux of the star is independent of g, which is contrary to what the Lighthill
mechanism predicts (Basri and Linsky, 1979). Also if you look at the cool main
sequence stars you find that the predicted flux is much less than the scaled chromo-
spheric losses. The predicted wave flux may be increased by including effects of
molecular hydrogen on the specific heats and the adiabatic gradient. Just how much
is not known. Ulmschneider and Bohn are working on that now. But as of the moment
there is still over an order of magnitude discrepancy in those results (Schmitz and
Ulmschneidexr, 1979).

The turbulent motions may also directly excite the "five-minute" oscillation.
In a steady state the amplitude of a given mode will be determined by the balance
between turbulent generation by the Lighthill mechanism and dissipation by turbulent

viscosity (Goldreich and Keeley, 1977):

3
puy

A

(k?\)5 = vkz €

K

where

Vo= uAA.

Hence, the energy density of an oscillation mode k will be

£ pAB u)\2 k3,

where A is the size of the eddy whose turnover time equals the oscillation period,

For a Kolmogorov turbulence spectrum, where

u, =y ANL/3
A H\ H '

and H is the scale height, which is assumed to be the size of the largest turbulent

uklk = -

eddies which contain most of the turbulent energy, the oscillation mode energy density

is p [ e\ 1172, | \-5/2
5 =Py (s_ (r} :
ac

Overstability is an oscillating, thermal instability. There are several kinds

2. Thermal Overstability

of thermal instabilities. The one that works for acoustic waves is the k- mechanism

or the Eddington Valve., If you have an opacity which increases with temperature, then
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when the gas is compressed, it gets hotter, the opacity goes up, it blocks the flow
of radiation, sc heat accumulates which raises the gas pressure, which means there is
more pressure expanding the gas than would be obtained from just compressing the gas,
and so it will have a stronger expansion than its compression and the amplitude

will increase. When you actually calculate the growth rates as Ando and Osaki (1975)
did, you find that they are very slow. The time scale for a mode to grow is about a
thousand periocds, and that is so long that the turbulent viscosity has a chance to
destroy the overstability. On the other hand, as we have seen, the turbulent motion
may also directly excite thelmodes. And since we certaimly see them in the sun, we
know something is exciting them. It ought to be pointed out that the calculations
show that the fundamental mode is stable. 1t is, however, seen on the sun, although
at a somewhat smaller amplitude than the higher modes. If the caleculations are right,
at least the fundamental mode must be excited by some other mechanism besides thermal
overstability. So thermal overstability may or may not work for the five minute oscil-
lation. Some people have proposed a mechanism of Doppler shifted line opacities as

a generation mechanism for sound waves in stellar winds.
C. DISSIPATION
What about the dissipation of acoustic waves?

1. Radiation

In the first place photons can transfer energy from the hotter to the cooler
regions of a wave which will reduce the restoring force and damp the wave. Calcula-
tions show that about 90% of the wave energy of the acoustic waves is removed in the
photosphere. Radiative damping also alters the phase of the temperature and density

relative to the velocity (Noyes and Leighton, 1963).

2. Shocks

The other damping mechanism, of course, is shocks. As the wave propagates its
front steepens, and when the thickness of the wave front becomes comparable to the
mean free path of the particles, one gets a shock. It should be remarked that a shock
has to do with the steepness of the gradient, not with the size of the velocity. You
can have a shock where the velocity amplitude is small compared to the sound speed.
The distance a wave must travel for a crest to overtake a trough and a shock develop
1s

Mz = 20 1n (1 + 5 2 %;5).

Short period acoustic waves will dissipate near the temperature minimum, but longer
period waves with periods around the acoustic cutoff period (200 sec) will dissipate

higher up. And the five minute oscillation which is evanescent doesn' steepen at

all until it gets high enough to become nonlinear. The dissipation length is

L = {A/(M—l) weak shocks

A strong shocks,
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and the strength of weak shocks varies as

~-1/4

M= /s «p

vshock

(Stein and Schwartz, 1972).

III. GRAVITY WAVES

A.  PROPERTIES
In gravity waves the restoring force is buoyancy, which is similar to convection.

The different thing about gravity waves is that, while for accustic waves there is a
natural speed, the sound speed, for gravity waves there is a natural frequency, the

bucyancy or Brunt-Vaisala fregquency at which a blob will oscillate if displaced:

1

3
={- &
o (-5,

where B is the superadiabatic temperature gradient. TIn an isothermal atmosphere
4
N> (y - 1)%/s.

Gravity waves only propagate at frequencies less than this natural buoyancy frequency,
and the buoyancy frequency 1s only real and nonzero in convectively stable regions.
You cannot have gravity waves propagating in a convectively unstable region. They
cannot propagate or be generated imside the convection zone, only by motions in the
Stable photosphere. Gravity waves propagate energy in a particular direction, which

depends on frequency. The cosine of the angle between the flux and the vertical is
cos O = w/N.

" For the sun, for values that are appropriate for the granulation,
Tgranulation = 10-20 min and NTmin =0.03= 27n/3min,

the direction of gravity wave energy propagation is

cosd = 1/5, 8= 757,

Figure 2 shows what you would see if you looked at a schlieran photograph of gravity
waves produced by an oscillating source. The solid lines are the wave crests and the
dashed lines are the wave troughs. The lines intersect at the source. Energy

is propagating radially outward at the angle theta and the velocity of the fluid is
also radial, parallel to the energy flux, but the phase propagates perpendicular to

the energy,

u// F 1L k.

You see different waves moving across the fan, while the fan extends out further and
further with time as the energy gets out further and further. The group velocity of

gravity waves is
Vg = sin 6.

==
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Figure 2: Gravity Wave Crests (——) and troughs (——-).
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Figure 3: Group Velocity for gravity and acoustic waves.
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For solar granulation N/k - 1 km/s. Figure 3 shows the group velocity for gravity
(and acoustic) waves as a function of frequency and direction. WNotice that one would
observe low frequency, long wavelength waves first. The phase relations between tem—
perature, density, pressure and velocity for low frequency gravity waves are similar
to evanescent acoustic waves:

Sp ;8 ST _ Mo ®ou U

8’ T s’ p skH 5 s’
Pressure fluctuations are in phase with velocity but very small, while temperature and
density are 90° out of phase with velocity (Pittway and Hines, 1965; Lighthill, 1978,
Chapter 4).

B. GENERATION

Gravity waves are ubiquitous in the atmosphere of the earth; they are produced

by any slow motion. Therefore, they should also be present in the Sun. There are

two common generation mechanisms.

1. Penetrative Convective Motions

One of the main ways gravity waves will likely be produced is by the penetrative
convective motions. One can think of the pemetrative convection as blobs pushing
on the boundary of the stably stratified layer. The amplitude of the wave produced

will be comparable to the amplitude of the penetrative motion,

113wave ‘ = \Epenetration"
This has been verified in laboratory experiments (Townsend, 1966). However, since
only frequencies that are less than the buoyancy (Brunt-Vaisala) frequency can propa-
gate, only that part of the pemetrative convective power that satisfies w = k. V< N
will comtribute to the production of gravity waves. This mechanism is similar to the
Lighthill mechanism, but with an efficiency near one.
If you make a rough estimate for the solar granulation, taking a velocity of

1 km/sec and the appropriate length scales, then

F o~ puzvgz - 310”7 x 1000 -%—105 . 108 erg/cmzs.

This flux will, however, be greatly reduced by the strong radiative dissipation of

gravity waves, which we discuss below.

2. Shear
Gravity waves can also be produced by the shear that will arise from the super-

granule motions. Supergranule flows have a cellular structure. Conservation of mass
requires that a gradient of the vertical momentum flux produces a horizontal momentum
flux. Braking is large in the photosphere and produces a large horizontal flow there.
Even though the horizontal momentum flux is small in the chromosphere, the chromo-

spheric horizontal velocity is large, because of the small density, The horizontal
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supergranule flow is observed to decrease from ~ 0.8 km/s in the low photosphere to
~ 0.4 km/s in the low chromosphere and then increase to ~ 3 km/s in the mid-chromo-
sphere (November, et al. 1979). Where the size of shear becomes comparable to the

buoyancy frequency,

d u_ (z)
H 2
iz > min{ N, N Tcool ]

{where T 00l is the radiative cooling time) the shear layer becomes unstable and

radiates gravity waves. Most of the energy is radiated mear
N/J 2 Ups

-1
10 dUH/ dz

k

n

and the growth times are of order

14

¥

(Lindzen, 1974). This mechanism will operate in the low photosphere where the cooling

time is short and in the high chromosphere where the shear is large.

C. DISSIPATION

How do gravity waves dissipate?

1. Wave Breaking

Gravity waves steepen, but instead of forming a shock front they form a thin
shear layer, where the fluid velocity changes direction over a very short distance.
When that shear becomes comparable to the buoyancy frequency, dU/dz =~ N, turbulence
will develop along that wave front. Small scale motions are produced which dissipate
the wave motion and damp the wave. To find the condition on the wave amplitude for
breaking to occur, we need to calculate du/dz. Let u = (u, 0, w) where u is the hori-
zontal and w the vertical component of the velocity. For gravity waves the Boussinesq

approximation holds, so

which implies that
dw

B—Z-=—‘ikHu.

The wave equation for gravity waves is

2 2
dw N 2
2 + - - 1 kﬂ w = 0,
dz w
80
a o w2 Ve
dz kH d22 u)2 H

Hence, the condition for gravity wave breaking is

2 k.w
-1 du _{N H
NTOE '(2 I)N > 1
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or L. EE. ., -1
kH wZ

2. Radiative Damping
As we mentioned, there is very severe radiative damping of the gravity waves.
Radiation tends to make a wave isothermal, which destroys the buoyancy restoring

force. The radiative cooling rate is

_ -1 _ }échB 1 -8 otk
TR T TR pcv k k

oK . .
1- 7T X optically thin

1

Ky
3 (;} optically thick.

where x is the inverse of the photon mean free path (Spiegel, 1957). The optically

thin damping time pc/16K0T3, increases rapidly with height and exceeds 10 min above

| Y T T T T T T T T T T Y T

RADIATIVE DAMPING

Figure 4. The fraction of

flux remaining as a function
of height.
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700 km above Ts000 = i. Damping is severe when the radiative cooling time is shorter
than the wave period. The long period, short wavelength waves are the most highly
damped., Figure 4, from Barbara Mihalas' thesis (1979), shows the fraction of flux
remaining at each height for several wavelengths and periods. In order of magnitude,
the flux decreases by 103 between the bottom of the photosphere and the mid~-chromo-—
sphere, for parameters appropriate to granule produced gravity waves. On the other
hand, gravity waves generated by penetrative motions a few hundred kilometers above
the bottom of the photosphere suffer reduced radiative dissipation and can transmit
2% of their flux to the chromosphere. Since the radiatfon which produces the damping
of gravity waves also allows for easier penetration of the convection, the wave flux
reaching the chromosphere from penetrative convective motions high up in the photo-
sphere is only slightly less than that from the bottom of the photosphere with its

severe radiative damping.

3. Critical Layers

Gravity waves have one other property which is very different from sound waves:
they can interact very strongly with the mean horizontal fluid flow. Im particular,
they can give the filuid a horizontal acceleration. A layer where the horizontal
fluid flow velocity is equal to the horizontal phase speed of the wave, is a "critical

layer."

Here in the fluid frame, the doppler shifted frequency goes to zero,
w-k.u »~ 0, so the waves propagate along the critical layer, cos® = (w-k.u)/N + 0,
and their energy is absorbed. Such a critical layer can arise from the horizontal
supergranulation flow or may be produced by absorption of horizontal gravity wave
momentum. For the sun, the horizontal gravity wave phase speed is about 1.5 km/s,
which will match the horizontal supergranulation flow somewhere in the mid-chromo-

sphere. The transmission through a critical layer is

¥ e
T=-—‘-:-¥-@—[l-s—'=exp{~21r(Ri—% ,

inc.
where the Richardson number,

Ri = N°/(du/dz)® ,

is the order of 50, Hence, the absorption at critical layers is very large (Booker
and Bretherton, 1967; Acheson, 1976). Such critical layers will occur in the chromo-
sphere and will produce localized dissipation of gravity waves there.

The important thing to emphasize about gravity waves is that because they pro-
pagate energy mostly horizontally and because of radiative damping, one does not
expect too much heating from them. But they are a source of chacs and may contribute
substantially to any microturbulence, because they are certain to be there. Their
horizontal wavelengths are comparable to granules, < 1Mm, and their vertical wave-

lengths are only 1/4 as large, which is comparable to the scale height or smaller.
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IV. ALFVEN WAVES

A.  PROPERTIES

Moving on apace, we now come to Alfven waves. Here the restoring force is

magnetic tension. The group velocity is the Alfven velocity,

v = a= BN 4mp.
g

Unlike the sound speed, the Alfven speed increases substantially between the photo-

3 .
Sphere and the corona, by a factor of 107, The flux is

and is parallel to the magnetic field. In the absence of dissipation or refraction,

the flux remains constant, so the velocity amplitude scales as

a

p—l/4 B—l/Z.

The velocity is perpendicular to the magnetic field, i.e. transverse to the direction
of energy propagation. Hence Alfven waves act like a vibrating string. There is no

compression,
§T = &p = 8p =0,

so there are no opacity changes. Only Doppler shifts affect the line profiles.

The total magnetic field strength, |§O + GBI, is constant, so the wave {s polar-
ized in part of the arc of a circle, along which the magnetic vector swings back and
forth (see e.g., Bazer and Fleischman, 1959; Barnes and Hollweg, 1974).

Most people up until recently have considered uniform magnetic fields. But we
know that in the coroma the magnetic field is very inhomogeneous. Luckily it turns
out that waves in inhomogeneous fields are rather similar to the intermal waves in a
uniform field. If you consider a thin flux tube surrounded by plasma in a weaker
field, several different modes occur (Roberts and Webb, 1978; Wilsom, 1979; Wentzel,
1979a). First, there is an axisymmetic mode which is just the torsional Alfven wave,
pPropagating along the flux tube at the Alfvea speed inside the tube, ¢ = a,. Second,
there is another axisymmetic mode which is like the slow mode, a sound wave propagat-—
ing along the flux tube with

2 2
¢” = a, s,
i Ui

2/(ai2 + siz).

It has a short wavelength and its amplitude is concentrated at the surface of the tube.
For these waves to excite waves outside the tube, the phase velocity inside the tube
would have to be greater than the sound or the Alfven speed outside. 1In general that
is only possible for these modes when the inside density is less than the outside
density. Third, there are other modes which are not axisymmetric, and act like vi-

brating string modes. Their phase velocities are essentially an average of the Alfven

speed inside and outside the tuhe,
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2 2 2
e = (B, + B )/ 47 (o, +p ).

These modes can have a resonance where the phase velocity of the tube mode equals

the local Alfven speed. At that resonant point the amplitude of the perpendicular
(to the magnetic field) velocity and electric field becomes large. Other perturbed
quantities are unaffected by the resonance. Thus, even in an inhomogeneocus corona
the waves are similar, although not identical, to those in a homogeneous corona. The
main difference is that for these tube or surface wave modes there exists.a resonance

at places in the flux tube where c = a.
B. GENERATION

What about Alfven wave generation?
1. Convective Motions

Alfven waves can be generated by the convective motions, similar to the Lighthill
mechanism for the sound waves. But, because the magnetic field channels the motions,

monopdle rather than quadrupole emission occurs. The radiated pawer is

Ou3
P=—2—(k2).
For Alven waves,
w v
k=;,w==j,:,
80 .
ki = = =MB.
Thus

pu3 11
P’T(E)

(Kulsrud, 1965: Kato 1968). Rough estimates for the sun p-~ 10_6, u -~ 105, a ~ 106

predict an Alfven wave flux from strong field regions of
F - P4 ~ 108 erg/cmzs.

However, anything which jiggles a magnetic field line will also generage Alfven
waves, so granules will generate Alfven waves and supergranules will generate Alfven
waves. Granules have larger velocities and so are more important. They produce a
flux 5

F = pu a.

For typical granule velocities of 1 km/s,

P ’3}:10“7 x 1010 x 106 = 3x109 ergs/cmzs.

(See, however, Hollweg, 1979.)
What we are really interested in is the average flux, so we have to imclude the
fact that the flux tubes will spread with height and that the Alfven speed increases

with height. The waves produced by granular motions have fairly long wavelength so
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they see the change in Alfven speed roughly as a discontinuity. In this case the

transmission coefficient is

b4a a a -
T,,_,.l_.?__ =4a—l:103
(al +a£f 2
The average flux is A a
F=F photo aPhOto ,
corona corona

where A is the flux tube area. Since the magnetic flux is constant along a flux

tube, BA = constant, so Aa «p “1/2. Thus, the average flux will be

Fo= Fo (pcoronafpphotosphere)ljz

=107 F
O

3xl{)S erg/cmzs,

R

which is fairly substantial, enough to heat the corona.
I have not made a distinction between Alfven waves and magnetohydordynamic waves.

In a strong field the Alfven and the fast mode are similar and the slow mode is an

acoustic wave propagating along the flux tube.

2. Thermal Overstability

Alfven waves may also be generated by thermal overstability. This is not the k
mechanism, but the Cowling-Spiegel mechanism (Cowling, 1957; Moore and Spiegel, 1966),
Here buoyancy acts as a driving force which tends to destabilize the system and make
it depart from equilibrium. Magnetic tension acts as a restoring force which tends
to bring it back to equilibrium and radiative transfer decreases the destabilizing
effect of the buoyancy force. Since there will be less destabilizing effect on the
way back than there was on the way out from equilibrium, the magnetic tension will
return the system to equilibrium faster than it departed, and the wave amplitude
will grow., Because the buoyancy must be destabilizing this mechanism works only in
convectively unstable regions. One can calculate the growth rate by equating the
rate of working of this buoyancy force with the kinetic energy of the waves {Parker,
1879). The buovant force is

- = AT
Fp = deg = pg -

The temperature fluctuation is the temperature difference between the adiabatically
displaced fluid in the wave and mean temperature at its displaced level, reduced by

diffusive radiation cooling:

t
AT = AAB - ,

cool

Where A is the wave amplitude, X is the wave length, B is the superadiabatic tempera-

ture gradient, t is the period, and the diffusive radiation cooling time is
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which is assumed to be much greater than the period. The growth time y—l, is the time

it takes the buoyant work, vF_, to supply the wave energy %~ pvz, where v = Aa = AM/t:

B’
-1 _ }-
¥ v FB = Fev.
Thus 2
. 2B . tosc *
’\{' = k=4
Tw2T t 2
cool eddy Teool

How does this growth rate depend on stellar properties? For an opacity

_ -1 1.7 .9
€ = nEp )id T,
hydrostatic equilibrium gives
pxB . .GT—6’
[3
so
ke g/T.
The wave frequency is
w2~ a2/>\2 . BZ/QAZ - Bzg—'6T+7l—2,
and the cooling rate is
-1 4F -1.6,11 ,-2
Yool = 2 “8 T A
pe_Teh
P
From mixing length theory,
. 2/3
.2 e e Y
eddy T o TZZ
P
- gl.é T5'25,

where ¢ = H « T/g. Hence the growth rate varies with stellar gravity, surface temper-
ature, and magnetic field as

Y« g3/39-25 52

>

C. DISSIPATION

1. Viscous and Joule Heating

How do Alfven waves dissipate? Alfven waves don't steepen and form shocks,
because the Alfven speed is independent of wave amplitude, since the magnetic field
strength is constant and they are not compressive. They can still dissipate by par-

ticle collisions which produce Joule or viscous heating. However, the damping lengths
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are large, although they may be comparable to coronal loop dimensions. The Joule and

Viscous heating rates are

Q, = n° = nhd ()% (am?
and
QV - kZ 2
The damping rate is
v = Q/2E,

where
E = puz = 6B2/4n .

and the damping length is
L = aly.

For Joule heating
8% a3/nc2m2

[l
2

J
o 1020 n_‘3/‘2’1‘3"’2 B3Pz cm,
vwhere the resistivity is
B MeVcoll _ ﬂezml/z o an~l—3/2
n= 3 = 372 In A =210 'T .
ne (kT)
For viscous heating
LV = 2@33fpm2

1023 n_l/2T ”S/ZBBchm

3
where the viscosity is

= 1078r 3/2,

1 2
nE §‘n mpve /vcoll
Viscous damping is more important than Joule heating in the corona and visaversa in
the photosphere and chromosphere. 1If the fields are weak, then the Joule dissipation
will be significant in the photosphere. Hence Alfven waves can only get through from
the photosphere up into the corona in strong field regions. That used to be a serious
Problem before we knew that fields come in little patches of high field strength.
Now it is not. For typical coronal loop parameters (n~1010cm_3,T~2x1060K, B ~100G,

L ~1010cm) the viscous damping length is

LV ~ 108P2cm,

which is comparable to the loop length for short period waves.
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Because the corona is inhomogeneous, the Alfven waves are really tube modes,
and have a resonance where the tube phase speed is equal to the local Alfven speed.
In this resonant region the wave amplitude is large. Hence large currents and large
Joule heating will occur in the narrow resonant layer. The rate of heating is con-
trolled by the rate at which energy can flow into that resonant region, and has been

calculated by Ionson (1978) and Wentzel (1979b):

_ 2,2 -1
Yy = muk &t (aa"/7a™)y (2 + pi/pe + De/ci) .

They thought this was the rate at which waves were radiating energy away. It isn't.

It is the rate of energy flow into the resonant region (Hollweg, 1979). There is a
problem of how the energy released in this very small resonant region volume is
transferred to the rest of the large coronal volume where it is needed. Nobody has
figured out how that is done. This is a problem for just about every type of Alfven
wave dissipation, except for the Joule and the viscous dissipation. The reason is

that in order to rapidly dissipate the Alfven wave energy the currents must be clumped,

and so the dissipation occurs in a small region.

2. Mode Coupling

In the presence of inhomogenieties the Alfven wave will couple to other wave
modes. Coupling will be large between wave modes whose wave vectors' difference is
comparable to the inverse of the inhomogeniety scale length. The coupling ratio

between two modes is roughly

b |7,
where Ak is the difference in k between the two modes and L is the length scale of
the inhomogeniety (Melrose, 1977). In a strong field the major coupling occurs be-
tween Alfven and fast mode waves that are propagating in the direction of the magnetié
field, because both of them are propagating nearly at the Alfven speed, so they will
stay together. The difference in wave vector is

Ak = A ( 2) = b Ac ,
c c ¢

where ¢ is the phase speed of the mode. For propagation close to the magnetic field

direction
2 2 .2
c+ = a 4+ 8 8,
2
cE = s2 ( 1 - Ei 6%).
-
ci = az 1 - 62).
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So
Ac R 1 &2 2 2
LIS ={1+2 £ 0% )-l1- 6°/2
c a 2 2
a
= 62/2.
and
Ak/k = 8272,

Thus the coupling ratio is

«2 @)l 672,

When ¢ < (m/ﬂi)%, where Qi is the ion-cyclotron frequency, ion cyclotron effects

increase Ak. So the maximum coupling occurs at this critical angle and is
| AL I'l = )t (0 /w)

(Melrose, 1977). There will not be much coupling if the waves are not propagating
along the field direction, nor will there be much coupling between the Alfven and
slow modes. The fast mode, if it gets any energy, will form shocks and dissipate,

80 that this is a round about way in which the Alfven waves can dissipate their energy.

3. Alfven Wave Decay
The Alfven waves can also decay. If a set of waves satisfy the resonance condi-

tion,
wyo= Wy + mz,
50 B El + 52,

Which is essentially energy and momentum conservation, then one wave can decay into
two. 1In this case a forward moving Alfven wave can decay into a backward moving

Alfven wave and a slow mode pressure wave, at the rate

veu (2) (2.

(Raburaki and Uchida, 1971). For a broad spectrum of incident waves, only those that

Stay in resonance for a decay time, i.e. have Ak/k ~ Aw/w < y/w , can decay. So

e (3 (%)

(Sagdeev and Galeev, 1969). There seems to be some disagreement between the calcu-

the decay rate is

lated decay rates and the fact that one sees the Alfven waves in the solar wind at

the earth.
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4. Current Dissipation
Finally, I want to talk a little about current dissipation. Currents are pro-
duced not only by Alfven waves, but by any twisting motion of the magnetic flux tubes,
for instance a quasi-static twisting motion. Current or magnetic field dissipation
is a diffusive process due to single or collective partiecle collisions. The charac-—
teristic resistive diffusion time scale is
2E 2% 2, 2
T, = = = =, 471" /ne”.

R QJ SﬂnJZ

For typical coronal parameters Tr %10 yrs, too long to be significant. This Joule
dissipation time can be reduced either by reducing the width L of the region through
which the currents flow or by increasing the resitivity by increasing the effective
collision rate. If some instability or resonance filaments the current so the current
density is high in a small region, then there can be significant dissipation of the
currents. If that occurs and if the current density J = LICL AP becomes large
enough so that the drift velocity approaches the electron thermal velocity then sub-
stantial numbers of electrons will tend to run away and generate several different
types of electrostatic waves. These waves bunch the ions, so that the electrons
collide with the electric field of a large collective charge rather than that of a
single ion. This scattering of electrons by the waves increases the effective colli-
sion rate, the rate of momentum transfer and hence the resistivity. The enhanced
resistivity due to electron scattering by plasma waves is called ‘anomalous resis-
tivity,” and since it occurs in conjunction with current filamentation will shorten
the resistive diffusion time tremendously (Papadopolous, 1977; Rosner et al, 1978;
Hollweg, 1979). Also if the current density becomes large it will develop large
shears or gradients in the magnetic field, which will lead to tearing mode insta-
bilities. Parallel currents attract one another and tend to clump. The clumping

of current produces a fluid flow that forces the sheared magnetic field into X-type
neutral points. Filamented currents are produced with small enough length scales

so that the classical, Coulomb collision, resistive diffusion time becomes small and
the magnetic field can tear and reconnect and the currents can dissipate (Drake and
Lee, 1977). This mechanism has been invoked for the violent energy release in flares
(see Spicer & Brown, 1980), However, shorter wavelength tearing modes distort the
field lines more, which produces a greater restoring force, and also have a smaller
volume of magnetic energy they can release, so they may produce a more tranquil quasi-
static heating appropriate for coronal flux tubes. The tearing instability has a
lower threshold than the current driven instabilities which lead to anomalous resis-~
tivity. To get significant current dissipation by any mechanism, the dissipation
must occur in such small volumes that the transfer of the resulting heat to the rest

of the corona is a serious problem.
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V. CONCLUSION

In conclusion, there are many kinds of different wave motions in the sun; acous—
tic, gravity, Alfven waves, and other kinds of magneto—acoustic-gravity wave modes;
maybe even higher frequency waves like whistlers. All of these ordered motions may
contribute to the chaos observed in stellar atmospheres:. In order to develop diag-
Nostics, somebody has to take self-consistent calculations of these waves with the
right velocities, temperatures, densities and pressures and calculate the effects
on the line profiles of each wave mode,

To summarize the major roles of the waves we have discussed today: Acoustic
Waves can heat the low chromosphere but not the corona. The evidence is partly ob-
Servational: the observed nonthermal line widths due to waves in the upper chromo~
sSphere are too small, and also theoretical: increasing the driving amplitude at the
bottom of the atmosphere only increases the dissipation of the acoustic waves in the
chromosphere, but doesn't increase the flux through the transition region to the
corona.

For gravity waves the motion is mainly horizontal. Their amplitudes will be
comparable to the amplitudes of the penetrative convection (granulation). They may
Contribute to the observed microturbulent velocities, but they are unlikely to be
important in the heating.

Alfven waves will dissipate primarily by highly clumped currents in very small
regions, so there is the problem of how to get that energy from the small volume
where the dissipation occurs to the larger volume of the corona. The nice thing about
Alfven waves is that they are observed in the solar wind, and they seem to be impor-
tant in providing an energy and momentum input to the wind. Someplace between the

pPhotosphere and the earth, where the wind is observed, those Alfven waves must be

Produced.
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TABLE T.
WAVE MODE ACOUSTIC GRAVITY ALFVEN
PROPERTIES Pressure Buoyancy Magnetic Tension
u //E /LK v/l F Lk ul) F, F//B
r
A . S
g
Propagating: cosé = w/N Vg = a
ST . 8p . 8p . u/s dp . Y cey/s 8T = dp = &p= 0
T P P P kHs =
B, + 8B| = const.
Evanescent
T .8 -8 ~g4u o - 8T -4 /s
T p P s P T
GENERATION Convective Motions Penetrative Convective
Convection Motions
Thermal Thermal
Overstability Overstability
DISSIPATION Shocks Shear Viscous and
Joule Heating
by single or radiation Critical Plasma
collective Layers Instabilities
partical
collisions
Radiation Mode Coupling
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STELLAR CHROMOSPHERES

Jeffrey L. Linsky*
Joint Institute for Laboratory Astrophysics
National Bureau of Standards and University of Colorado
Boulder, Colorado 80309 U.S.A.

I. INTRODUCTION

Important progress in our understanding of stellar chromospheres has occurred
in the past few years as a result of new observations, developments in spectral line
formation theory, and the application of that theory to the construction of detailed
model chromospheres. Significant trends are beginning to emerge from such analyses,
and we are on the threshold of a meaningful confrontation between purely theoretical
models and the data. The range of stars thought to possess chromospheres may be
widening, and we now have a better understanding of the enigmatic problem of why the
Wilson-Bappu relation between Ca II emission core widths and stellar absolute visual
magnitudes actually works.

An important element in this progress has been the realization that much can be
learned by studying the outer atmospheres of the Sun and a wide range of stars in
the same context, and that such an approach 1s a two-way street. Not only are the
theoretical techniques for analyzing spectra, modeling atmospheric structures, and
computing the consequences of different heating processes the same, but also the
wide variety of structures and phenomena seen on the Sun with high spatial and
spectral resolution may be useful prototypes for stellar atmospheric structures and
phenomena that we cannot hope to resolve but whose existance is implied by indirect
evidence. Needless to say, our understanding of the Sun can be strengthened by
studying phenomena in stars that have values of gravity, rotational velocity,
chemical composition, and luminosity very much different from those of the Sun.

Despite the importance of solar—stellar cross fertilization, it is unwise to
pursue solar analogies too far. At some point most and perhaps all of the solar
analogies will fail to explain observables for certain stellar chromospheres. When
we run Iinto such situations, as I think we have in several cases, we are in a
position to make important advances in ow understanding of underlying physical

processes operating in stars.

*
Staff Member, Quantum Physics Division, National Bureau of Standards.
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The general topic of stellar chromospheres has been reviewed recently by Linsky
(1977, 1979, 1980), Praderie (1977), Ulmschneider (1979), and Snow and Linsky
(1979). Important earlier reviews include those of Praderie (1973), Doherty (1973)
and Kippenhahn (1973) in the proceedings of the IAU Colloquium on Stellar Chromo-—
spheres held in 1972 (Jordan and Avrett 1973), which the reader is encouraged to
pursue. Recent reviews and monographs on the solar chromosphere include Athay
(1976) and Withbroe and Noyes (1977). Because of the extensive review literature in
this field and the rapid advances made most recently and presently under way, I will
adopt a nonstandard approach here. I will not specifically discuss plasma diag-
nostics since this topic has been reviewed by Praderie (1973), Linsky (1977), and
Ayres and Linsky (1979). However, several interesting developments in cur under-—

standing and use of chromospheric diagnostics are described below under the relevant

headings.

II. WHAT TRENDS ARE EMERGING FROM SEMIEMPIRICAL CHROMOSPHERIC MODELS OF SINGLE
STARS?

During the past several years two important developments have greatly
facilitated the computation of semiempirical models of stellar chromospheres. The
first is the acquisition of absolute flux profiles of Important diagnostics such as
Ca II H and K, the Ca II infrared triplet, He I 110830, and Hu from the ground; and
Mg II h and k, La, and the resonance lines of C II, Si II, and Si III from space
experiments, particularly IUE. The second development is the refinement in our
under standing of optically thick resonance line formation. We now have increased
confidence in the use of these diagnostics to probe can provide insight into the
gross properties of stellar chromospheres.

The various diagnostics used in building semiempirical model chromospheres have
been reviewed by Linsky (1977), Ulmschneider (1979), Linsky (1979), and Ayres and
Linsky (1979). The usefulness of different spectral features for identifying chro-
mospheres has been reviewed by Praderie (1973, 1977). Here I will describe some
recent developments in the field, identify interesting trends that are emerging, and
call attention to uncertainties in the conventional analyses.

First, I will mention important observational programs that are producing
chromospheric line profiles, calibrated in absolute flux units, which are the
backbone of model chromosphere studies. Linsky et al. (1979a) have obtained 120 mA
spectra of the Ca II H and K lines in a wide variety of starg later than spectral
type FQO, using the Kitt Peak 4 m echelle spectrograph. These data were calibrated
in absolute flux units at the stellar surface based on Willstrop's (1972) narrow
band photometry and the Barnes and Evans (1976} relation for deriving stellar angu-
lar diameters. Giampapa {(1979) is extending the program to dMe stars. Blanco
et al. (1974, 1976) have published absolute K line fluxes for F5~G8 dwarfs and G2-M5
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giants, and Blanco et al. (1978) have presented absolute fluxes and brightness
temperatures for the H, and K, features in 2] late-type stars. Echelle spectra of

A And obtained with the Mt. Hopkins Kron camera system have been discussed by
Baliunas and Dupree (1979). Anderson (1974) and Linsky et al. {1979b) have obtained
spectra of the Ca II infrared triplet lines, and Young (1979) is obtaining spectra
of these features in RS CVn~type systems and other active chromosphere stars using
the KPNO CID system. The Balmer lines in dMe flare stars have been studied by many
observers, most recently by Worden et al. (1979). Zirdn (1976) has obtained He I
110830 equivalent widths for some 200 stars later than F5, and in several stars such
as R Aqr, T Tau, and 12 Peg that have circumstellar envelopes. O'Brien and Lambert
(1979) are studying A10830 with an echelle-reticon system at McDonald Observatory.
They find 110830 emission in o Boo and al Her and are presently studying nearly

60 F-M stars, with monitoring programs on several particularly interesting objects.

A number of important observing programs are under way in the ultraviolet.
Surveys of Mg II emission fluxes include the Copermicus observations of 49 stars by
Weiler and Oegerle (1979), BUSS observations with 0.1 A resolution (e.g. Kondo
et al. 1979; de Jager et al. 1979; van der Hucht et al. 1979}, and IUE observations
by Pagel and Wilkins (1979), Basri and Linsky (1979), Carpenter and Wing (1979),
Stencel and Mullan (1979), and several other groups. The 1175-2000 A short wave-
length spectral region of IUE permits the study of prominent chromospheric resonance
lines of HI, 6 I, C I, Si 1I, C II, and Si III, and transition region lines of
C 111, Sf IV, C IV, N V, and O V. Initial observations of cool stars in the short-
wavelength region include Linsky et al. (1978), Linsky and Haisch (1979), Ayres and
Linsky (1979b,c), Dupree et al. (1979a), Hartmann et al. (1979), Brown et al.
(1979), Carpenter and Wing (1979), and Bohm-Vitense and Dettmann (1979).

Table 1 summarizes semiempirical chromospheric models that have been
constructed to match various diagnostic features observed in quiet and active
regions on the Sun and in stars cooler than spectral type FO V. For the most part
these models were constructed to fit the Ca II and Mg Il emission cores and damping
wings using partial redistribution (PRD) radiative transfer codes, although prior to
1975 only the less accurate complete redistribution (CRD) codes were available.
Because the Ca II and Mg 1I lines are formed in chromospheric layers cooler than
8000 K, these models may have validity only below that temperature. The Lyman and
millimeter continua are useful for extending the models to 10,000 K, but suitable
data are available only for the Sun. Other diagnostics of the 6500-8000 K tempera-
ture range include Si II AA1808, 1817, 1265, and 1553 and the damping wings of La.
Tripp et al. (1978) have described the formation of the Si II lines in the quiet
Sun, while Basri et al. (1979) have used Lo wing observatioms to comstruct quiet and
active solar models. However, the accuracy of the La diagnostic is compromised by
the uncertain amount of frequency redistribution beyond the Doppler core. Because

the Si 1I lines and la wings can be observed in stars by IUE, these dilagnostics are
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potentially very important. In dMe stars, Ho and other Balmer series members go
into emission and are useful diagnostics of the 8000-15,000 K temperature range
(Fosbury 1974; Cram and Mullan 1979).

Vernazza et al. (1973) have proposed that the solar upper chromosphere has a
pPlateau near 20,000 K with small temperature gradierts, presumably produced when la
becomes optically thin and an efficient radiator. Such a plateau can be studied by
analyzing the La core. However, interstellar H I absorption prevents the observa-
tion of the La core in any star other than the Sun, or perhaps a few short period
binary systems for which the orbital motions are large enough to unmask the stellar
Lx core from the saturated interstellar absorption feature. Instead, one can study
the ¢ IT AA1334, 1335 and Si IIX Ax1206, 1892 lines which are also formed in the
plateau (Lites et al. 1978; Tripp et al. 1978). These features, except Si III
A1206, can be observed even in faint stars by IUE at low dispersion, and chromo-
spheric models of the 20,000 X region have now been constructed for several stars
(evg., Simon et al. 1979; Basri 1979; Simon and Linsky 1979).

Before discussing the general trends emerging from these models, I should bring
to your attention their inherent limitations:

(1) All of the stellar models assume one-component atmospheres, whereas the Sun
exhibits an embarrassingly rich variety of chromospheric structure. Inhomogeneities
must also be important in many other stars as Indicated by Wilson's (1978) obser-
vations of time variability in K line emission. (Such variations are likely pro-
duced in part by the appearance and temporal evolution of plage regions on the
visible hemispheres of stars.) The important question is whether a one-component
analysis is sufficient for an assessment of critical auxiliary quantities, for
example nonradiative heating rates, or for comparison with purely theoretical
chromospheric models. This question will be deferred to the next section, but it is
clear that the chromosphere of at least one cool giant -- Arcturus (K2 III) -~ is
structured enough to make models based on diagnostics such as Ca II or Mg II, which
are representative of the hotter atmospheric components, inconsistent with
observations of diagnostics such as the CO fundamental vibration-rotation bands,
which are sensitive to the cooler components (cf. Heasley et al. 1978).

(2) Models based on optically thick chromospheric resonance lines are uncertain
to the extent that frequency redistribution in the line wings is not properly
treated. The redistribution problem is most accute for estimating temperatures near
the stellar temperature minimum. In these low density layers, scattering in the Ca
II and Mg II resonance lines is nearly coherent at and beyond the Ky minima, conse-
quently the monochromatic source functions are strongly decoupled from the Planck

function. For the Ca II resonance lines, radiative transitions to the 3d2

D mata—
stable levels provide a lower limit of roughly 0.05 to the incoherence fraction.
However, Mg II lacks analogous subordinate levels between the upper and lower states

of the resonance lines, and the lower limit to the incoherence fraction A is only
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10'4 (Basrl 1979). Supergiants provide the most extreme examples of nearly pure
coherent scattering in the Ca II and Mg 1I wings, owing to the low hydrogen den-
sities and correspondingly reduced collisional redistribution. In fact, Basri
(1979) finds that the largest sources of incoherence in such situations are radia-
tive transitions to other levels. As described below, highly coherent scattering
can even lead to self-reversed profiles with Kl minimun features in isothermal
models. Finally, the disagreement in solar chromospheric temperature structures
based on the Ca II and the Mg II lines (Ayres and Linsé& 1976) is a clear warning
either that our understanding of the underlying atomic physics of the scattering
process in resonance lines may be lacking in some important respect, or more likely,
that single-component, homogeneous models are not a satisfactory description of the
solar outer atmosphere.

{3) Baliunas et al. (1979) have shown that steep temperature gradients
relatively deep in the chromospheres of active stars such as A And (G8 III-IV) and
Capella (G6 I1II + F9 III) can produce high pressures in the upper chromospheres and
Ca II and Mg II resonance line cores with small KZ-K3—K2 contrasts or no central
reversals at all, consistent with observations. Their approach takes advantage of
properties of the line cores that were ignored in constructing earlier models (e.g3.
Kelch et al. 1978). While the Baliunas et al. approach may be a reasonable way to
model active chromosphere stars, it is important to recognize that other processes
are equally effective in filling in the line core; in particular, rotation and
intermediate scale turbulence (mesoturbulence; see e.g. Shine 1975; Basri 1979).
Balfunas et al. (1979) alsoc show that the usual approach of assuming a steep
temperature rise beginning at 8000 K, as appears to be valid in quiet and active
regions of the Sun, is an overly restrictive assumption.

Bearing these problems in mind and the nonunique aspects of the diagnostics, it
is nonetheless important to consider the basic trends that are surfacing from the
modeling effort. In some cases, such trends may not be overly sensitive to the
uncertainties of the modeling process:

{1) In most cases studied, temperatures in the stellar upper photosphere
inferred from the K line wings are hotter than predicted by radiative equilibrium
models, implying nonradiative heating in the photosphere itself. This result is
sensitive to uncertainties in the PRD theory, but such uncertainties are least for
the Ca II lines in dwarfs, and solar active regions show temperature enhancements of
at least 400 K (Chapman 1977; Morrison and Linsky 1978) compared with quiet Sun
models below the temperature minimum. If active chromosphere stars, that is stars
with chromospheric line surface fluxes comparable to or brighter than solar plages,
are at all analogous to solar plages, then such stars should also have photospheres
with temperatures significantly hotter than radiative equilibrium models predict.
In fact, enhanced photospheric temperatures are common even for nonactive chromo-
sphere stars (Kelch 1978; Kelch et al. 1978, 1979).
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2) Kelch et al. (1979) have presented evidence that the temperature minimum in
dwarfs moves outward to smaller mass column densities with decreasing nonradiative
heating. (The nonradiative heating is measured by the apparent radiative cooling
rate in the Ca II resonance lines.) Furthermore, there is some evidence that the
Tmin/Teff ratic decreases with age among main sequence stars (Linsky‘gg_gl. 1979a)
as might be expected if the nonradiative heating rate decreases with age.

(3) Active chromosphere dwarf stars have larger chromospheric radiative loss
rates and steeper chromospheric temperature rises than quiet chromosphere stars.

The latter result ig deplcted in Fig. 1, where the chromospheric temperature
gradients for plages (Shine and Linsky 1974; Kelch and Linsky 1978) and flares
(Machado and Linsky 1975) are compared to those of 13 dwarf stars (Kelch et al.
1979). The correlation of increasing temperature gradients with increasing non-
radiative heating rates is as expected. Kelch et al. (1979) and Cram and Mullan
(1979) have shown that Ha emission, which distinguishes dMe stars from normal M
dwarfs, can be simply explained by the steep chromospheric temperature rises implied
by the bright K line emission characteristic of dMe stars.

(4) For quiet chromosphere dwarfs and glants, Kelch et al. (1979) found a
correlation between the mass column density at the 8000 K level of the chromosphere
(mﬂ) and stellar gravity (see Fig. 2). However, Baliunas et al. (1979) argue that
the Kelch et al. relation is not valid for RS CVn stars. In addition, the relation
does not hold for solar plages and flares, where my can be several orders of magni-
tude larger than typical quiet Sun values, Furthermore, based on an analysis of the

Mg II, Si II, 8i III, and C II lines, Simon et al. (1979) find that the active
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Figure 2. log my versus log‘g (Kelch et al. 1978).

chromosphere star ¢ Eri (K2 V) has a value of my a factor of 6 larger than predicted
by the quiet chromosphere relation.

(5) A chromospheric temperature plateau near 20,000 K in the Sun (Vernazza
et al. 1973), or near 16,500 K as suggested by Lites et al. (1978), may be a real
feature of other stars. For example, Simon et al. (1979) propose that ¢ Eri (K2 V)
has such a plateau. Furthermore, Basri et al. (1979) suggest that the plateau
decreases in geometrical thickness with increasing brightness of Lo in the Sun.

Clearly much work remains to be done to better understand the available
chromospheric diagnostics and to extend chromospheric modeling to other groups of
stars. In particular, further studies of supergiants, RS CVn stars, dMe stars, F
stars, and T Tauri stars are needed, as well as the extension of chromospheric
models to transition regions using IUE spectra. The study of transition regions and
coronae per se 1s beyond the scope of this review, but they are relevant to chromo-
spheres since hydrostatic equilibrium, if wvalid, requires vertical pressure con-
tinuity between the top of the chromosphere and the base of the transition region.
In this regard I would like to stress the following points: (1) The most reliable
means of deriving pressures at the top of a chromosphere is to analyze diagnostic
lines formed near 20,000 K such as the Lo nore (useful primarily for the Sun), C II
AM1334, 1335 and Si III AX1206, 1892. The Ca II and Mg II resonance lines are
formed deeper in the chromosphere where the pressures are typically much larger than
at the top, consequently the emission cores of these lines are not unique diagnos-
tics. (2) Doschek et al. (1978) have proposed that the Si III 31892/C III X1909
line ratio, which 1s easily observed by IUE, is a useful diagnostic for densities at
the base of the tramsition region. However, Simon et al. (1979) find that if a
chromospheric plateau is present near 20,000 K, then Si III 11892 is formed

primarily in the plateau. Under these circumstances the Si III line is sensitive to
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the plateau thickness and the Si III/C III line ratio is a poor density diagnostic.
Other prominent density diagnostics accessible to IUE include Si IV A1403/C III
A1909 (Cook and Micolas 1979) and C IIX Al176/11909 (Raymond and Dupree 1978).
However, one must keep in mind that such ratios can be sensitive to systematic flows
(Raymond and Dupree 1978; Dupree et al. 1979b). Alternatively one can derive
transition region pressures from emission measures, using an auxiliary relation such
a2s constant conductive flux (e.g. Evans et al. 1975; Haisch and Linsky 1976; Brown
Bt al. 1979). However, the validity of this approach is questionable. For example,
Ayres and Linsky (1979) have argued against a conduction—heated transition region in
the gpecific case of Capella B because that scenario requires pressures a factor of
30-50 times larger than those estimated from transition region density diagnostics,

coronal emission measures, and the Mg Il lines.

I1I. ARE THEORETICAL MODELS OF CHROMOSPHERES BECOMING REALISTIC?

Despite the rapidly growing number of spectroscopic observations of stellar
chromospheres and the semiempirical models computed to match these data, we cannot
claim that we understand chromospheres without first identifying the important
heating mechanism(s), and second computing ab initioc theoretical chromosphere models
based on these heating mechanisms which accurately match the available data and
semjempirical models. This particular goal of understanding stellar chromospheres
has not yet been achieved, but considerable progress has been made recently.

Stein and leibacher (1974) and Ulmschneider (1979) have described the different
types of hydrodynamic and magnetohydrodynamic waves that are thought to exist in the
solar atmosphere and are candidates for heating stellar chromospheres. Ulmschneider
(1979) argues thatvmagnetic modes are likely to dominate the transition region and
coronae, but that short period acoustic waves are the best candidate for heating the
chromospheres of the Sun and stars of spectral type A and later. His argument is
based on the following elements: (1) Deubner (1976) measured the short period acous—
tic flux in the solar photosphere to be of order 108 - 107 ergs en™2 s—l, which is
ample enough to balance the total energy loss of about 6 x 106 ergs cm"'2 s“l in the
outer solar atmosphere even with considerable wave damping in the upper photosphere.
Other nommagnetic modes, for example gravity waves, probably do not carry remotely
comparable amounts of energy. (2) The contrast in chromospheric emission lines
across the solar surface, presumably due to magnetic heating mechanisms, is not
large (Ulmschneider 1974). (3} There is rather good agreement between theoretical
and empirical chromospheric heating rates, based on the short period acoustic wave
mechanism, for several late-type stars and the Sun.

I will consider the valldity of these arguments in the context of a comparison
between the predictions of the acoustic wave models and empirical data, but first it

is important to state the approximations made in recent theoretical calculations.
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Prior to 1977, theoretical models of chromospheres (e.g. Kuperus 1963, 1969;
Ulmschneider 1967, 1971; de Loore 1970) assumed weak shock theory and time-
independent solutions. In more recent calculations (e.g. Ulmschneilder and Kalkofen
1977; Ulmschnelder et al. 1978, 1979; Schmitz and Ulmschneider 1979a,b) shocks are
treated explicitly with time~dependent hydrodynamic codes. These numerical
approaches typically assume mixing~length convection, the Lighthill-Proudman theory
for acoustic wave generation, a single period for the acoustic waves, and grey
opacity stellar atmospheres. I now consider four compatisons between these cal-
culations and empirical measurements of several kinds.

(1) The most basic test of the wave models is that they correctly predict the
Téff and gravity dependences of chromospheric radiative loss rates. This test is
difficult because several important emission features (i.e. resonance lines of Ca
11, Mg II and H 1) must be measured to estimate the radiative loss rate in lines,
and it is presently impractical to directly measure the chromospheric radiative loss
rate in the H continuvum. As a first attempt at testing the theoretical models,
Linsky and Ayres (1978) estimated that Mg II h and k account for 30 percent of the
chromospheric line radiative losses in the Sun and other late-type stars for which
the Ca II, Mg 1I, and H I resonance lines sre effectively thick. They then compared
normalized radiative loss rates in the Mg II lines, r(Mg II)/oT:ff, for 32 stars
including the Sun and found a systematic trend of decreasing f(Mg II)/UT:ff with
decreasing effective temperature, but essentially no dependence on stellar surface
gravity. The computations by Ulmschneider et al. (1977) of the acoustic flux
avallable to heat chromospheres exhibit the observed Téff dependence, but predict an
increase in chromospheric heating of 1-2 orders of magnitude between log g = 4 and
log g = 2, that is certainly not seen in the data. Subsequently, Basri and Linsky
(1979) determined more accurate values of r(Mg I1 k)/cTfo from their IUE data and
the Copernicus spectra of Weiler and Oegerle (1979). These data are illustrated in
Fig. 3. The normalized Mg Il fluxes are widely scattered, but they do show little
if any dependence of F(Mg II k)/UT&

eff
previous data, and perhaps a slow decrease with decreasing Teff'

on stellar luminosity in agreement with the

An important question in this regard is the amount of chromospheric cooling in
the H continuum and the extent to which the H cooling term depends on gravity.
Schmitz and Ulmschneider (1979a,b) revised the previous work of Ulmschneider et al.
(1977) in a way that has reduced the gravity dependence of the acoustic flux that
survives radiative damping in the photosphere, and is therefore available to heat
the low chromosphere. They find that the ratic of the computed H radiative loss
rates to the empirical Mg II radiative loss rates increases with decreasing gravity
in a manner consistent with their acoustic flux calculations. For example, their
F(d )/F(Mg II) ratios range from about 2 for the Sun to roughly 20 for the gilants
Capella and Arcturus. Since Mg II provides roughly a third of the total line

losses, F(H )/¥F(lines) ranges from order unity to about 7. However, unlike
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radiative losses in lines, H cooling cannot be measured directly. Schmitz and

Ulmschneider instead estimated H coocling indirectly using chromospheric models
constructed to fit the Ca II and Mg I1I lines. Not only are the derived H radiative
loss rates extremely model-dependent, but the use of models constructed to match the
Ca II and Mg II lines to calculate the H losses is itself questionable. The reason
is that the Ca II and Mg II lines average over the intrinsically inhomogeneous
stellar atmcsphére in a much different way than does in the H continuum. Since
emission in the near ultraviclet resonance lines is strongly weighted toward the
hotter components of an atmosphere, while the mainly visible and near infrared H
emission is more evenly weighted over the thermal irregularities, the use of models
constructed to fit the Ca II and Mg II lines will inevitably overestimate FYH_).
Finally there remains fundamental disagreement on the proper way to compute H_
radiative losses from a stellar chromosphere (Praderie and Thomas 1972, 1976;
Kalkofen and Ulmschneider 1979; Ayres 1979b).

(2) The chromospheric k line radiative loss rates illustrated in Fig. 3 exhibit

a wide range of values for stars of similar effective temperature and luminosity.
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Excluding the RS CVn-type systems, the range is typically an order of magnitude.
The analogous plot of normalized chromospheric radiative losses in the H and K lines
(Linsky_gg~§l. 1979a) shows a comparable spread. While acoustic wave heating may
explain quiet chromospheres, it cannot explain the large diversity of chromospheric
radiative loss rates among single stars of similar effective temperature and gravity
(Bame luminosity). In solar plages, chromospheric radiative losses in the Ca II and
Mg 1I resonance lines are commonly 10 times those of the quiet Sun (Kelch and Linsky
1978; Kelch et al. 1979), Since Ca II K line intensit;es are well correlated with
magnetic field strength in the Sun (Skumanich et al. 1975), it is generally presumed
that the magnetic field plays an important role in enhancing the chromospheric
nonradiative heating rates. In fact, the correlation of Ca 1I strength with the
magnetic field must be viewed as circumstantial evidence for a hydromagnetic origin
of chromospheric heating. One likely explanation, then, for the factor of 10 range
in Tkk)/oT:ff at each effective temperature is that stars with low 7kk)/aT:ff ratios
have few solar-type plages, while stars with large ratios are mainly covereﬁ with
solar-type plages.

(3) A third test is a comparison of the theoretical acoustic wave heating in
specific stars with empirically determined radiative loss rates. Ulmschnelder
et al, (1977) and Schmitz and Ulmschneider (1979a,b) have computed theoretical
chromosphere models for the same dwarfs, subgiants, and giants that Ayres et al.
{1974), Ayres and Linsky (1975), Kelch (1978), and Kelch et al. (1978, 1979) had
previously computed semlempirical models based on the Ca II and Mg II lines. For
many of these stars the agreement between computed acoustic fluxes and empirical
radiative loss rates (including the estimated H contribution) is within a factor of
6, which is not a large factor when one considers the gross uncertainty in the
amount of acoustic flux generated in the convective zone (see Gough 1976) and the
potential importance of inhomogeneities on determining the “empirical™ H cooling.
The acoustic wave theory has the most difficulty for the cooler dwarfs such as
70 Oph A (KO V) and EQ Vir (dK5e). For the latter star, in particular, Schmitz and
Ulmschneider (1979b) estimate that a factor of 145 times more energy is nseded to
balance the empirical chromospheric radiative loss rate than is predicted by the
acoustic wave theory. Part of the missing flux may be attributed to inadequacies in
the theory, for example, the treatment of line blanketing, molecular opacity, and
the effects of atmospheric stratification on wave production {Schmitz and
Ulmschneider 19792). However, I feel that the principal reason is the dominance of
magnetic heating mechanisms in these active chromosphere stars. The same is almost
certainly true for the R§ CVUn-type systems. For example, the theoretical acoustic
heating rates for Capella are considerably less than the apparent chromospheric
radiative losses.

(4) A final test 1s the location in mass column density of the temperature

minimum, which is determined by the nonradiative heating rate at the base of the
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stellar chromosphere. Cram and Ulmschneider (1978) called attention to inconsis-
tencies between observed and predicted widths of the Ca II K1 features, which should
be formed in the vicinity of Tﬁin (but see § VI concerning supergiants). In sub-
sequent computations by Schmitz and Ulmschneider (1979a,b) the agreement between
Computed and empirical mass column densities at Iﬁin has improved except for those
stars (70 Oph A, EQ Vir, Capella) that show considerable deficiencies in the com-
puted acoustic flux.

In summary, theoretical models based on the short period acoustic wave theory
show promise for explaining the heating of the lower chromospheres of quiet chromo-
sphere stars, but they are clearly inadequate to explain the heating of transition
regions and coronae or active chromosphere stars and solar plages. In these “anom—
alous”" cases, magnetic heating mechanisms are presumably dominant. Even for the
quiet chromosphere stars the acoustic theory needs to be carefully examined. For
example, H radiative losses should be calculated for the several classes of thermal
inhomogeneities known in the solar case, to establish the reliability of estimating
H cooling rates from single-component models. In addition, the acoustic wave
theory should be extended to more realistic atmospheric models, including nongrey
opacity sources and a more complete, nonlinear treatment of the propagation and

damping of the sound waves.

1V. WHY DOES THE WILSON-BAPPU RELATION WORK?

Ever since Wilson and Bappu (1957) discovered a simple correlation between
the widths of the Ca II H and K line emission cores and stellar absoclute luminosity
(MV) extending over 15 magnitudes, many astronomers have expanded the data base and
have attempted to explain the origin of this relation. Part of the fascination of
this subject must be the inherent simplicity of the correlation and the prospect of
obtaining valuable informatlon about stellar chromospheres from simple measurements
of line widths. Unfortunately, this is a topic in which one can easily be deluded
into feeling that he understands something. In particular, many authors have made
back~of=-the-envelope calculations and arrived at relations similar in functional
form to that originally proposed by Wilson and Bappu (1957), whereas the wide
variety of assumptions used are of;en very different and even contradictory.
Unfortunately, there is no substitute for careful analysis of this problem based
on realistic radiative transfer calculations. Here I will briefly summarize past
observational and theoretical work, and then discuss in detail two recent papers
that should revolutionize our approach to the underlying physics of the Wilson-Bappu
effect.

Width-luminosity relations have now been found for several lines in addition to
Ca II H and K, for example the analogous Mg II h and k resonance lines, Loy, and Hax.
The width that Wilson and Bappu (1957) measured, Wy (km s'i), is the separation
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between the outer edges of the Ca Il emission features on 10A mcm_1 spectrograms.
Lutz (1970) has shown that W, is very nearly the full width at half maximum (FWHM)
of the emission core. Wilson and Bappu (1957) and Wilson (1959) proposed the
following expression for the K line width—luminosity relation

M, = 27.59 - 14.94 log Wy (K) . (L

The most extensive compilation of Mg II k line widths is that of Weiler and Oegerle

N
(1979), based on Copernicus chservations of 49 late~type stars. Their expression,
M, = 34.93 - 15,15 log W(k) . (2)

has essentially the same slope as that for Ca II, even though the Mg II widths

measured at the base of the emission feature. IUE observations will add to this
data set and provide widths at different portions of the line profile. Using a
small sample of Lo widths (FWHM), McClintock_gE_jg: (1975) obtained the relation

M, = (40.244.5) - (14.7%1.6) log W(Lla) . (3>

Finally, Kraft et al. (1964), LoPresto (1971), and Fosbury (1973) have studied the
dependence of the Ho line half-width, defined in several different ways, on Mv’ but
they have not proposed definite functional relationships.

Different characteristic features within the K line also show width-luminosity
relations. For example, Ayres et al. (1975) and Engvold and Rygh (1978) find that
the separation of the K, minimum features is correlated with Mv. Bagsed on high
resolution spectra of 26 late~type stars, Engvold and Rygh (1978) derive

M, = const - i5.2 log W(Ky) . (&)

In addition, Lutz et al. (1973) find that the entire damping wings of the H and K
lines broaden with increasing stellar luminosity. Finally, Cram et al. (1979) have
found in a sample of 32 stars observed at high dispersion, that both the K, peak
separation and the K, minimum separation exhibit essentially the same width-
luminosity slope as the FWHM.

The agreement among the slopes of the four relations above is cer tainly
suggestive of a common, presumably simple, origin. A4s a first step towards
understanding that origin, several authors have expressed the line widths empir-
ically in terms of fundamental stellar parameters. For example, Lutz and Pagel

(1979) have proposed the relation
log Wy = =0-22 log g + 1.65 log T, + 0.10{Fe/H] -~ 3.69 , (5)

based on data from 55 stars. Lutz and Pagel argue that thelr relation is more
accurate than those derived previously without an abundance term. For the K; width,
Cram et al. (1979) find

log W(K)) = =(0.20£0.02) log g + (1.10.2) log T, - 3.76 (6)

whereas Engvold and Rygh (1978} derive a coefficient of -0.16 for the first term.
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Physical interpretations of these width-luminosity relations fall into two
distinct classes. The first assumes that the width, generally taken to be WO for
Ca II K, is formed in the Doppler core of the line profile and therefore responds
mainly to turbulent velocities in the chromosphere. For example, Scharmer (1976)
followed Goldberg (1957) in assuming that WO E 65, where u 1s mean the chromospheric
turbulent velocity, and arrived at the inevitable result that such velocities are
supersonic in giants and highly supersonic in supergiants. Using conservation
equations and taking the mechanical energy flux proportional to ;3, Scharmer (1976)
was able to show that WO = 6U ~ g-l b in agreement with Eq. (5). However, the de-
rived value of u for the Sun is 22 km s~1, far larger than any estimates of turbu-
lent velocities in the solar chromosphere. Fosbury (1973) has studied the Cz II and
Ha widths together in order to better determine chromospheric turbulent velocities.
He estimated chromospheric wave fluxes from the line widths and concluded that the
amplitude of upward propagating acoustic waves increases with luminosity. Most
Trecently, Lutz and Pagel (1979) have derived a relation similar to Eq. (5) assuming
slab geometry with a geometrical thickness equal to the K line thermalization
length, complete frequency redistribution (CRD), and Doppler control of WO'

These three papers and previcus studies of the same type share a number of
difficulties: (1) They assume that W, 1s located in the Doppler core, but give no
theoretical or empirical justification for this. (2) They either ignore radiative
transfer altogether, despite numerous studies that show that the K and k lines are
optically thick and partial redistribution effects are critically important in
forming the outer portions of the emission cores, or they treat line transfer in a
wholly unrealistic manner. (3) They rarely compute chromospheric densities and
ionization self consistently. (4) They do not attempt to explain high resolution
solar observations or turbulent velocities measured in the solar chromosphere by
various techniques. The ability to arrive at expressions similar to Eq. (5) is
often given as sufficient justification that the approaches are accurate enough to
explain the underlying physical mechanism.

An alternative physical interpretation for the width~luminosity relations
assumes that the width, generally taken to be W(Kl), is formed in the damping wings
of the line profile. In this scenario, the width is sensitive primarily to the mass
column density above the temperature minimum and is relatively insensitive to
chromospheric turbulent velocities. Engvold and Rygh (1978) have argued that
W(KI) ~ 7,8%1.7 Doppler half-width units and thus the Kl minimum features must be
formed in the damping wings of the line profile. With this assumption and the
approximation that the K1 feature is formed at the temperature minimum, which models
suggest occurs at roughly the same continuum optical depth in late-type stars, Ayres
et al, (1975) used the pressure-squared dependence of H opacity to derive

log W(Ky) = ~0.25 log g + 0.25 log Apop + const . (7

The coefficient of the log g term above is close to that of Eq. (6). Thomas (1973)
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has proposed a somewhat different version of this explanation by showing that the
location of the base of the chromosphere, which determines W(Kl), may depend on the
upward mass flux, which in turn is related to the chromospheric heating rate.

At this point it should be clear that a synthesis is needed to determine
whether these very different explanations for Wy and w(Kl) are related, and which,
if either, remains valid after a realistic study of spectral line formation in the K
line. An important paper by Ayres {1979a) goes far in addressing these questions.
Ayres proposed simple scaling laws for the thickness and mean electron density of
stellar chromospheres as functions of surface gravity and nonradiative heating,
based on hydrostatic equilibrium and the assumption that the nonradiative heating is
relatively constant with height. He alsoc took into account the influence of
ionization on the general structure of a chromosphere and on the plasma cooling
functions. He argued that the K; features are formed in the damping wings of the
line profile on the grounds that PRD calculations now match the limb darkening of
the solar Ca II features (Shine et al. 19753 Zirker 1968), which in itself provides
strong evidence for near coherent scattering (and thus little Doppler redistri-

bution) beyond the emission peaks. Ayres found that
log W(K)) = -1/4 log g + (7/4£1/2) log T ge + 1/4 log T
+ 1/4 log Ayep * const . 8)

where TkR is the total nonradiative heating rate and Amet is the metal abundance.
The coefficients are close to the empirical relation [Eq. (6)] and the derived width
ratio w(kl)/w(xl) % 2.5 is consistent with the stellar value of 2.5 %+ 0.3 estimated
by Ayres et al. (1975) and the sclar value of =2.3.

Ayres {(1979a) further assumed that the K, emission peaks are formed just out-
side of the Doppler core and that the line source function is a maximum at one ther-—

malization length below the top of the chromosphere. These approximations lead to
log W(Ky) = ~1/4 log g - (5/4%1/2) log To5¢ = 1/4 log YhR
- 1/4 log A + 1/2 log £ + const R (9
where £ is the turbulent broadening velocity. The Mg I1I-Ca II emission peak

separation ratio based on the above relation is W(kz)/W(Kz) = 0.9.

Several important conclusions can be drawn from this work:
(1) Both W(Kz) and W(K,) scale as gwlj&

independent of gravity -- the former owing to the dependence of chromospheric

if the total nonradiative heating is

electron density on gravity and the latter owing to the dependence of chromospheric
thickness on gravity. Because both W(K,) and W(Kl) scale with gravity in the same
way, it is reasonable that every width between K1 and Ko» in particular Wo, should
also scale the same way. The theoretical gravity dependence is consistent with the

~-0.22

lutz~Pagel scaling law Wy~ 8 , and explains why the width-luminosity laws for

W N(Kl) and W(Kz) have essentially the same slopes (Cram et al. 1979).
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(2). Ayres (1979a) found that W(K2)~El/2 not ~£1 as generally assumed. This is
a result of placing the K2 feature just outside the Doppler core, in the Lorentzian
damping wings. The assumption of Lorentzian control at K, is based on the argument
that the solar Ca II emission peaks limb darken (Zirker 1968), which suggests sig-
nificant coherent scattering, and thus little Doppler redistribution, where K, is
formed. Engvold and Rygh (1978) estimate that on the average W(KZ)/AxD = 3.440.2
for their sample of 26 stars, which suggests that K, is formed just outside the
Doppler core. Consequently, the W(K,) and W, width-luminosity relations can be
explained simply as a gravity effect without having to invoke highly supersonic
turbulence in stellar chromospheres.

(3) Ayres predicts that W(K,) should decrease with ’%R’ while W(K,) should
increase with ¥

NR*
profiles of Ca II (e.g., Smith 1960; Shine and Linsky 1972) with those of the mean

A good test of this prediction is found by comparing solar plage

quiet Sun., In particular, the unonradiative heating rate is large and easily esti-
mated in plages and the stellar parameters of a plage are the same as those of the
quiet Sun. The Ca II plage observations and corresponding data for the k line are
consistent with the 1kR dependence of the W(KZ) and W(Kl) scaling laws, In addi-
tion, the K line FWHM (approximately equal to WO) appears to be independent of ThR,
which is in accord with Wilson's (1966) result that W, appears to be independent of
the strength of the emission feature. Furthermore, Linsky et al. (1979a) find rough
agreement between measured Ky widths of a large sample of stars and the gravity and
chromospheric heating rate dependences given in Eq. (8).

Finally, I comment on the calculations of Basri (19795, which cast the whole
question of the interpretation of width-luminosity relations in a new light. Basri
has made a number of prototype PRD calculations of line profiles for chromospheric
models of late-type supergiants., His goal was to determine the factors involved in
the formation of the emission widths of self-reversed chromospheric resonance lines
under conditions of extreme coherency in the line wings. The PRD effects wer e
expected to be particularly severe in supergiants owing to the very small
collisional redistriubtion rates in the low density envelopes of such stars.

One set of Basri's calculations assumed a Voigt profile with parameters
a=25x 10-4, ge=5x 10'6, and Fg=1x 10-9 formed in an isothermal atmosphere.

As shown in Fig. 4, he finds that the emergent line profile can have a self-reversed
character for small values of the incoherence fraction A and Ty, the ratio of con-
tinuum to line center opacity, even though the atmosphere is isothermal and there-
fore has no temperature inversion. The origin of the phantom "Kl" minimum feature
is as fpllows: Outside the Doppler core the photon scattering becomes more coherent
with increasing ax = AA/AXD, and the monochromatic source functions rapidly decouple
from the line center source function (which itself is close to the local Planck
function) such that the emergent intensity decreases with increasing Ax. The in-

tensity then rises in the far wings as the monochromatic source function begins to
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Figure 4. Line profiles for an isothermal atmosphere (Basri 1979, Fig. 4.3).

include a significant contribution from the assumed purely thermal background con-
tinuum. The extent to which the phantom K; feature occurs depends on the relative
impor tance of the competing terms. Increasing coherence (decreasing A) tends to
emphasize this Schuster~type process (Mihalas 1970), while increasing collisional
redistribution (increasing A) or increasing continuum absorption (increasing ro)
deemphasizes it, In addition, Doppler drifting -~ the frequency diffusion of
photons with each "coherent" scattering owing to residual Doppler motions —— tends
to increase the probability of core photons wandering into the line wings. The
redistribution of core photons increases the effective nencoherent scattering term,
which in turn raises the Ky minimuym over the pure coherent case. In fact, Basri
found that microturbulence can influence the location of the Ky feature even though
Ky is formed far from the Doppler core, by enhancing the Doppler drifting mechanism.
Basri's calculations demonstrate the critical importance of properly treating fre-
quency redistribution for very coherent cases and the potential dangers of naively
assuming that the K; minimum feature is formed at the temperature minimum in ex-
tremely low gravity stars.

As 2 test of what mechanisms affect line profile shapes in realistic supergiant
chromospheres, Basri considered the Mg II k line for the not extreme example of B
Dra (G2 1I), for which W(kl) = 2.5 A. Figure 5 depicts atmospheric parameters for
solar-type temperature distributions (Models A and A') with Tmin at log mp = -1 g
em 2 and a supergiant-type temperature distribution (Model B) with T, shifted
inward in mass by a factor of 100, For Model A, with & maximm turbulent velocity
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Figure 5. Atmospheric parameters for g Dra models (Basri 1979, Fig. 4.7).

1

in the chromosphere of 10 km s * and either the gravity of the Sun or B Dra, w(kl)

occurs near 0.5 &, By increasing the chromospheric temperature gradient {Model A')
to produce a strong emission profile for B Dra, Basri finds that W(kl) is about

1.5 A, even when the microturbulence is increased to the highly supersonic value of
30 km s”L.

emission features.

However, the large values of microturbulence tend to wash out the k2
Basri concludes that microturbulence by itself cannot be a
viable explanation of the W(kl) - M, or N(Ki) - M, relations in superglants,
although highly supersonic microturbulence can broaden Wpe

Alternatively, increasing the mass column density down to the temperature
minimum (as is done in Model B) results in w(kl) = 1.5 A (see Fig. 6), even when
mein is increased without limit. The apparent lack of semsitivity of W(kl) to
chromospheric column densities occurs because the ky minimum feature is strongly
decoupled from the temperature structure (as was seen in the isothermal example).
The location of k1 is now determined by the balance of coherent and noncoherent
processes. In particular, Doppler drifting is an important incoherence term which

can be enhanced by increasing the microturbulence. Basri finds that w(kl) can be
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broadened to the observed value of 2.5 A simply by using a barely supersonic
microturbulence of 8 km s ' (Model B' in Figs. 5 and 6).

The prototype supergiant calculations leave us with the following unanticipated
results: (1) k1 and K, need not be formed at the temperature minimum. (2) Neither
the turbulent velocity nor the mass column density explanation for the W(Kl) - Mv
relation is viable by itself., (3) Microturbulent velocities can play an important
role in determining W(kl) and W(Kl) via the Doppler drifting mechanism. Even though
these conclusions refer to the perhaps extreme case of low density supergiant
chromospheres, the most important message is that it is essential to solve the
transfer equation properly before one can make meaningful statements concerning the

physical basis of width-luminosity relations.

V. ARE THERE SYSTEMATIC FLOW PATTERNS IN STELLAR CHROMOSPHERES?

Until now we have been concernéd with the interpretation of chromospheric line
intensities and widths. These data provide valuable information on thermal struc-
ture and random nonthermal velocities in chromospheres, but they do not contain
useful information on systematic flow patterns. Line profile asymmetries may pro-
vide such information with proper interpretation, and in fact they are the only
means at present of studying chromospheric systematic velocity fields. Because the
analysis of line asymmetries is complex, I first consider available theoretical

calculations of profiles of optically thick chromospheric lines in the presence of
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systematic flow patterns, and then consider the extent to which sclar and stellar
data can be understood in terms of these models.

(1) Athay (1976) has emphasized the caution with which one should approach the
question of determining velocity fields from line asymmetries. He provides examples
of velocity fields for which even absorption line profiles predict the wrong sign of
the flow vector. Needless to say, the analysis of optically thick self-reversed
emission cores is more complex and must be undertaken with care.

(2) Using as a test case the Ca II K line formed in the solar chromosphere,
Athay (1970) and Cram (1972) have shown that asymmetries provide information on
velocity gradients in the line formation region but not on the magnitude or even the
direction of the flow in any specific atmospheric layer. For example, Athay (1970)
showed that downward motions of 10-20 km s'1 in the region of K3 formation shift K3
to the red, thereby moving absorbing material (material with a smaller source
function than the underlying material producing the KZ emission peaks) so as to
partially obscure the KZR emission peak and uncover the KZV emission peak. The net
effect is to produce brighter emission at K,; and weaker emission at K,p, and
AAK > 0. Unfortunately, the exact same asymmetries are produced by assuming upward
motions of 3-7 km 3-1 in the Kz—forming region and no systematic velocities where K3
is formed. What I refer to as “"blue asymmetry,” I(sz) > I(KZR) and AAK3 > 0, thus
only provides information on the systematic vertical velocity gradient, specifi=-
cally, that dv/dh < 0, but no unique information on absolute vertical velocities
anywhere, Similarly "red asymmetry,” that is I(KZV) < I(KZR) and AAK3 < 0, implies
only that dv/dh > 0.

(3) Vertically propagating waves with scales between the microturbulent and
macroturbulent limits ("mesoturbulence”) and which are nonsinusoidal in character,
can also produce line asymmetries. Shine (1973) has synthesized Na D profiles for a
solar chromosphere model permeated by shock waves (approximated by vertically propa-
gating sawtooth waves). He finds that the basic asymmetry of the sawtooth function
produces time—-averaged absorption profiles with line center shifted to the red, and
the blue wing brighter than the red wing. Shine's calculations suggest that verti-
cally propagating shock waves can produce blue asymmetries in chromospheric emission
cores that might be mistaken for the symptoms of downflows where Kq 18 formed.

(4) Heasley (1975) has synthesized the Ca II resonance and infrared triplet
lines for models of the solar atmosphere including upward propagating acoustic
pulses, perturbations in the local temperature and density induced by the pulses,
and resultant changes in the line source functions, all self-consistently. He finds
that the passage of a pulse through the chromosphere produces first a blue asymme~
try, owing to upward motion where K, is formed and no motion where K3 is formed, and
then a red asymmetry, owlng to upward motion where K3 is formed and no motion where
K, is formed. The effect of including the density and temperature perturbations

associated with the pulse is to enhance hydrogen ionization. The increased electron
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density in turn drives the collision—dominated line source function closer to the
Planck function, thereby enhancing the K2 emission. In fact, he notes that the
dominant influence on the Ca II line source functions ig not the velocity field of
the pulses, but rather the atmospheric perturbations. Furthermore, the pulses do
not change the wavelengths of the Ky peaks, only their strengths.

The mean quiet Sun K line profile (e.g. White and Suemoto 1968) and the in-
tegrated solar disk K line profile (Beckers et al. 1976) both show blue asymmetry,
as do the Mg II resonance lines (Lemaire and Skumanich 1973) and Lo (Basri 32_523
1979). To interpret this asymmetry, we can take advantage of the high spatial
resclution spectra that can be obtained from the Sun. Such spectra in the K line
(e.g., Pasachoff 1970; Wilson and Evans 1972) show a variety of single and double
peak profiles with red and blue asymmetry, but relatively constant Kz peak wave-
lengths, consistent with Heasley's (1975) calculations. The real clue to the cause
of the blue asymmetry seen in the whole Sun K line profile is provided by the high
spatial resolution time~sequence spectra of Liu (1974). These data show intensity
perturbations that travel from the far wings toward line center and produce a strong
blue asymmetry when the disturbance reaches the line core. Liu (1974) and Liu and
Skumanich (1974) have interpreted this behavior in terms of local heating of the
chromosphere by upward propagating waves. The important message for us is that the
solar blue asymmetry is very likely produced by something analogous to Heasley's
acoustic pulses, that has the largest effect. on the K line profile at those phases
when the temperature and density perturbations, and the upward motions are all posi-
tive in the chromospheric layers where K, is formed. However, the net blue asymme-—
try tells us nothing about the direction or magnitude of the solar wind or the
nature of poseilble circulation patterns in the solar chromosphere.

With this background we can consider the stellar data. Profiles of the Ca II
and Mg II lines in F-K main sequence stars (cf. Linsky et al. 197%a; Basri and
Linsky 1979) typically have blue asymmetry, like the Sun, symptomatic of upward
propagating waves in their chromospheres if our solar explanation is correct.

The G and X giants exhibit more complex behavior. Arcturus (X2 IlI}, for
example, shows.Mg II line profiles with pronounced red asymmetry that did not change
during 1973-1976 (McClintock et al. 1978), whereas Chiu et al. (1977) find that the
K line asymmetry is variable in their data and in previous work going back to 1961,
with blue asymmetry perhaps more common. Chiu et al. (1977) have modeled the red
asymmetry Ca II and Mg II line profiles with a mass flux conservative stellar wind;
that is, the outflow velocity is inversely proportional to the density and therefore
increases rapidly with height. Such a velocity field produces red asymmetries in
both the Ca II and Mg II lines, as expected from Athay's (1970) analysis for
dv/dh » 0. ‘The derived mass loss rate from the best fit models is 8 x 10“9 M@ yr_
and the ocutflow veloecity 1s 13 km s-l

1

at t(Kq) = 1. The gquestion remains, however,

why Arcturus can have simultaneously a blue asymmetry Ca II profile and a strongly
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red asymmetry Mg II profile. McClintock et al. (1978} argue that the deep absorp-
tion feature at -38.3 km s-1 that produces or contributes to the red asymmetry of
the Mg II profiles is very likely not interstellar absorption and must. therefore be
intrinsic to the star. Possible explanations for the opposite asymmetries include
large systematic velocity gradients in the chromosphere (the Mg II lines should be
formed slightly higher in the chromosphere than Ca II) or an expanding circumstellar
envelope with large Mg II column density and small Ca II column density, presumably
owing to ionization of Ca+. The latter possibility may be correct, because the
slightly cooler giant Aldebaran (K5 III) has Mg II line profiles very similar to
Arcturus (van der Hucht et al. 1979), but Ca II lines which contain variable, weak
¢ircumstellar absorption features blue shifted by about 30 km g1 {Reimers 1877;
Kelch et al. 1978). Reimers (1977) has designated such circumstellar components
"Ké."

Stencel (1978) found a statistical trend of K line blue asymmetry for giants
hotter than spectral type K3 and red asymmetry for glants cooler than K&4. The
location of Stencel's Ca II asymmetry dividing line in the H-R diagram is depicted
in Fig. 7. If blue asymmetry is symptomatic of upward propagating waves but no
large wind. in the chromosphere, and red asymmetry indicates the presence of a
significant outward mass flux and possibly also a circumstellar shell, then the
dividing line indicates the onset of massive winds in stellar chromospheres. Most
recently, Stencel and Mullan (1979) (cf. Copernicus data of Weiler and Oegerle 1979)
have determined a locus in the H-R diagram (see Fig. 7) where the Mg II resonance
lines change their asymmetry in & manner similar to that found by Stencel (1978) for
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Figure 7. Transitlon region dividing line (Linsky and Haisch 1979), Mg II (M)
asymmetry dividing line (Stencel and Mullan 1979), Ca II (C)
asymmetry dividing line (Stencel 1978), and circumstellar (CS)
dividing line (Reimers 1977).
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H and K. The Ca II and Mg II dividing lines are located slightly to the right of
that proposed by Linsky and Haisch (1979) to separate stars exhibiting high excita-
tion emission lines characteristic of a solar~like transition region (material at
20~-250 x 103 X) from stars showing only chromospheric emission lines (material at
less than 104 K). Taken together these data suggest that cool stars fall into two
distinct classes: those with outer atmospheres consisting of chroﬁospheres, transi-
tion regions, and presumably alsoc hot coronae; and those with chromospheres and
massive cool winds.

Mullan (1978) has attempted to explain the apparent onset of massive winds in
the early K stars. He proposes that the location of the point where the stellar
wind becomes supersonic moves deeper into the stellar atmosphere as gravity and
effective temperature decrease. Haisch et al. (1979) have shown that Lo radiation
pressure may play an important role in initiating the cool stellar winds. The
cooling effect of the wind may explain the following:

(a) For giants with color index (V-R) < 0.80 (about spectral type KO III), the
stellar wind is optically thin, but the energy associated with the magss flow is
about equal to the nonradiative energy that would otherwise heat a hot corona. Such
stars therefore do not have coronae and fall to the right of the Linsky-Haisch
dividing line. However, the transonic point of the wind lies above the region where
the Mg Il lines are formed, consequently the Mg II lines are symmetric or show blue
asymmetry. These stars therefore fall to the left of the Mg II asymmetry locus.

(b) For giants with (V-R) > 0.85 (about spectral type K2 III), the wind now
affects the upper chromosphere where the Mg II lines are formed. The wind reverses
the Mg II asymmetry and the mass loss rate rises because the transonic point has
penetrated. into. the chromosphere where the density 1s high.

(¢) For giants with (V-R) > 1.00 (about spectral type K4 III), the transonic
point occurs well into the middle chromosphere where H and K form. The Ca II lines
acquire red asymmetry and the wind now carries enough material to produce observable
circumstellar features.

In cool supergiants like & Gem (G8 Ib), ¢ Peg (K2 Ib), £ Cyg (K5 Ib), and o Ori
(M2 lab), the Ca II and Mg II line asymmetries (cf. Linsky et al. 1979a; Basri and
Linsky 1979) are dominated by apparent circumstellar absorption and it is difficult
to determine the asymmetry of the unmutilated chromospheric line. The problem of
the intrinsic asymmetries of chromospheric emission cores in supergiants is further
complicated by the following points: (1) ¢ Gem shows apparent circumstellar
absorption. features at both positive and negative velocities. (2) The Mg II k
profile of o Ori and presumably other stars is multilated by overlying circumstellar
Fe 1I and Mn I absorption lines (cf. Bermat and lambert 1976; de Jager et al.

1979).  (3) Basri (1979) has constructed a chromospheric model for o Ori to match
the Ca II and Mg II line profiles. He finds that broad, flat-bottomed reversals in
the Ca II lines are easily predicted by the chromospheric model without including
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any circumstellar shell whatsoever. Consequently, our rather casual identification
of circumstellar features in chromospheric lines of supergiants must be recon-
sidered.

Not all cool supergiants show "circumstellar" features. In particular, g Dra
(G2 1I) exhibits Ca II profiles with very strong blue asymmetry and Mg II profiles
with less pronounced blue asymmetry (see Fig. 8). Basri (1979) has modeled these
data using a comoving PRD code and a vertical velocity (see Fig. 9) that Increases
with height. Such a velocity field is consistent with the data, but it is perhaps
unphysical and, as noted above, upward propagating waves can produce the same kind
of asymmetry.

Variable asymmetry in chromospheric emission lines may turn out to be common
in late-type stars as specific stars are monitored for long periods. For example,
Hollars and Beebe (1976) have noted changes in the K line of o Aqr (G2 Ib), and
Dravins et al. (1977) have found K line asymmetry changes in the § Scuti star
p Pup. O'Brien and Lambert (1979) have reported variable He I 110830 emission from
al Her, which may result from a shock front created when high-velocity gas accretes
onto the photosphere of ol Her. O0'Brien (1979) has also reported A10830 observa-
tions of a number of F-M stars. Many show variable absorption or emission, and
a Aqr shows evidence of enormous outflow velocites of nearly 200 km s-l.

The interpretation of asymmetries in chromospheric lines (Balmer series, Ca 1T,
Na I) of T Tauri stars is a matter of dispute. Blue shifted absorption components
in these lines have generally been interpreted as symptoms of a strong stellar wind
(e.g. Herbig 1962). Nevertheless, Ulrich (1976) has demonstrated that nonspher-
ically symmetric accretion can produce apparent blueshifted absorption components
from an infalling postshock gas. Ulrich and Knapp (1979) find that absorption
components in Ho are not reliable indicators of gas flow direction, contrary to the
common presumption, but instead the Na D line absorption features are more reliable
flow-vector diagnostics. They conclude that accretion occurs in the major fraction
of T Tauri stars and that discrete clouds of ejected material, perhaps due to

flares, continually pass through the generally infalling gas.

I wish to thank Drs. T. R. Ayres and. G.. S. Basri for their comments on the
text, and many collegues for sending me preprints and unpublished data for inclusion
in this paper. This work was supported in part by NASA through grants NAS5-23274
and NGL-06-003-057 to the University of Colorado.
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Figure 8. Computed B Dra Ca II and Mg II profiles (Basri 1979, Fig. 5.3).
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OBSERVATIONS OF THE OUTER ATMOSPHERIC REGIONS OF o ORIONIS

A.P. Bernat and L. Goldberg
Kitt Peak National Observatory*
Tucson, AZ B5726, U.S.A.

Abstract

We present three separate cbservational studies of mass flows above the photo-
sphere of o Ori (M2 Ta-Ib). fThe Ca II infrared triplet lines and Ho are asymmetric
showing a systematic blue shift with decreasing residual intensity. These lines re-
main fixed in wavelength although the weak photospheric lines vary by *4 km/sec. 0b-
servations of the 4.6u vibration-rotation spectrum of CO show two sharp, cold compon-
ents expanding at velocities of 10 and 17 km/sec relative to the centre of mass.
Direct photographs of the shell in the light of KI 17699 show that the cold shell is
asymmetric and extends outward to at least 50".

Details of these studies are either in press or will be submitted to "The Astro-

physical Journal".

* Operated by the Association of Universities for Research, Inc. under contract with

the National Science Foundation.



STELLAR WINDS AND CORONAE IN COOL STARS

A.K. Dupree and L. Hartmann
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ABSTRACT

Recent observational and theoretical results are reviewed that pertain
to the presence and characteristics of stellar coronae and winds in late-
type stars. It is found that stars - principally dwarfs - exist with
"hot" coronae similar to the Sun with thermally driven winds. For stars.
at the lowest effective temperatures, and gravities characteristic of
supergiant and giant stars, high temperature (mlosK) atrospheres are
absent (or if present are substantially weaker than in the dwarf stars),
and massive winds are present. There also exist "hybrid" examples - lumi
nous stars possessing both a "hot" corona and a supersonic stellar wind.

Constraints for theoretical models are discussed.

1. INTRODUCTION

The study of stellar chromospheres, coronae, and winds has received new
impetus from recent ultraviolet and X-ray observations. A general out-
line of the presence and behavior of chromospheres and coronae in late-
type stars is beginning to emerge from this new data. In this review,

we emphasize the results of the ultraviolet observations, and make com-
parisons with existing theory. The X-ray data are more preliminary so

these are considered briefly. Finally, we treat mass loss in the late-
type stars, concentrating particularly on the relationship of gas temp-

erature to wind structure.

Optical spectra of most cool stars (Teffg,ﬁsoox) present an emission
core in the Ca II (A3934, A3968) lines which has long signaled the pres-
ence of an atmospheric region hotter than the stellar photosphere, and
by analogy with the Sun, called a chromosphere. The first ultraviolet
measurements were principally of the strong resonance lines, Mg II, O I,
and C II which gave evidence for additional chromospheric material at
temperatures up to 40,000K. In two stars - Procyon (a CMi) and Capella
{Alpha Aur) - species at temperatures 3 x 1OSK were detected {Dupree
1875; Evans, Jordan, and Wilson 1975; Vitz et al. 1976). X-ray measure-
ments, sensitive enough to detect single "normal" stars or well-separated
binaries were sparse, but a few sources-Capella (G5 III + GO III), Eta
Bootis (GO IV), Vega (A0 V), Alpha Cen A (G2 V)-had been detected in the
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soft X-ray band ~0.2 -1 keV (Catura, Acton, and Johnson 1975; Mewe et al.
1975; Topka et al. 19789; Nugent and Garmire 1978). From this meager
sampling, it was possible to say that stars had chromospheres and corona€
- perhaps similar in structure to the Sun in the case of Procyon (Evans,
Jordan, and Wilson 1975) but more like a solar active region in Capella
(Dupree 1975).

That substantial mass loss occurs in luminous cool stars has been known
for quite some time (Deutsch 1956, 1960) from”"optical work. More recent
observations in UV lines have expanded knowledge of mass loss, including
cases where optical circumstellar lines are not seen (e.g. Dupree 1876).
The detection of circumstellar lines of low excitation ions clearly showed
that such winds are not coronal - that is, driven by thermal expansion -
but must be accelerated by some other process (Weymann 1962). Since
dwarfs are presumed to have solar-type coronal mass loss, a transition
between the two extreme cases - hot coronae and cool winds - must occur
somewhere in the H-R diagram. Reimers (1977) suggested that the disap-
pearance of optical circumstellar lines below an observational line in
the H-R diagram was related to the increasing ionization in the circum-

stellar envelope.

It is clear that a knowledge of the temperature structure of late-type
stellar atmospheres and envelopes is extremely important in understanding
the nature of mass ejection. Such information is not readily derivable
from optical data. With the advent of UV and X-ray measurements, which
probe high temperature material, it is now possible to discern the general
outline of the presence or absence of hot gas and its correspondence with
mass loss. Such an understanding is preliminary, because of incomplete-
ness of data and also becausec of observational selection effects, but

our knowledge of stellar coronae and winds has advanced markedly in the

last year or two.
2. ULTRAVIOLET OBSERVATIONS

a) Dwarf Stars

Ultraviolet spectra of late-type '"‘quiet" dwarf stars appear generally
similar to that of the Sun in the presence of lines typical of the solar
transition region and corona (see for instance Brown, Jordan, and Wilson
1979; Dupree et al. 1979; Dupree 1980; Linsky and Haisch 1979; Linsky
et al. 1978). The line ratios and surface fluxes are usually within a

factor of 2 or 3 of solar values.
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The active dwarfs defined as those with strong Ca II emission, and flare
stars show a similar spectrum; however the surface flux of the lines is
larger than solar values, by factors of 4 to 20 and is remarkably inde-
pendent of photospheric temperature (Hartmann et al. 197%a). The single
dwarf stars confirm the presence of chromospheres, transition regions,
and coronae that are similar to the sclar atmosphere although the active
stars have radiative losses at a rate comparable to those found in solar

active regions.

b} Giant Stars

In the more luminous stars the character of the atmosphere appears to
change more dramatically from the solar prototype. Figure 1 illustrates
typical spectra of single giant stars. It is important to notice that
the signal-to-noise ratic is not optimum in many of these spectra and
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Figure 1 - IUE spectra of selected single giant stars arranged in order
of decreasing effective temperature. Note the strong O I and 8i II lines
and the apparent presence of C IV in 8 Crv and 8 Gem. Geocoronal Ly-a
has been truncated in this figure as has 0 I in B8 Gem and B And.
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that an inference concerning the presence or absence of C IV as an ex-
ample, is particularly difficult for many stars. The spectra are domi-
nated by the lines of Si II and C I, all species formed at T  ~ 104K.
The strong O I multiplet at A1302 is also indicative of these tempera-
tures if the line formation is collisionally controlled; however, in
the luminous cool stars this line may be enhanced through radiative ex-
citation by Ly-B. High temperature species as indicated by C IV (AISSU}
appear to be present in Beta Crv (G5 III) (bafed on 3 exposures) and in
two exposures of Beta Gem (GO III) (see also Carpenter and Wing 19785)
although Eta Dra (G8 III) does not show C IV - again based on multiple
exposures. The character of the spectrum changes quite dramatically
with 8 And (MO III), with only low temperature lines present. Identifi-
cations are difficult at low dispersion. However it is clear in this
star that lines of Fe II and S I are present, while NV, C IV, and Si IV
are not apparent.
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Figure 2 - IUE spectra of 3 supergiant stars: B Aqr (GO Ib); a Aqr
{G2 Tb); and Vel (K5 Ib) showing low excitation lines in all and the
presence of high temperature species C IV and NV in a and B8 Aqr only
{From Hartmann, Dupree, and Raymond 1979b),
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¢} Supergiant Stars

IUE spectra of 3 supergiant stars (Fig. 2) show the dominance of 0 I and
Si II as noted in the giant stars, additionally probably fluorescently
excited lines of low excitation species C I, S I, Fe II near A1450 and
most importantly the clear presence of C IV and N V in the spectra of

¢ and 8 Aqr (Hartmann, Dupree, and Raymend 1879b). The spectrum of

X Vel in fact is very similar to that of B And. The supergiant « Ori
(M2 1) also shows no evidence of high temperature material (see for in-
stance Linsky and Haisch 1979) but its spectrum is substantially differ-
ent from A Vel. The stellar surface fluxes of high temperature lines
are approximately equal to 3 or 4 times the solar surface flux in o and
8 Aqr but lower by a factor of ~100 for X Vel (Hartmann, Dupree, and
Raymond 1979b; Dupree et al. 1979).

The chromospheric lines of Mg II (see Fig. 3) for these stars show the
blue-red asymmetry that has been associated with a differential chromo-
spheric expansion. However both B and a Aqr show also the presence of
narrow absorption components in the cores and wings of the lines that
correspond to supersonic velocities up to ~125 km s*!. These features
are found in the Ca K profiles as well (Hartmann et al. 1979b). Thus in

o and B Aqr we find a corona coexisting with a massive stellar wind.

These data are remarkable for demonstrating that high-temperature gas
is not inconsistent with substantial mass loss. In addition, some of
the ''cool" chromosphere lines in i Vel are present in these G super-
giants as well, clearly showing the hybrid nature of the spectrum. The

terminal velocity of the shells at ~-100 knm s7t

is also significant in
that they are intermediate between solar wind velocities and typical
cocl supergiant velocities ~-20 km s_l. Thus these objects may well

represent the transition between solar-type winds and cool outflow.

3., OVERALL PRESENCE OF HOT PLASMA

The C IV doublet (A1550) can be used to indicate hot plasma with temp-

5K - and by analogy with the Sun - we infer the presence

eratures 2 x 10
of a transition region or corona in these stars. Figure 4 contains a
compilation of results from many IUE spectra (Brown, Jordan, and Wilson
1979; Carpenter and Wing 1979; Dupree et al. 1979; Hartmann et al. 1979
a, b; Linsky and Haisch 1979; Wing 1978). It is apparent that the dwarf
stars (luminosity class V) consistently show evidence for C IV, but the
more luminous stars (class I and II) show more varied behavior. The

coolest stars (spectral type M and later) give no evidence of C IV as
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Figure 3 - Strongly asymmetric Mg I1I emission in 3 supergiant stars
{Hartmann, Dupree, and Raymond 1979b). Note that the narrow absorption
features in the core and blue wing of the lines of o and B Aqr are not
as prominent in the spectrum of X Vel.
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Wing (1978) first noted for v Cru (M3.4 IIIb). At G and K spectral
types there is not a clear change with effective temperature. Along
the giant branch, both types occur at spectral type G8, for instance;
in the supergiant stars we find the so-called hybrid atmosphere discus-
sed earlier. The stars showing both C IV and low excitation species
lie near the onset of the appearance of circumstellar lines (Reimers
1977) and near the "supersonic transition locus proposed by Mullan
(1978) that we discuss later.

Linsky and Haisch (1979) suggested that there were two types of atmos-
pheres - solar and non-solar, that the division was sharp between these
types at spectral type KO III, and they speculated that the presence

of a massive stellar wind would suppress a corona and eliminate high
temperature species. The addition of more data shows that the situation
is more complicated. The ''division" between hot and cool atmospheres

is not at all sharp. Cool atmospheres dominate at a later spectral type
than shown by Linsky and Haisch, and hybrid atmospheres exist that ex-
hibit both high temperature lines and substantial mass loss. There 1is
other, more subtle behavior in the line ratios of C II, C IV, and O I
emphasized by Brown, Jordan, and Wilson (1979) that support a smooth
change in atmospheric structure with decreasing effective temperature.
Generally speaking however, stars with large mass loss rates show the
coolest emission features and apparently have weak or nonexistent coronae,

These differences of interpretation emphasize the problem of selection
effects with small samples of stars. Observers have focussed on bright
stars that in many cases possess active chromospheres; additionally,
binary systems show enhanced fluxes that may be attributable to rotation.
It is not easy to detect C IV in many stars. Many observations do not
have sufficient signal-to-noise ratios. Spectra of stars near spectral
type GO III and earlier suffer from direct continuum emission and scat-
tered light in the IUE instrument at short wavelengths. We cannot be
sure that the open circles in Fig. 4 are stars without 105K gas; we can
merely place upper limits on its presence.

6K - from the
flux in the He II, A1640 transition. In solar active regions this transi-

We can infer the presence of still hotter material at T~10

tion can be enhanced by recombination following photoionization (Raymond,
Noyes, and Stopa 1979). In active dwarf stars the line flux confirms the
direct measurement of soft X-rays (Hartmann et al. 197%). The presence

of the 11640 transition in the supergiant spectra suggests that a hot
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corona may well exist on these stars; detection could be difficult if
soft X-ray emission is absorbed by a substantial extended atmosphere.
Whereas dwarf stars show He II A1640 (Dupree et al. 1979, Hartmann et al.
1979a), it is interesting that the spectrum of the T Tauri star RU Lupi
has very weak, if any A1640 emission, (Gahm et al. 1979) suggesting that
relatively little coronal material is present.

X-ray measurements from the Einstein Observatgry (HEAO-2) could of coursé
give direct information on the highest temperature plasma in these stars,
but the data are in a early stage of assessment. The data are consistent
with the picture suggested by the ultraviolet results. It is not yet
known whether cool supergiants have substantial coronae; the upper limits
on corconal emission from very luminous stars can be lowered when exposuI®
times are longer (Rosner 1979). At present, many of the objects in the
stellar surveys are faint and have not becn well studied optically (Vaian?
et al. 1979). Their luminosity classes, activity, or possible binary
nature are not known in most cases. The X-ray observations should shortly
provide important advances in understanding the high temperature plasma
in the atmospheres of cool stars.

These observations are beginning to provide some constraints for theories
of coronal heating and structure. The radiative losses in a wide variety
of single stars vary by a factor of~l0 in Mg II (Basri and Linsky 1979)
and by a factor of about 100 in higher temperature lines. The ultraviolet
emission is independent of stellar effective temperature for active
dwarfs, and in general appears to be more dependent on log g than on Te-
And, in several cases, stars of the same spectral type and gravity ex-
hibit guite different unltraviolet surface fluxes. To date no single
theory appears to be successful at reproducing these results.

4, MASS LOSS

Line profiles in the optical and ultraviolet have been used to determine
the onset and presence of mass loss among late-type stars. Reimers (1877}
investigated circumstellar lines in the optical spectra to define abound-
ary in the HR diagram (see Fig. 5). Additionally blue and red Mg II and
Ca Il asymmetries occur systematically over a large region (Stencel 1978;
Mullan and Stencel 1979). The locus of the absence or weakening of C IV

in the coolest stars as taken from Fig. 4 is also shown in Fig. 5.

In the coolest stars substantial mass loss occurs, and these regions
correspond to a weakening of the C IV line, and by inference, a corona.
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Pi%ure 5 - The appearance of various spectral features as a function of
color and luminosity. C IV emission is prominent to the left of the
solid line; the ratio of red:blue emission peaks for Mg II and Ca II is
greater than 1 to the right of the appropriate broken lines (Stencel
1978; Mullan and Stencel 1979). Circumstellar features are found above
the long broken line (Reimers 1977).

There is not a complete anticorrelation of mass loss with high tempera-
ture gas however, as shown by the observations of the supergiants a and
B Aqr. While the interpretation of Ca II and Mg II asymmetries is open
to argument, this figure suggests a gradual increase in mass loss towards
lower effective temperature, with the detection of mass loss in the weak-

est lines occurring only for the largest mass loss rates.

To date, the most popular theory of mass loss for luminous cool late-
type stars is that of radiation pressure on dust (Gehrz and Woolf 1971;
Kwok 1975). However, it seems very unlikely that dust forms in the vast
majority of late-type stars, so that it is clearly not a universal mecha-
nism. The original work of Durney (1973) has been extended by Mullan
(1978) who recently introduced the concept of the "supersonic transition
locus', where the sonic points of isothermal coronae are supposed to
penetrate down to the top of the chromosphere, resulting in an abrupt
enhancement of mass loss from the action of spicules ejecting matter.
The semi-empirical calculations assume that Hearn's (1975) minimum-flux
corona theory is applicable. The concept of a minimum flux corona is
very controversial (see the review by Cassinelli 1979), and the calcula-
tion itself is based on a scaling of empirical pressures that is now

known to be uncertain (Baliunas et al, 1979).
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A suggestion duc originally to Wilson (1960), that Ly-o radiation pres-
sure can drive mass loss, was recently investigated by Haisch, Linsky,
and Basri (1979) in the context of the K2 ITIp star o Boo. They calcu-
late a Ly-a flux based on a sophisticated radiative transfer solution,
but use the optically-thin approximation for the force calculation and
neglect velocity gradients in the transfer. Their results show that
Ly-a pressure may be larger than gravity over a small volume, but that
the total momentum added is vastly insufficient to generate mass loss,
so that Alfven waves are suggested as the driving mechanism. This mecha-
nism is very sensitive to the ionization state of the gas. If the ma-
terial is too cold, then Ly-a is so optically thick that the force is
negligible. If the gas is too hot, insufficient neutral hydrogen is
available to absorb radiation. Since the temperature distribution
adopted by Haisch et al. is not uniquely determined by the observations,
it is unclear whether these flows actually become supersonic from Ly-o
radiation pressure,

One attractive possibility, suggested by observations of strong turbu-
lence in supergiant atmospheres and chromospheres, is that the mechanical
energy in various [orms of the turbulence can be deposited in such a way
.as to drive mass loss. Hartmann and MacGregor (1979) have investigated
the behavior of acoustic and magnetic wave modes as a function of stellar
gravity for surface wave fluxes comparable to solar values. These waves
are in principle more effective than radiation pressure in Ly-o which repreé”
sents only a fraction of the mechanical energy fluxes available for
driving winds. Wave modes other than light carry a factor v/c more
momentum than light for a given energy flux, where v is the mode speed.
This factor is typically ~10" for sound and magnetic waves, so that the
potential for driving mass loss with such waves is considerably greater

than for photons.

The calculations show that while shocks can account for chromospheric
heating, their dissipation lengths are generally too short to be effec-
tive in initiating outflow. In Fig. 6 we show some static chromospheric
calculations for representative wave periods. The temperature rise in
units of pressure scale heights is more gradual in low gravity stars,
although these waves do not explicitly account for the transition-region
corona interface. A suggestive feature of these results is indicated in
the temperature structures calculated for longer-period waves with larger
dissipation lengths. In dwarfs, increased dissipationwithheight causes
an increase in local gas temperature, but the opposite occurs at super-
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Figure 6 - Chromospheric temperature structures for dwarf (solid line)
supergiant (broken line) gravities as a function of distance above the
stellar surface, z, in units of base pressure scale heights. Increasing
the period, P(s~ '), of the acoustic waves heating the chromosphere acts
to raise the upper chromospheric temperature in dwarfs. The oppesite
occurs in supergiants, as the waves tend to extend the density distri-
bution. (From Hartmann and MacGregor 1979).

giant gravities. The reason is that at low gravity the waves "push'
rather than heat, and the density distribution becomes extended. Such

a result is in general agreement with the suggestion of Linsky and Haisch
(1979) that mass loss suppresses high-temperature gas. However, these
calculations are only part of the story, for coronal formulation is not
accounted for even for dwarfs. In addition, the acoustic waves do not
cause mass loss, they just extend the atmosphere.

Alfven waves, on the other hand, are very efficient in driving mass loss
because of their long dissipation lengths. If one assumes wave surface
fluxes comparable to those adopted for solar wind models, it is possible
to arrive at reasonable mass loss rates. However, such wave-driven winds
generally result in very high-velocity winds, unless some damping occurs
within a few stellar radii (Fig. 7). Ion-neutral damping may become very
important in winds that are observationally known to be substantially neu-
tral. Magnetic theories are unsatisfying in general because of the lack
of observational quantities available for test. However, mechanical
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Figure 7 - Velocity structures of cool Alfven-wave driven winds for
supergiants. Models in which the Alfven waves are undamped (A = «) have
high terminal velocities. It is necessary to damp out the wave energy

within 1 Rs of the surface in order to obtain terminal velocities of
tens of km s™?!.

energy dissipation of the magnitude required to drive observed mass loss
will necessarily result in heating of the wind, probably at larger dis-
tances than acoustic waves can be effective (Hartmann and MacGregor
1979). Therefore extended warm chromosbheres seem to be a necessary
feature of such wind models; this should be amenable to observational
test, particularly with Zeta Aur systems.

We feel that recent observational evidencc, such as that of hybrid chromo-
spheres and winds, strengthens the case for a more unified picture of
solar and stellar activity than has been presented in the past. Whether
mass loss as well as chromospheric and coronal heating is a result of
solar-type turbulence and activity operating in lower-gravity environ-
ments is a question that the new ultraviolet and X-ray observations,

probing high-temperature atmospheric regions, may be able to answer.

This work is supported in part by NASA Grant NSG 5370 to the Harvard
College Observatory.
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RELATIONSHIP BETWEEN ENVELOPE STRUCTURE AND ENERGY SOURCE OF NON-THERMAL MOTICNS

Hiroyasu Ando
Tokyo Astronomical Observatory, University of Tokyo
Mitaka, Tokyo, Japan 181

Abstract

The ionization zone in the envelope of the late type stars is reasonably con-
sidered as a heat engine to transform some of the radiative energy into mechanical
energy. This idea is suggestive for explaining Linsky and Haisch's (1373) observa-
tion, which shows the sharp division into solar~type and non~solar type stars in the
outer atmosphere. Also non-thermal velocity fields in "microturbulence" and in
Wilson-Bappu effect are proposed to be formed essentially from this engine. There-
fore, their envelope structure dependence observationally obtained is possibly ex-
plained by the envelope parameters (g, Te) dependence of the generated mechanical
energy flux in this layer. If "microturbulence® is not contaminated by the other
surface activities, it is expected to show a clear relation with envelope parameters

{g, T.) similar to Wilson-Bappu effect.

AN ANALYSIS QOF MICROTURBULENCE IN THE ATMOSPHERE OF THE F-TYPE SUPERGIANT GAMMA CYGNT

A.A. Boyarchuk and L.S. Lyubimkov
The Crimean Astrophysical Observatory

P/0 Nauchny, Crimea, 334413, U.S.S.R.

Abstract

We have analysed high dispersion spectra of the supergiant y Cyg (F8 Ib}. On
the basis of the curve of growth method it has been shown that there is no dependence
of microturbulent velocity Et on excitation potentials of spectral lines. Using mo-—
del atmospheres we considered about 100 Fe I lines and found that no constant value
Et makes possible to remove the systematic discrepancy in iron abundance between

groups of lines with different equivalent widths. The depth dependence of microtur-
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bulence in the atmosphere is investigated. It is shown that parameter Et increases

outwards from about 0~1 km/s at the optical depth Tsoea = 0.2 to 10 km/s at the depth
-3

TS = 10 °. peduced function gt(TSDGG) gives the same iron gbundance log £€(Fe) =
000
7.45 * 0.05 for all groups of Fe I lines. The detailed analysis will be published in

Izv. Crimean Astrophys. Obs.

THE SOLAR CHROMOSPHERIC MICROTURBULENCE

AND
THE EMISSION OBSERVED AT ECLIPSE

Y. Cuny
Observatoire de Paris

92190 Meuwdon, France

Abstract

For a long time there was not a clear interpretation of the fact that the emis-
sion observed at eclipse is systematically too high compared with predictions based
on disk observations. This discrepancy has been attributed to the hydrogen density,
the atomic abundances, or the multiplet excitation temperatures, the physical cause
being assumed to be some inhomogeneities. We have shown (Liege 1978, under press)
that it can be attributed to the microturbulence. The radiative energy absorbed in
the doppler width of the absorption profiles of lines, produces high excitation tem-
peratures. The relative abundances of Ba II, Sr II, Ti II with these excitation tem~
peratures are in agreement with the photospheric abundances.

Assuming photospheric abundances, we get the hydrogen density versus the altitude
while the observations give ne np/Tesfz. The sclution of these two eguations, taking
account of non-LTE for hydrogen but without the assumption of hydrostatic eguilibrium,
gives a chromospheric model. The model obtained is very near the usual gquiet chromo-
spheric models based on disk data.

This work confirms the validity of our assumption of the influence of microtur-

bulence on the chromospheric emission observed at eclipse.
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EXCITATION DEPENDENT GF-VALUES AND DEPTH DEPENDENT MICROTURBULENCES

Toshico Hasegawa
Hokkaido University of Education

Asahikawa, 070, Japan

Abstract

The velocity of microturbulence is frequently determined from Fe I lines. Un~

fortunately classical gf-values of this element have excitation dependent errors.

In the absolute curve of growth analysis of some F-type stars with new gf-values,

the author found that a great part of the depth dependence {i.e. excitation depend-
ence) of microturbulent velocity, which had been derived by many authors with old gf-
values, is the consequence of these errors.

The errors of old gf-values increased with excitation potential and the errors
were compensated by adopting velocities of microturbulence decreasing with excitation
potential. On the other hand, gf-values of ionized elements (e.g. Ti II and Fe II)
are not changed as much as those of Fe I, accordingly the ionization dependence can

also be eliminated.

ON THE STRUCTURAL AND STOCHASTIC MOTICNS IN THE SOLAR AND STELLAR ATMOSPHERES

E.I. Mogilevsky
Izmiran, USSR, Academy of Sciences

Moscow, U.S.8.R.

Abstract

BExistence of discrete structures of velocity V and magnetic field B in stellar

atmospheres follows from the Vlasov's integral egquation

Fdt = F(v B, T...) (1)
where¥(u,¥,r) is a statistical function of the distxibution of the elements of matter
having masses m = % and velocities, v, dt is elementary phase volume, F is functional
which arrange the ties between macrovelocity, magnetic field, temperature, etc., pro-

viding self containment of cosmic plasma. The self containment of cosmic plasma
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leads to some specific fundamental properties of solar and stellar atmospheres.

Equation {1) has discrete solutions, implying the existence of the structural
hierarchy, with definite characteristics for the density, velocity, magnetic field,
etc. As a result, "strange" phenomena take place in the solar and stellar atmospheres,
for example: Magnetization, non-balancing of the magnetic fluxes in N and S polarit-
ies, surprising fast dynamics of the active phenomena, the non-classical values of
electro and conductivity, etc.

The predominance of filamentary structures, which are well observed in the solar

atmosphere, leads to the stochasticity and quasiperiodicity of motions.

I U E OBSERVATIONS OF CIRCUMSTELLAR LINES AND MASS LOSS FROM B-STAR

S.P., Tarafdar, K.S. Krishna Swamy and M.S. Vardya
Tata Institute of Fundamental Research
Homi Bhabha Road, Bombay 400 005, India

Abstract

The circumstellar lines due to A T - X'I transition of CO has been identified
for the first time in the spectra of an early type star. The spectrum, taken from the
Internaticnal Ultraviolet Explorer between 1150 - 1900 K, of 9 Cep, a B2Ib star with
E(B-V} = 0.47, shows not only the interstellar absorption lines of OQ but also absorp-
tion features shifted towards short wavelength relative to the interstellar lines.

The amount of shifts towards short wavelength from the 1 - 0, 2 -0, 3 -0, 4 -0, &
6 — 0 interstellar absorption bands of CO has been found to be fairly close and corre-
sponds to a velocity of 450 km sec '. all attempts to identify these set of lines in
a consistent way with atomic or ionic lines have yielded essentially negative results.
This has led us to tentatively identify these lines due to circumstellar C0 around 9
Cep. An estimate of rate of mass loss from the circumstellar (0-column density leads

to a value of h y 10" !} M yr 1.
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ON THE ESTABLISHMENT OF INTERNALLY CONSISTENT ABUNDANCE-OSCILLATOR STRENGTH SCALES

E.A. Gurtovenko and R.I. Kostik
Main Astronomical Observatory of the Ukrainian Academy of Sciences

Kiev 127, U.S.S.R.

Abstract

The method of establishing of internally consistent abundance-oscillator strength
scales by using solar fraunhofer lines is elaborated and investigated.

The error of internal accuracy should not exceed 0.05 - 0.06 dex. The absolute
accuracy depends on the accuracy of "reference" gf-values.

The oscillator strengths for about 800 Fe I lines are cbtained. The comparison
of the results for 19 lines common in our and Blackwell et al. (1976) investigations

gives the difference log ng - log gfau = A = -0.044 * 0.010. The accidental

part of the difference actuaii;kdetermines zge internal accuracy of the obtained os-
cillator strengths.

The Kurucz and Peytremann (1975) oscillator strengths for Fe I lines are analysed.
lLarge systematic errors depending on gf and excitation potential are revealed and in-
vestigated. For some lines those errors may change the true values of gf by two orders

of magnitude,.

DIFFERENTIAL ROTATION AND MAGNETIC ACTIVITY OF THE LOWER MAIN SEQUENCE STARS

G. Belvedere
Istituto A'Astronomica dell'Universita di Catania
1-95125, Catania, Italy
L. Paterno
Osservatorioc Astrofisico di Catania
1-95125, Catania, Italy
M. Stix
Kiepenheuer Institut flir Sonnenphysik

D-7800 Freiburg, Germany
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Abstract

We extend to the lower main sequence stars the analysis of convection interacting
with rotation in a compressible spherical shell, already applied to the solar case
(Belvedere and Paterno, 1977; Belvedere et al. 1979a). We assume that the coupling
constant £ between convection and rotation, does not depend on the spectral type.
Therefore we take £ determined from the observed differential rotation of the Sun,
and compute differential rotation and magnetic cycles for stars ranging from F5 to MO,
namely for those stars which are supposed to possess surface convection zones {Belve-
dere et al. 1279k, ¢, 4). The results show that the strength of differential rotation
decreases from a maximum at F5 down to a minimum at G5 and then increases towards la-
ter spectral types. The computations of the magnetic cycles based on the aw-dynamo
theory show that dynamo instability decreases from F5 to G5, and then increases to-
wards the later spectral types reaching a maximum at MO. The period of the magnetic
cycles increases from a few years at F5 to about 100 years at MO. Alsoc the extension
of the surface magnetic activity increases substantially towards the later spectral
types. The results are discussed in the framework of Wilson's (1978) observations.
References

Belvedere, G. and Paterno, L. 1977 Solar Phys. 54, 2B9.

Belvedere, G., Paterno, L. and Stix, M. 1979a Geophys. Astrophys. Fluid Dyn. (in press).
Belvedere, G., Paterno, L. and Stix, M. 1979b Astron. Astrophys., submitted.
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CHANGES OF PHOTOSPHERIC LINE ASYMMETRIES WITH EFFECTIVE TEMPERATURE

David F. Gray
Department of Astronomy, University of Westerxn Ontario

London, Canada

Abstract

Asymmetries in photospheric lines were described briefly in my earlier contribu-
tion te these proceedings and in more detail in the January 15, 1980 issue of the Ap.
J. The cores of the stronger lines in a Boo (K2III) show a blue shift, quite opposite

to the effect seen in the soclar lines. Suspecting this difference to be due to the
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dere et al. 1279k, ¢, 4). The results show that the strength of differential rotation
decreases from a maximum at F5 down to a minimum at G5 and then increases towards la-
ter spectral types. The computations of the magnetic cycles based on the aw-dynamo
theory show that dynamo instability decreases from F5 to G5, and then increases to-
wards the later spectral types reaching a maximum at MO. The period of the magnetic
cycles increases from a few years at F5 to about 100 years at MO. Alsoc the extension
of the surface magnetic activity increases substantially towards the later spectral
types. The results are discussed in the framework of Wilson's (1978) observations.
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CHANGES OF PHOTOSPHERIC LINE ASYMMETRIES WITH EFFECTIVE TEMPERATURE

David F. Gray
Department of Astronomy, University of Westerxn Ontario

London, Canada

Abstract

Asymmetries in photospheric lines were described briefly in my earlier contribu-
tion te these proceedings and in more detail in the January 15, 1980 issue of the Ap.
J. The cores of the stronger lines in a Boo (K2III) show a blue shift, quite opposite

to the effect seen in the soclar lines. Suspecting this difference to be due to the
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shift in ionization with effective temperature, two other stars were measured, one
slightly hotter than o Boo (8 Gem KOIII) and one slightly cooler (B8 UMi K4IV). The
preliminary results seem to confirm the effective temperature dependence since no
asymmetries were found for B Gem and stronger blue-shifted core asymmetries were

found for £ UMi.

SMALL-SCALE VERSUS LARGE SCALE MOTIONS IN THE SOLAR ATMOSPHERE DERIVED FROM

A NON-~LTE CALCULATION OF MULTIPLET 38 OF Ti I

R. Cayrel
CPHT Corporation, Waimea Office
Kamuela HA 56743, U.S.A.
S. Dumont and P. Martin
Cbservatoire de Meudon

F-92190 Meudon, France

Abstract

A non-LTE computation of multiplet 38 of Ti I (11 lines) has been undertaken in
order to determine small and large scale unresolved motions contiibuting to the Dop-
pler broadening of solar lines at the centre of the disk (vertical motions) and at the
edge of the disk (horizontal motions).

The abundance of Titanium and the total Doppler velocity (all scales) are deter-
mined by fitting cbserved and computed profiles of weak unsaturated lines (W < 12 mA)
of the multiplet. Then saturated lines having the same lower level as the weak lines
are computed for a variety of partitions of the total kinetic energy between the small
scale and the large scale modes going from 0% small scale to 100% small scale. Osci-
llator strengths with internal accuracies of about 2% from Wahling (1977) have been
used. The location of the observed profile (taken from Delbouille et al. for the
centre of the disk and from Brault and Testerman, KPNO for u = 0.2) among the computed
profiles yields the partition of the energy between the two modes.

The computations done so far with 4 levels and continuum give less than 20% of the
energy in the small scale mode. Further computations with more levels are needed to
establish this ratio with better accuracy. The total energy for vertical motions has
a root square velocity of about 1.4 km/sec whereas the same quantity is 2.2 km/sec for

horizontal motions.
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EFFECTS OF FLUX TUBES ON CONVENTIONAL CHROMOSPHERIC DIAGNOSTICS

Thomas R. Ayres
JILA and University of Colorado
Boulder CO 80309

Abstract

Magnetic flux tubes are usually envisioned as small discrete structures sparsely
distributed throughout an otherwise uniform "intertube" medium. 2An important distinc-
tion between the flux tubes and the surrounding atmosphere is the presence of a strong
chromospheric temperature inversion at high pressures in the flux tubes, while the
intertube component has only a mild, low pressure chromosphere, if any at all. This
implies that the flux tubes will be enormously brighter in conventional chromospheric
diagnostics than the intertube component. However, the unresolved magnetic elements’
cover perhaps only 10% of the "quiet" Sun at chromospheric heights. Consequently the
intense K and k emission cores are severely diluted. The net result is a weak emis-
sion reversal that is not characteristic of either the flux tube or intertube chromo-
sphere. Even in the thermal microwave continuum longward of 100 um, the flux tubes
can contribute significantly to low spatial resolution spectra. Consequently, the
spatially averaged microwave emission is also not characteristic of either of the dis-
tinct components.

If magnetic flux tubes are indeed the dominant class of atmospheric inhomogeneity
in the Sun and other cool stars, then single-component interpretations of spatially
unresolved data can be completely misleading, especially for inferring important aux-
iliary quantities, for example chemical abundances, line broadening parameters and
chromospheric energy budgets. In the latter case, chromospheric radiative cooling
rates derived from empirical mean models could be overestimated by up to an order of

magnitude.
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Erika BYhm-Vitense
University of Washington
Seattle, Washington 98195 USA

Let me start by saying that we have heard some excellent review papers and I doubt
very much that I can contribute much of importance in addition to what we have heard

already.

I alsc wish to apologize to all those who have made important contributions during
this meeting and who will not be mentioned in this 30-minute summary. If I wanted to

mention everybody I would just have enough time to read the program.

I. Origin of Non Thermal Motions

The possible origim which we discussed the first day are summarized briefly in Table T.
We did not come up with an explanation for the observed turbulence in B and O stars.
G. Nelson confirmed that convection cannot be it, even though radiation pressure has
some enhancing effects. K. Kodaira pointed out that circulation induced by rotation
is unlikely to be the origin. However, S.R. Sreenevasan informed us that shear tur-

bulence originating from inward increasing rotation might be a likely explanation.

For late type stars the general consensus seems to be that convection or at least the
convection zone 1is the generator for all observed motions-—except, of course, rotation.-
J.P. Zahn pointed out the difficulties which the theoreticians encounter when trying
to solve the highly nonlinear hydrodynamic equations in extended convection zones.

So far it has not beenpossible to derive theoretically the expected velocity field.
Therefore, I believe,the observers have to go to work and help the theoreticians.

G. Nelson (1978) has pointed out ways how to do it: The maximum velocity in the con-
vection zone is mainly determined by the turbulent exchange or the drag length while
the overshoot or penetration into the stable zone is mainly determined by the hori-
zontal scale. Therefore, I think such measurements as reported here by A, Nesis are
very important. Progress in convection theory has been made by the inclusion of the
pressure fluctuations which can be fairly large near the boundaries and lead to such
interesting effects as antibuoyancy. The inclusion of the pressure fluctuations en-
ables us to understand the observed scales of the granules (Nelson 1978) and the
exploding granules as Nordlund has shown in his movie which was one of the highlights
¢f this meeting, and we certainly would like to know more about the physics, numeri-
cal methods and boundary conditions that went into this numerical simulation of selar

granulation.
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There was some suggestion that in the mixing length theory of convection the mixing
length £ to be used should be two scale heights H instead of one in order to increase
the thickness of the convection zone as seems toc be required by P. Gilman's theory

of differential rotation and apparently also by the observed oscillation modes of the
sun. I would like to point out, however, that the possible increase in the extent

of the convection zone is limited by the observed solar lithium abundance which I
think does not permit the depth obtained for & = 2H.

I was quite surprised to hear a hydrodynamicist suggest to calibrate the elaborate
hydrodynamic theory with the mixing length theory. I always thought it should go
the other way.

Y. Osaki clearly pointed out the instabilities and the possible waves and

oscillations in the upper layers of the sun and late type stars, most of which are

actually observed in the sun as J. Becker showed. If observable in other stars they
could be used to probe the deeper invisible atmospheric layers as is done for the sun.
To the observers of special interest is the fact that the expected motions are an-
isotropic, mainly vertical, while the convective motions are mainly horizontal in the
stable surface layers, as we saw from A. Nordlund's velocity fields. Y. Osaki also
pointed out that G and K stars are expected to be overstable to many nonradial p
modes. If modern studies of turbulence confirm earlier observations indicating an
increase in microturbulence from G to K main sequence stars {Chaffee et al. 1971),
these instabilities could be the explanaticn., Convective motions are not expected

to increase towards cooler stars.

Since for the sun, for which we have high spatial and time resolution, we can disen-—
tangle the observed velocity fields in the k-w plane as J. Beckers demonstrated, we
might hope that solar observations can in the future give us the velocity distribu-
tions for the different velocity fields. J., Beckers pointed out to me, however, that
the observational integration over height would wipe out the information about the
velocity amplitudes. Fortunately L.E. Cram told us later that there may still be some
hope, though the relaxation times assumed to be negligible in his computations, will
have to be checked.

II. Observations of Velocity Fields in the Sun and Stars

After having reviewed the complicated fields of motion in the sun we turned to the
observed velocity fields in stars and the situation looks much simpler,at least from
the observer's point of view, clearly only an effect of aspect as R. Glebocki pointed

out nicely.

There was a divergence of opinions between theoreticians, who want to know the origin
of the observed velocity fields,while the observers can reasonably only investigate

what can be measured.
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At present there appear to be three ways to measure non-thermal motion fields. They

are briefly summarized in Table 2.

(1) We can measure line shifts or asymmetries which occur if velocity fluctuations
are correlated with intensity fluctuations or if asymmetries in the velocity field
are present, We have seen theoretical line profiles for acoustic waves and for
oscillations which beautifully demonstrated this. These asymmetries may help to
separate such velocity fields from others where the vebocity fluctuations are not
coupled with intensity fluctuations. D. Dravins' studies may prove to be very impor-
tant in this respect. The dependence on the excitation potential which gives infor-
mation about the depth dependence of the generating velocity field may be another
tool to separate different origins. Clearly theory and observation have to work in

close collaboration to extract this information.

(2) We can measure the increase in the equivalent widths which will occur if velo-
city gradients over scales smaller than Arv = 1 are present. This leads to the con-
cept of microturbulence. For different frequencies within the line the condition
A?v<l refers to different distances leading to some conceptual difficulties, A
Gaussian velocity distribution is assumed for the microturbulence field which, if
wrong, may lead to errors that have not yet been studied., The depth dependence of
the microturbulence can be studied by the investigation of lines with different exci-
tation potentials or of lines in spectral regions with large differences in the con-
tinuous k., The Goldberg-Unno method (1958, 1959) using different depth points in
line profiles of one multiplet suffers from the fact that the observations always
integrate over the whole line forming region and one cannot decide whether the larger

velocities are at the top or at the bottom of this layer.

{3) Line profiles can be measurad. They reflect all velocity fields including rota-
tion and therefore contain all the information but provide the largest difficulties
in separating the different fields. After correcting for instrumental broadening,
for thermal broadening and microturbulence, for rotation and for observational noise,
the broadening that is left over is called macroturbulence, again assumed to have a
Gaussian velocity distribution which, if wrong, can cause large errors in the sepa-
ration of rotation and macroturbulence, (htainable only after so many deconvolutions
it will generally not be determined accurately. Since this turbulence does not in-
creagse the line strength it must refer to scales Arv>1. Large scale velocity changes

occurring horizontally will be observed as macroturbulence.

The concepts of micro and macroturbulence have one property in common with the mixing
length theory: for many years they have been criticized strongly but are still wide-
ly used for lack of knowing anything better. 1In the turbulence case the new concept

of mesoturbulence 1s clearly a step forward since 1t does not rely on the assumption
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of either large or small scale velocity variations. It can be used for any scale of
velocity variations. In the approach actually used in the numerical work shown to

us by E. Sedlmayr it still uses orecorrelation length only which can have any size,
However, the formalism presented to us by H.-R. Gail can well be used for fields with
several correlation lengths. A correlation length of the order of Arv=l will influence
the equivalent width of the line, i.e. will manifest itself as microturbulence, but
will also show up in additional line broadening, interpreted as macroturbulence. We
have heard that the carefully determined values for microturbulence,--i.e. using the
correct model, the correct oscillator strengths f and abundances Z as well as the
correct damping constant y--and macroturbulence can be used directly to determine the

correlation length and the amplitude of the velocity field.

The concept of mesoturbulence clearly is not the ultimate solution, but,as G. Traving
pointed out privately, is still a method suggested due to our ignorance. Ultimately
we will have to determine the velocity distributions for the different velocity fields
and see if and how the line profiles differ for different fields. The solar observa-
tions may provide some guidance. Theory will have to help. Hopefully different
velocity fields will lead to measurably different line profiles or show different
dependences on excitation energles and wavelengths, which may be used to distinguish

different origins.

For the deconvolutions of the different con tributions to the line profile the Fourier
transformation, explored in this context egpecially by D, Gray, promises to be very
helpful provided the profiles from the different velocity fields are measurably dif-
ferent in the frequency domaine. As D. Gray pointed out we cannot expect miracles
from the Fourier transformation. Uncertain differences of line profiles in the fre-
quency domaine will remain uncertain in the Fourier domaine even though the differen-

ces may appear amplified.

III. Measured Values of Micro-and Macroturbulence
and their Origin

The modern carefully-determined micro-and macroturbulence velocities in F and G stars
increase with increasing luminosity and with increasing effective temperature in
accordance with the variations expected for the maximum convective velocities as

T. Gehren pointed out. This confirms the suspicion that for the F and G stars
micro-and macroturbulence have their origin in the convection zone. The measured
macroturbulence values are generally larger than the microturbulence velocities but
vary proportionately. In the concept of mesoturbulence as outlined by E. Sedlmayr
this iﬁdicates a correlation length somewhat larger than Atvcl,again in qualitative

agreement with mixing length theory expectations.
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Earlier measurements of microturbulence with wrong f values showed high microturbu-
lence values also for late A stars. There are, however, several indications—-see
below-~ that convection stops at FO. If microturbulence persists to higher tempera-
tures we probably have to come back to the suggestion of Baschek and Reimers 1969
that for these stars microturbulence may be due to a superposition of many pulsation

modes similar to the ones observed by L.B. Lucy for o Cyg.

IV. Effects of Velocity Fields on the QOutér
Layers of the Stars

R. Stein in his very clear review convinced us that none of the observed velocity
fields and also magnetohydrodynamic waves could be responsible for the heating of

the upper chromosphere and corona. Acoustic waves are dissipated in the lower chromos—
phere and can therefore well heat the lower chromosphere but they cannot penetrate

to higher layers. Gravity waves travel mainly horizontally and for Alfveén waves

the energy distribution over large volumes in the corona seems to be a problem. Again

the observers have to assist the theoreticilans.

If acoustic waves are indeed responsible for the heating of the lower chromosphere

then the energy input into these layers should be correlated with the acoustic energy
generation in the convection zones. R. Stein pointed out that along the main sequence
the acoustic energy generation in the convection zone increases roughly proportional

to T;?;. Most of this energy is absorbed already in the photosphere but roughly

10% may heat the lower chromosphere. We should then expect chromospheres for all

stars with convection zones. Indeed modern observations especially by the Internation-—
al Ultraviolet Explorer, IUE, reveals chromospheric emission line spectra for most late
type stars as J. Linsky has reviewed here., Our own observations (BShm-Vitense and
Dettmann 1979) show that for luminous stars chromospheric emission stops at the Cepheid
instability strip and on the main sequence for B~V = 0,3. This is also the color

for which the average rotation for stars begins to decrease and is also the red edge

of the gap in the two color diagram (BYhm-Vitense and Canterna 1974) which can also be
attributed to the abrupt onset of convection. As G. Nelson (1978) has pointed out
inhomogeneous photospheres of convective stars look more red than homogeneous ones.

Convective stars generally appear to have chromospheres-—except perhaps old stars~--.

If acoustic heating is responsible for the energy input into the lower chromosphere
then the energy loss of these layers should increase with increasing convective
velocities, i.e, with increasing Teff and luminosity. As J. Linsky pointed out, the
energy loss in the lower chromosphere can be measured by the MgII h and k line emission.
Ulmschneider claimed that a steep increase with Teff is indeed observed while R. Stein
expressed some doubt., Whether the MgII emission increases with increasing luminosity
is still debated. In J. Linsky's graph most of the G and K supergiants appear to have
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a larger emission than most of the G and K giants. There are, however, a few super-
glants which show very small MgIl emission (for instance j Aur and £ Cyg). It will
have to be checked whether interstellar absorption might have reduced their MgII
intensity. Measuring uncertainties also appear to be very large for these stars,
(see Weiler and Oegerle 1979). In the discussion of the luminosity dependence of
the energy input varying amounts of abscorption in the photosphere may also turn out

to be important.

Additional information about the heating of the lower layers may be obtained from the
Wilson Bappu effect. There are mainly two suggestions to explain the emission line
width luminosity correlation. One group wants to relate the increasing width to
the increasing "turbulent" velocities, the other group wants to explain it by an in-
creasing optical depth effect. I always found it very important that the width lumi-
nosity effect holds independently of the emission line strength which obviously can
be different for stars of the same luminosity. I wonder whether this can be understood
if the width is determined by the optical thickness in the emission lines. This has

not been discussed here.

Information about the transition layers can be obtained from the CIV emission lines.
The situation 1s, however, somewhat unclear since, as J. Linsky pointed out, based
on Mullan's study, the possibility exists that stellar winds may be an important
energy sink for the transition region and may even eliminate it. In fact the possi-
bility has been discussed here that for cool and luminous stars observable winds may
reach down to the MgII and Call emitting regions. For these stars the CIV lines be-
come invisible. It is still debated whether they disappear abruptly or continuously.
The early G supergiants observed by us (BUhm-Vitense and Dettmann 1979) show CIV

emission,

Additional information may be obtained from the observations o¢f old and metal poor
stars. T. Gehren pointed out that, as expected from convection theory, they have the
same observed microturbulence as young gtars. The acoustic heating should therefore
be the same. Wilson -(1966) and Kraft (1967) found, however, that the Call K2 emission
decreases with increasing age. TFrom a few IUE observations obtained so far I also
find a decrease in MglIl emission, This line, however, is still observable in a few
cases, but the far UV emission lines are completely invisible. Clearly more obser-
vations are needed before a final conclusion can be drawn. But based on those few
observations we may perhaps speculate that some acoustic heating does occur in the
layers which emit the CaIl and MgII lines but that in young star the layers which
emit the higher excitation lines are heated by another mechanism which decays with

increasing age and is probably connected with rotation and magnetic fields.
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It was very interesting to me that Y. Cuny pointed out that the absorption of photos—
pheric light, which may increase considerably with increasing turbulence, should not

be neglected in the energy balance of chromospheric lines.

V. Major Open Questions

Let me conclude in summary by listing the major open questions discussed at this
meeting:
1) Contributions of different velocity fields to the line broadening;
2) Origin of line broadening in A, B and O stars;
3) Origin of "chromospheres" in O and B stars;
4) The heating mechanism for the upper chromospheres, transition regions
and coronae in convective stars;
5) The explanation of the Wilson Bappu Effect,
a) is it due to an optical depth effect, or
b) is it due to the velocity field?
6) Can coronae, transition layers and upper chromospheres in cool luminous

stars be extinguished by stellar winds?
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